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1
Introduction

This book is concerned with the physical processes relatetet formation and evolution of
galaxies. Simply put, a galaxy is a dynamically bound systieat consists of many stars. A
typical bright galaxy, such as our own Milky Way, containsesvftimes 1@° stars and has a
diameter & 20kpc) that is several hundred times smaller than the meparaton between
bright galaxies. Since most of the visible stars in the Ursigebelong to a galaxy, the number
density of stars within a galaxy is about’iimes higher than the mean number density of stars
in the Universe as a whole. In this sense, galaxies are \eéilhed, astronomical identities.
They are also extraordinarily beautiful and diverse olsjedhose nature, structure and origin
have intrigued astronomers ever since the first galaxy is\agge taken in the mid-nineteenth
century.

The goal of this book is to show how physical principles carubed to understand the for-
mation and evolution of galaxies. Viewed as a physical pgscgalaxy formation and evolution
involve two different aspects: (i) initial and boundary diions; and (ii) physical processes
which drive evolution. Thus, in very broad terms, our study eonsist of the following parts:

e Cosmology: Since we are dealing with events on cosmolodiiced and length scales, we
need to understand the space-time structure on large s€alesxan think of the cosmological
framework as the stage on which galaxy formation and evmiutke place.

¢ Initial conditions: These were set by physical processakérearly Universe which are be-
yond our direct view, and which took place under conditicarsdifferent from those we can
reproduce in earth-bound laboratories.

e Physical processes: As we will show in this book, the basigsiis required to study galaxy
formation and evolution includes general relativity, hydiynamics, dynamics of collision-
less systems, plasma physics, thermodynamics, electaouigs, atomic, nuclear and particle
physics, and the theory of radiation processes.

In a sense, galaxy formation and evolution can thereforehbeght of as an application of
(relatively) well-known physics with cosmological initiand boundary conditions. As in many
other branches of applied physics, the phenomena to beedtadé diverse and interact in many
different ways. Furthermore, the physical processeswabin galaxy formation cover some 23
orders of magnitude in physical size, from the scale of thivéise itself down to the scale of
individual stars, and about four orders of magnitude in tdoa&les, from the age of the Universe
to that of the lifetime of individual, massive stars. Putdtter, it makes the formation and
evolution of galaxies a subject of great complexity.

From an empirical point of view, the study of galaxy formatend evolution is very different
from most other areas of experimental physics. This is dumlypnéo the fact that even the
shortest timescales involved are much longer than that afraalm being. Consequently, we
cannot witness the actual evolution of individual galaxidswever, because the speed of light
is finite, looking at galaxies at larger distances from ugjighealent to looking at galaxies when
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2 Introduction

the Universe was younger. Therefore, we may hope to infer gimlaxies form and evolve by
comparing their properties, in a statistical sense, aedifit epochs. In addition, at each epoch
we can try to identify regularities and correspondencesrantioe galaxy population. Although
galaxies span a wide range in masses, sizes and morphgligiles extent that no two galaxies
are alike, the structural parameters of galaxies also ohggus scaling relations, some of which
are remarkably tight. These relations must hold importafdrimation regarding the physical
processes that underlie them, and any successful theorglafygformation has to be able to
explain their origin.

Galaxies are not only interesting in their own right, thesogblay a pivotal role in our study
of the structure and evolution of the Universe. They areHiripng-lived and abundant, and so
can be observed in large numbers over cosmological distaaraktime scales. This makes them
unique tracers of the evolution of the Universe as a whold, datailed studies of their large
scale distribution can provide important constraints asntological parameters. In this book we
therefore also describe the large scale distribution abdas, and discuss how it can be used to
test cosmological models.

In Chapter 2 we start by describing the observational ptagseof stars, galaxies and the large
scale structure of the Universe as a whole. Chafethrough?? describe the various physical
ingredients needed for a self-consistent model of galakp&tion, ranging from the cosmologi-
cal framework to the formation and evolution of individutis. Finally, in Chapterg?to ??we
combine these physical ingredients to examine how galdaies and evolve in a cosmological
context, using the observational data as constraints.

The purpose of this introductory chapter is to sketch ourenirideas about galaxies and
their formation process, without going into any detail. &ft brief overview of some observed
properties of galaxies, we list the various physical preesghat play a role in galaxy formation
and outline how they are connected. We also give a brieffidsticoverview of how our current
views of galaxy formation have been shaped.

1.1 The Diversity of the Galaxy Population

Galaxies are a diverse class of objects. This means thajaamber of parameters is required
in order to characterize any given galaxy. One of the maifsggfany theory of galaxy formation
is to explain the full probability distribution function afl these parameters. In particular, as we
will see in Chapter 2, many of these parameters are cordateth each other, a fact which any
successful theory of galaxy formation should also be abiepooduce.

Here we list briefly the most salient parameters that charaet a galaxy. This overview is
necessarily brief and certainly not complete. Howevergivss to stress the diversity of the
galaxy population, and to highlight some of the most impartdoservational aspects that galaxy
formation theories need to address. A more thorough deguripf the observational properties
of galaxies is given in Chapter 2.

(a) Morphology One of the most noticeable properties of the galaxy pomnasithe existence
of two basic galaxy types: spirals and ellipticals. Eligati galaxies are mildly flattened, ellip-
soidal systems that are mainly supported by the random metibtheir stars. Spiral galaxies, on
the other hand, have highly flattened disks that are mairgpauded by rotation. Consequently,
they are also often referred to as disk galaxies. The nanrafsppmes from the fact that the gas
and stars in the disk often reveal a clear spiral patternallyirfor historical reasons, ellipticals
and spirals are also called early- and late-type galaxéspactively.

Most galaxies, however, are neither a perfect ellipsoidanperfect disk, but rather a combi-
nation of both. When the disk is the dominant component|lifgseidal component is generally
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called the bulge. In the opposite case, of a large ellipsaigstem with a small disk, one typi-
cally talks about a disky elliptical. One of the earliesisslification schemes for galaxies, which
is still heavily used, is the Hubble sequence. Roughly sipgakthe Hubble sequence is a se-
quence in the admixture of the disk and ellipsoidal comptsigna galaxy, which ranges from
early-type ellipticals that are pure ellipsoids to latpeyspirals that are pure disks. As we will
see in Chapter 2, the important aspect of the Hubble sequetit many intrinsic properties of
galaxies, such as luminosity, color, and gas content, ahaypstematically along this sequence.
In addition, disks and ellipsoids most likely have very éifint formation mechanisms. There-
fore, the morphology of a galaxy, or its location along thébble sequence, is directly related to
its formation history.

For completeness, we stress that not all galaxies fall ;igpiral vs. elliptical classification.
The faintest galaxies, called dwarf galaxies, typicallyndd fall on the Hubble sequence. Dwarf
galaxies with significant amounts of gas and ongoing stam&bion typically have a very irreg-
ular structure, and are consequently called (dwarf) ifagu Dwarf galaxies without gas and
young stars are often very diffuse, and are called dwarfrgpthels. In addition to these dwarf
galaxies, there is also a class of brighter galaxies whogpmoetogy neither resembles a disk
nor a smooth ellipsoid. These are called peculiar galaxigsiaclude, among others, galax-
ies with double or multiple subcomponents linked by filanaepstructure and highly-distorted
galaxies with extended tails. As we will see, they are ugusdkociated with recent mergers or
tidal interactions. Although peculiar galaxies only catse a small fraction of the entire galaxy
population, their existence conveys important informatibout how galaxies may have changed
their morphologies during their evolutionary history.

(b) Luminosity and Stellar Mass Galaxies span a wide range in luminosity. The brightest
galaxies have luminosities ef 10121 ., where L, indicates the luminosity of the Sun. The exact
lower limit of the luminosity distribution is less well deéd, and is subject to regular changes,
as fainter and fainter galaxies are constantly being desaal; In 2007 the faintest galaxy known
was a newly discovered dwarf spheroidal Willman |, with aatdtiminosity somewhat below
1000Ls.

Obviously, the total luminosity of a galaxy is related totdatal number of stars, and thus to its
total stellar mass. However, the relation between lumig@sid stellar mass reveals a significant
amount of scatter, because different galaxies have diffstellar populations. As we will see in
Chapter??, galaxies with a younger stellar population have a highetimasity per unit stellar
mass than galaxies with an older stellar population.

An important statistic of the galaxy population is its lumgity probability distribution func-
tion, also known as the luminosity function. As we will seedhapter 2, there are many more
faint galaxies than bright galaxies, so that the faint orlearty dominate the number density.
However, in terms of the contribution to the total luminggiensity, neither the faintest nor the
brightest galaxies dominate. Instead, it is the galaxigl wicharacteristic luminosity similar
to that of our Milky Way that contribute most to the total lurasity density in the present-day
Universe. This indicates that there is a characteristiledoagalaxy formation, which is accen-
tuated by the fact that most galaxies that are brighter thigrcharacteristic scale are ellipticals,
while those that are fainter are mainly spirals (at the vaigtfend dwarf irregulars and dwarf
spheroidals dominate). Understanding the physical on§ithis characteristic scale has turned
out to be one of the most challenging problems in contemgaalaxy formation modeling.

(c) Size and Surface Brightness As we will see in Chapter 2, galaxies do not have well defined
boundaries. Consequently, several different definiti@mgte size of a galaxy can be found in
the literature. One measure often used is the radius englastertain fraction (e.g., half) of the
total luminosity. In general, as one might expect, brighedaxies are bigger. However, even for
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a fixed luminosity, there is a considerable scatter in sizef, surface brightness, defined as the
luminosity per unit area.

The size of a galaxy has an important physical meaning. kghdaxies, which are rotation
supported, the sizes are a measure of their specific angolaremta (see Chaptér?). In the
case of elliptical galaxies, which are supported by randoations, the sizes are a measure
of the amount of dissipation during their formation (see @ba??). Therefore, the observed
distribution of galaxy sizes is an important constraintdataxy formation models.

(d) Gas Mass Fraction Another useful parameter to describe galaxies is their gakimass
fraction, defined adgas = Mcold/[Mcold + M., with Mcoiq @and M, the masses of cold gas and
stars, respectively. This ratio expresses the efficiendly which cold gas has been turned into
stars. Typically, the gas mass fractions of ellipticals regligibly small, while those of disk
galaxies increase systematically with decreasing sulfag@tness. Indeed, the lowest surface
brightness disk galaxies can have gas mass fractions isext@0 percent, in contrast to our
Milky Way which hasfgas~ 0.1.

(e) Color Galaxies also come in different colors. The color of a galeeflects the ratio of
its luminosity in two photometric passbands. A galaxy iglgaibe red if its luminosity in the
redder passband is relatively high compared to that in thertdassband. Ellipticals and dwarf
spheroidals generally have redder colors than spirals amdfdrregulars. As we will see in
Chapter??, the color of a galaxy is related to the characteristic ageraatallicity of its stellar
population. In general, redder galaxies are either oldenare metal rich (or both). Therefore,
the color of a galaxy holds important information regarditsgstellar population. However,
extinction by dust, either in the galaxy itself, or along time-of-sight between the source and
the observer, also tends to make a galaxy appear red. As Wweawjlseparating age, metallicity
and dust effects is one of the most daunting tasks in obsemaiastronomy.

(f) Environment  As we will see in§§2.5-2.7, galaxies are not randomly distributed throughout
space, but show a variety of structures. Some galaxies eageld in high density clusters con-
taining several hundreds of galaxies, some in smaller groaptaining a few to tens of galaxies,
while yet others are distributed in low-density filamentargheet-like structures. Many of these
structures are gravitationally bound, and may have plapethportant role in the formation and
evolution of the galaxies. This is evident from the fact thiptical galaxies seem to prefer
cluster environments, whereas spiral galaxies are mainlgd in relative isolation (sometimes
called the field). As briefly discussed§.2.8 below, it is believed that this morphology-density
relation reflects enhanced dynamical interaction in demseronments, although we still lack a
detailed understanding of its origin.

(9) Nuclear Activity For the majority of galaxies, the observed light is consisteith what
we expect from a collection of stars and gas. However, a dngaltion of all galaxies, called
active galaxies, show an additional non-stellar compoiretiteir spectral energy distribution.
As we will see in Chapte??, this emission originates from a small region in the centéthese
galaxies, called the active galactic nucleus (AGN), and#oeiated with matter accretion onto
a supermassive black hole. According to the relative ingoan¢ of such non-stellar emission,
one can separate active galaxies from normal (or non-agalaxies.

(h) Redshift Because of the expansion of the Universe, an object thattieefaaway will have

a larger receding velocity, and thus a larger redshift. &the light from high-redshift galaxies
was emitted when the Universe was younger, we can studygaladution by observing the
galaxy population at different redshifts. In fact, in a ist&tal sense the high-redshift galaxies
are the progenitors of present-day galaxies, and any cedandbke number density or intrinsic
properties of galaxies with redshift give us a direct windmwthe formation and evolution of the
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cosmological initial and boundary conditions

¥

‘ gravitational instability ‘

‘ dark halo (dark matter + gas)

dissipative ‘ gaseous disk ‘ hot halo

collapse; 7
starburst

star formation
disk galaxy

starburst,

tidal tail . . bar instability
‘ dal ‘ ‘ AGN, tidal tail gas inflow

! ! AGN
% spheroidal system ‘ i

central bulge

l
| bulge/disk system | disk

Fig. 1.1. A logic-flow chart for galaxy formation. In the stiard scenario, the initial and boundary con-
ditions for galaxy formation are set by the cosmologicaihfesvork. The paths leading to the formation of
various galaxies are shown along with the relevant phygicatesses. Note, however, that processes do
not separate as neatly as this figure suggests. For examfilegas may not have the time to settle into a
gaseous disk before a major merger takes place.

elliptical

galaxy population. With modern, large telescopes we canataserve galaxies out to redshifts
beyond six, making possible for us to probe the galaxy pdjmuaback to a time when the
Universe was only about 10 percent of its current age.

1.2 Basic Elements of Galaxy Formation

Before diving into details, it is useful to have an overviefatle basic theoretical framework
within which our current ideas about galaxy formation andletion have been developed. In
this section we give a brief overview of the various physqmacesses that play a role during
the formation and evolution of galaxies. The goal is to pdewvihe reader with a picture of the
relationships among the various aspects of galaxy formatidoe addressed in greater detail in
the chapters to come. To guide the reader, Fig. 1.1 shows afian of galaxy formation, which
illustrates how the various processes to be discussed wntertwined. It is important to
stress, though, that this particular flow-chart reflectsoomrent, undoubtedly incomplete view of
galaxy formation. Future improvements in our understagdirgalaxy formation and evolution
may add new links to the flow-chart, or may render some of tileslshown obsolete.



6 Introduction

1.2.1 The Standard Model of Cosmology

Since galaxies are observed over cosmological length amel dcales, the description of their
formation and evolution must involve cosmology, the stufiyhe properties of space-time on
large scales. Modern cosmology is based upon the Cosmaldgimciple, the hypothesis that
the Universe is spatially homogeneous and isotropic, ansit&in’s theory of General Relativity,
according to which the structure of space-time is deterthiog the mass distribution in the
Universe. As we will see in Chapt@r, these two assumptions together lead to a cosmology (the
standard model) that is completely specified by the cureatfithe Universek, and the scale
factor,a(t), describing the change of the length scale of the Univertetie. One of the basic
tasks in cosmology is to determine the valuekoind the form ofa(t) (hence the spacetime
geometry of the Universe on large scales), and to show hoeredisles are related to physical
quantities in such a universe.

Modern cosmology not only specifies the large-scale gegnoétthe Universe, but also has
the potential to predict its thermal history and matter eahtBecause the Universe is expanding
and filled with microwave photons at the present time, it nhaste been smaller, denser and
hotter at earlier times. The hot and dense medium in the &#rlyerse provides conditions
under which various reactions among elementary partiokeslei and atoms occur. Therefore,
the application of particle, nuclear and atomic physicshthermal history of the Universe in
principle allows us to predict the abundances of all speafedementary particles, nuclei and
atoms at different epochs. Clearly, this is an important pathe problem to be addressed in
this book, because the formation of galaxies depends diyoia the matter/energy content of
the Universe.

In currently popular cosmologies we usually consider a ®rge consisting of three main
components. In addition to the ‘baryonic’ matter, the pngtaeutrons and electronst that make
up thevisible Universe, astronomers have found various indicationstergresence of dark
matter and dark energy (see Chapter 2 for a detailed distus$ithe observational evidence).
Although the nature of both dark matter and dark energy lisustknown, we believe that they
are responsible for more than 95 percent of the energy gesfdite Universe. Different cosmo-
logical models differ mainly in (i) the relative contribatis of baryonic matter, dark matter, and
dark energy, and (ii) the nature of dark matter and dark gnéxgthe time of writing, the most
popular model is the so-call@eCDM model, a flat universe in whick 75 percent of the energy
density is due to a cosmological constant21 percent is due to ‘cold’ dark matter (CDM),
and the remaining 4 percent is due to the baryonic matter owhah stars and galaxies are
made. Chapte?? gives a detailed description of these various componentsdascribes how
they influence the expansion history of the Universe.

1.2.2 Initial Conditions

If the cosmological principle held perfectly and the distition of matter in the Universe were
perfectly uniform and isotropic, there would be no struetformation. In order to explain the
presence of structure, in particular galaxies, we cleaggthsome deviations from perfect uni-
formity. Unfortunately, the standard cosmology does ndtsielf provide us with an explanation
for the origin of these perturbations. We have to go beyotasearch for an answer.

A classical, General Relativistic description of cosmglagexpected to break down at very
early times when the Universe is so dense that quantum sfieetexpected to be important. As
we will see in§??, the standard cosmology has a number of conceptual probidres applied
to the early Universe, and the solutions to these probleousingee an extension of the standard

T Although an electron is a lepton, and not a baryon, in cosgyolt is standard practice to include electrons when
talking of baryonic matter
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cosmology to incorporate quantum processes. One genar8eqaence of such an extension
is the generation of density perturbations by quantum fatains at early times. It is believed

that these perturbations are responsible for the formatidhe structures observed in today’s
Universe.

As we will see ing??, one particularly successful extension of the standarchotmy is the
inflationary theory, in which the Universe is assumed to hgoee through a phase of rapid,
exponential expansion (called inflation) driven by the waowenergy of one or more quantum
fields. In many, but not all, inflationary models, quantumtiliations in this vacuum energy can
produce density perturbations with properties consistéthtthe observed large-scale structure.
Inflation thus offers a promising explanation for the phgéigrigin of the initial perturbations.
Unfortunately, our understanding of the very early Uniegassstill far from complete, and we are
currently unable to predict the initial conditions for stture formation entirely from first prin-
ciples. Consequently, even this part of galaxy formati@otl is still partly phenomenological:
typically initial conditions are specified by a set of paraene that are constrained by observa-
tional data, such as the pattern of fluctuations in the miax@\background or the present-day
abundance of galaxy clusters.

1.2.3 Gravitational Instability and Structure Formation

Having specified the initial conditions and the cosmolobjicanework, one can compute how
small perturbations in the density field evolve. As we wikks$e Chapter??, in an expanding
universe dominated by non-relativistic matter, pertudres grow with time. This is easy to un-
derstand. A region whose initial density is slightly higtiean the mean will attract its surround-
ings slightly more strongly than average. Consequentigr-olense regions pull matter towards
them and become even more over-dense. On the other hand;dertee regions become even
more rarefied as matter flows away from them. This amplificatibdensity perturbations is
referred to as gravitational instability and plays an intaotrole in modern theories of structure
formation. In a static universe, the amplification is a ruveg process, and the density contrast
op/p grows exponentially with time. In an expanding universeyéeer, the cosmic expansion
damps accretion flows, and the growth rate is usually a pomerdf time, dp/p O tY, with

o > 0. As we will see in Chapte??, the exact rate at which the perturbations grow depends on
the cosmological model.

At early times, when the perturbations are still in what wiétte linear regime §p/p < 1),
the physical size of an overdense region increases with dingeto the overall expansion of
the Universe. Once the perturbation reaches overdedgif\o ~ 1, it breaks away from the
expansion and starts to collapse. This moment of ‘turn+aduvhen the physical size of the
perturbation is at its maximum, signals the transition frin@ mildly non-linear regime to the
strongly non-linear regime.

The outcome of the subsequent non-linear, gravitationtdgse depends on the matter con-
tent of the perturbation. If the perturbation consists dfileary baryonic gas, the collapse creates
strong shocks that raise the entropy of the material. Ifatadi cooling is inefficient, the system
relaxes to hydrostatic equilibrium, with its self-gravitglanced by pressure gradients. If the per-
turbation consists of collisionless matter (e.g., colckdaatter), no shocks develop, but the sys-
tem still relaxes to a quasi-equilibrium state with a mordess universal structure. This process
is called violent relaxation and will be discussed in Chap® Non-linear, quasi-equilibrium
dark matter objects are called dark matter halos. Theiripiedi structure has been thoroughly
explored using numerical simulations, and they play a pivatle in modern theories of galaxy
formation. Chapte?? therefore presents a detailed discussion of the struchddéamation of
dark matter halos. As we shall see, halo density profileqpeshapins and internal substructure
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all depend very weakly on mass and on cosmology, but the @meoedand characteristic density
of halos depend sensitively on both of these.

In cosmologies with both dark matter and baryonic matterhss the currently favored CDM
models, each initial perturbation contains baryonic gasanilisionless dark matter in roughly
their universal proportions. When an object collapsesg#r& matter relaxes violently to form a
dark matter halo, while the gas shocks to the virial tempeeeat,;. (see§??for a definition) and
may settle into hydrostatic equilibrium in the potentiallved the dark matter halo if cooling is
slow.

1.2.4 Gas Cooling

Cooling is a crucial ingredient of galaxy formation. Depgmgdon temperature and density,
a variety of cooling processes can affect gas. In massivashalhere the virial temperature
Tvir > 107K, gas is fully collisionally ionized and cools mainly thrgiu Bremsstrahlung emis-
sion from free electrons. In the temperature rang&1& T,i; < 10°K, a number of excitation
and de-excitation mechanisms can play a role. Electronsa@mbine with ions, emitting a
photon, or atoms (neutral or partially ionized) can be exthty a collision with another particle,
thereafter decaying radiatively to the ground state. Sdifferent atomic species have different
excitation energies, the cooling rates depend stronglyherchemical composition of the gas.
In halos withTyi; < 10°K, gas is predicted to be almost completely neutral. Thisngfly sup-
presses the cooling processes mentioned above. Howewea\ify elements and/or molecules
are present, cooling is still possible through the colhisilexcitation/de-excitation of fine and hy-
perfine structure lines (for heavy elements) or rotationdlar vibrational lines (for molecules).
Finally, at high redshiftsz> 6), inverse Compton scattering of cosmic microwave baakgo
photons by electrons in hot halo gas can also be an effeativling channel. Chapte?? will
discuss these cooling processes in more detail.

Except for inverse Compton scattering, all these coolinghmaisms involve two particles.
Consequently, cooling is generally more effective in higtlensity regions. After non-linear
gravitational collapse, the shocked gas in virialized bahay be dense enough for cooling to be
effective. If cooling times are short, the gas never comdsytirostatic equilibrium, but rather
accretes directly onto the central protogalaxy. Even ifliogas slow enough for a hydrostatic
atmosphere to develop, it may still cause the denser ingésre of the atmosphere to lose pres-
sure support and to flow onto the central object. The net&ffeznoling is thus that the baryonic
material segregates from the dark matter, and accumulsi@srese, cold gas in a protogalaxy at
the center of the dark matter halo.

As we will see in Chapte??, dark matter halos, as well as the baryonic material aswsatia
with them, typically have a small amount of angular momentufthis angular momentum
is conserved during cooling, the gas will spin up as it flowsards, settling in a cold disk in
centrifugal equilibrium at the center of the halo. This is #tandard paradigm for the formation
of disk galaxies, which we will discuss in detail in Chap?er

1.2.5 Star Formation

As the gas in a dark matter halo cools and flows inwards, itsgsal/ity will eventually dominate
over the gravity of the dark matter. Thereafter it collapsader its own gravity, and in the
presence of effective cooling, this collapse becomes trafasc. Collapse increases the density
and temperature of the gas, which generally reduces thengdohe more rapidly than it reduces
the collapse time. During such runaway collapse the gagiateay fragment into small, high-
density cores that may eventually form stars (see Ch&@jethus giving rise to a visible galaxy.
Unfortunately, many details of these processes are stilean In particular, we are still
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Fig. 1.2. Aflow chart of the evolution of an individual galaxyhe galaxy is represented by the dashed box
which contains hot gas, cold gas, stars and a supermasaietimle (SMBH). Gas cooling converts hot gas
into cold gas, star formation converts cold gas into stard,dying stars inject energy, metals and gas into
the gas components. In addition, the SMBH can accrete gés lob and cold) as well as stars, producing
AGN activity which can release vast amounts of energy whiféctaprimarily the gaseous components
of the galaxy. Note that in general the box will not be closgds can be added to the system through
accretion from the intergalactic medium and can escape dtexygthrough outflows driven by feedback
from the stars and/or the SMBH. Finally, a galaxy may mergat@ract with another galaxy, causing a
significant boost or suppression of all these processes.

unable to predict the mass fraction of, and the time-scajafself-gravitating cloud to be trans-
formed into stars. Anotherimportantand yet poorly-untterd issue is concerned with the mass
distribution with which stars are formed, i.e. the initiahgs function (IMF). As we will see in
Chapter??, the evolution of a star, in particular its luminosity asdtion of time and its eventual
fate, is largely determined by its mass at birth. Predictiohobservable quantities for model
galaxies thus require not only the birth rate of stars as atiom of time, but also their IMF.
In principle, it should be possible to derive the IMF from ffipsinciples, but the theory of star
formation has not yet matured to this level. At present orethassume an IMBd hoc and
check its validity by comparing model predictions to obsdions.

Based on observations, we will often distinguish two modestar formation: quiescent star
formation in rotationally supported gas disks, and stastsur The latter are characterized by
much higher star formation rates, and are typically confirwettlatively small regions (often
the nucleus) of galaxies. Starbursts require the accumnlef large amounts of gas in a small
volume, and appear to be triggered by strong dynamicaldotiems or instabilities. These pro-
cesses will be discussed in more detaifin2.8 below and in Chapté&?. At the moment, there
are still many open questions related to these differentanod star formation. What fraction of
stars formed in the quiescent mode? Do both modes produtar gtepulations with the same
IMF? How does the relative importance of starbursts scatle tivhe? As we will see, these and
related questions play an important role in contemporargieteoof galaxy formation.
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1.2.6 Feedback Processes

When astronomers began to develop the first dynamical méatedslaxy formation in a CDM
dominated universe, it immediately became clear that mastdnic material is predicted to
cool and form stars. This is because in these ‘hierarchgtalcture formation models, small
dense halos form at high redshift and cooling within thenredjrted to be very efficient. This
disagrees badly with observations, which show that onlyadively small fraction of all baryons
are in cold gas or stars (see Chapter 2). Apparently, somsigaiyprocess must either prevent
the gas from cooling, or reheat it after it has become cold.

Even the very first models suggested that the solution topttublem might lie in feedback
from supernovae, a class of exploding stars that can proglumenous amounts of energy (see
§?7). The radiation and the blastwaves from these supernovgédes (or reheat) surrounding
gas, blowing it out of the galaxy in what is called a galactinav These processes are described
in more detail ing?? and§??2.

Another important feedback source for galaxy formationrsvjgled by Active Galactic Nu-
clei (AGN), the active accretion phase of supermassivekiilates (SMBH) lurking at the centers
of almost all massive galaxies (see Chaf®r This process releases vast amounts of energy —
this is why AGN are bright and can be seen out to large distnekich can be tapped by sur-
rounding gas. Although only a relatively small fraction oépent-day galaxies contain an AGN,
observations indicate that virtually all massive sphesaidntain a nuclear SMBH (see Chap-
ter 2). Therefore, it is believed that virtually all galaxi&ith a significant spheroidal component
have gone through one or more AGN phases during their life.

Although it has become clear over the years that feedbadepses play an important role
in galaxy formation, we are still far from understanding efhprocesses dominate, and when
and how exactly they operate. Furthermore, to make accpratctions for their effects, one
also needs to know how often they occur. For supernovaedhisines a prior understanding of
the star formation rates and the IMF. For AGN it requires us@mding how, when and where
supermassive black holes form, and how they accrete mass.

It should be clear from the above discussion that galaxy &bion is a subject of great com-
plexity, involving many strongly intertwined processeshidTis illustrated in Fig. 1.2, which
shows the relations between the four main baryonic comperadra galaxy, hot gas, cold gas,
stars, and a supermassive black hole. Cooling, star foomaiGN accretion and feedback
processes can all shift baryons from one of these compotematsother, thereby altering the
efficiency of all the processes. For example, increasedragpalf hot gas will produce more
cold gas. This in turn will increases the star formation raence the supernova rate. The ad-
ditional energy injection from supernovae can reheat calsl thereby suppressing further star
formation (negative feedback). On the other hand, superbtastwaves may also compress the
surrounding cold gas, so as to boost the star formation patsit{ve feedback). Understanding
these various feedback loops is one of the most importanirdredtable issues in contemporary
models for the formation and evolution of galaxies.

1.2.7 Mergers

So far we have considered what happens to a single, isolgtteins of dark matter, gas and
stars. However, galaxies and dark matter halos are notésbld-or example, as illustrated in
Fig. 1.2, systems can accrete new material (both dark arydbiarmatter) from the intergalactic
medium, and can lose material through outflows driven bylfaek from stars and/or AGN. In

addition, two (or more) systems may merge to form a new sysigimvery different properties

from its progenitors. In the currently popular CDM cosmaésg the initial density fluctuations
have larger amplitudes on smaller scales. Consequentlyndatter halos grow hierarchically,
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Fig. 1.3. A schematic merger tree, illustrating the merdstony of a dark matter halo. It shows, at three
different epochs, the progenitor halos that at timbave merged to form a single halo. The size of each
circle represents the mass of the halo. Merger historiesadf thatter halos play an important role in
hierarchical theories of galaxy formation.

in the sense that larger halos are formed by the coalescerergifig) of smaller progenitors.
Such a formation process is usually called a hierarchicdlaitom-up’ scenario.

The formation history of a dark matter halo can be described bnerger tree’ that traces
all its progenitors, as illustrated in Fig. 1.3. Such metgees play an important role in modern
galaxy formation theory. Note, however, that illustras@uch as Fig. 1.3 can be misleading. In
CDM models part of the growth of a massive halo is due to mergiith a large number of much
smaller halos, and to a good approximation, such mergerse#rought of as smooth accretion.
When two similar mass dark matter halos merge, violent eglar rapidly transforms the orbital
energy of the progenitors into the internal binding enerige quasi-equilibrium remnant. Any
hot gas associated with the progenitors is shock-heatedgdtire merger and settles back into
hydrostatic equilibrium in the new halo. If the progenit@ds contained central galaxies, the
galaxies also merge as part of the violent relaxation pgyga®ducing a new central galaxy in
the final system. Such a merger may be accompanied by stranfpahation or AGN activity
if the merging galaxies contained significant amounts ofl gds. If two merging halos have
very different mass, the dynamical processes are lessnwiolde smaller system orbits within
the main halo for an extended period of time during which twacpsses compete to determine
its eventual fate. Dynamical friction transfers energynirits orbit to the main halo, causing
it to spiral inwards, while tidal effects remove mass fromatter regions and may eventually
dissolve it completely (see Chapt&?). Dynamical friction is more effective for more massive
satellites, but if the mass ratio of the initial halos is Eenough, the smaller object (and any
galaxy associated with it) can maintain its identity for addime. This is the process for the
build-up of clusters of galaxies: a cluster may be consiler® a massive dark matter halo
hosting a relatively massive galaxy near its center and rsateflites that have not yet dissolved
or merged with the central galaxy.

As we will see in Chapter8? and ??, numerical simulations show that the merger of two
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galaxies of roughly equal mass produces an object remimigdfean elliptical galaxy, and the
result is largely independent of whether the progenitogssairals or ellipticals. Indeed, current
hierarchical models of galaxy formation assume that mbsttiall, elliptical galaxies are merger
remnants. If gas cools onto this merger remnant with sigmtiangular momentum, a new disk
may form, producing a disk-bulge system like that in an etype spiral galaxy.

It should be obvious from the above discussion that mergless g crucial role in galaxy
formation. Detailed descriptions of halo mergers and gatagrgers are presented in Chaer
and ChapteP?, respectively.

1.2.8 Dynamical Evolution

When satellite galaxies orbit within dark matter halosyte&perience tidal forces due to the
central galaxy, due to other satellite galaxies, and dubdmbtential of the halo itself. These
tidal interactions can remove dark matter, gas and stams fh@ galaxy, a process called tidal
stripping (se&??), and may also perturb its structure. In addition, if theot@intains a hot gas
component, any gas associated with the satellite galaxyewilerience a drag force due to the
relative motion of the two fluids. If the drag force exceedsristoring force due to the satellite’s
own gravity, its gas will be ablated, a process called rapsqure stripping. These dynamical
processes are thought to play an important role in drivingxgeevolution within clusters and
groups of galaxies. In particular, they are thought to beiglar responsible for the observed
environmental dependence of galaxy morphology (see Chapte

Internal dynamical effects can also reshape galaxies. ¥ample, a galaxy may form in
a configuration which becomes unstable at some later timegekscale instabilities may then
redistribute mass and angular momentum within the galaeyeby changing its morphology. A
well-known and important example is the bar-instabilityhin disk galaxies. As we shall see in
§?7?, a thin disk with too high a surface density is susceptibla tmn-axisymmetric instability,
which produces a bar-like structure similar to that seendrrddl spiral galaxies. These bars
may then buckle out of the disk to produce a central ellipgladdmponent, a so-called ‘pseudo-
bulge’. Instabilities may also be triggered in otherwisshét galaxies by interactions. Thus, an
important question is whether the sizes and morphologigalakies were set at formation, or are
the result of later dynamical process (‘secular evolutiaer'it is termed). Bulges are particularly
interesting in this context. They may be a remnant of the $itmge of galaxy formation, or as
mentioned irg1.2.7, may reflect an early merger which has grown a new diskay result from
buckling of a bar. Itis likely that all these processes argantant for at least some bulges.

1.2.9 Chemical Evolution

In astronomy, all chemical elements heavier than heliuncatectively termed ‘metals’. The
mass fraction of a baryonic component (e.g. hot gas, coldsg@s) in metals is then referred to
as its metallicity. As we will see i§??, the nuclear reactions during the first three minutes of the
Universe (the epoch of primordial nucleosynthesis) preduzrimarily hydrogen+ 75%) and
helium (~ 25%), with a very small admixture of metals dominated byitith. All other metals

in the Universe were formed at later times as a consequenugctdar reactions in stars. When
stars expel mass in stellar winds, or in supernova explastbey enrich the interstellar medium
(ISM) with newly synthesized metals.

Evolution of the chemical composition of the gas and stagmilaxies is important for several
reasons. First of all, the luminosity and color of a stellapplation depend not only on its
age and IMF, but also on the metallicity of the stars (see @1&?). Secondly, the cooling
efficiency of gas depends strongly on its metallicity, in #emse that more metal-enriched gas
cools faster (seg§??). Thirdly, small particles of heavy elements known as duatrgs, which
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are mixed with the interstellar gas in galaxies, can absgrificant amounts of the starlight and
re-radiate it in infrared wavelengths. Depending on the @amhof the dust in the ISM, which
scales roughly linearly with its metallicity (s€87), this interstellar extinction can significantly
reduce the brightness of a galaxy.

As we will see in Chapte??, the mass and detailed chemical composition of the material
ejected by a stellar population as it evolves depend both@iMF and on its initial metallicity.
In principle, observations of the metallicity and abundaratios of a galaxy can therefore be
used to constrain its star formation history and IMF. In fica; however, the interpretation of
the observations is complicated by the fact that galaxiesacarete new material of different
metallicity, that feedback processes can blow out gas,gparipreferentially metals, and that
mergers can mix the chemical compositions of differenteapst

1.2.10 Stellar Population Synthesis

The light we receive from a given galaxy is emitted by a largenher of stars that may have
different masses, ages, and metallicities. In order tajngs the observed spectral energy dis-
tribution, we need to predict how each of these stars cartefbto the total spectrum. Unlike
many of the ingredients in galaxy formation, the theory eflat evolution, to be discussed in
Chapter??, is reasonably well understood. This allows us to computenty the evolution of
the luminosity, color and spectrum of a star of given initiedss and chemical composition, but
also the rates at which it ejects mass, energy and metalthimiaterstellar medium. If we know
the star formation history (i.e., the star formation rate &snction of time) and IMF of a galaxy,
we can then synthesize its spectrum at any given time by gddgether the spectra of all the
stars, after evolving each to the time under consideratioaddition, this also yields the rates
at which mass, energy and metals are ejected into the iellarsmedium, providing important
ingredients for modeling the chemical evolution of galaxie

Most of the energy of a stellar population is emitted in theagp, or, if the stellar population
is very young £ 10Myr), in the ultraviolet (se§??). However, if the galaxy contains a lot of
dust, a significant fraction of this optical and UV light magt@bsorbed and re-emitted in the
infrared. Unfortunately, predicting the final emergentcpen is extremely complicated. Not
only does it depend on the amount of the radiation absorbedsao depends strongly on the
properties of the dust, such as its geometry, its chemigaposition, and (the distribution of)
the sizes of the dust grains (S§29).

Finally, to complete the spectral energy distribution émitby a galaxy, we also need to
add the contribution from a possible AGN. Chapt€rdiscusses various emission mechanisms
associated with accreting SMBHs. Unfortunately, as we sei##, we are still far from being able
to predict the detailed spectra for AGN.

1.2.11 The Intergalactic Medium

The intergalactic medium (IGM) is the baryonic materiahlyibetween galaxies. This is and
has always been the dominant baryonic component of the tagivand it is the material from
which galaxies form. Detailed studies of the IGM can therefgive insight into the properties

of the pregalactic matter before it condensed into galaXissllustrated in Fig. 1.2, galaxies do
not evolve as closed boxes, but can affect the propertidsedfGM through exchanges of mass,
energy and heavy elements. The study of the IGM is thus agriaitpart of understanding how
galaxies form and evolve. As we will see in Cha@rthe properties of the IGM can be probed
most effectively through the absorption it produces in thecsra of distant quasars (a certain
class of active galaxies, see Chaf®@y. Since quasars are now observed out to redshifts beyond
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6, their absorption line spectra can be used to study theeptiep of the IGM back to a time
when the Universe was only a few percent of its present age.

1.3 Time Scales

As discussed above, and as illustrated in Fig. 1.1, the fbiomaf an individual galaxy in the
standard, hierarchical formation scenario involves tiieidong processes: the collapse and viri-
alization of dark matter halos, the cooling and condensatibgas within the halo, and the
conversion of cold gas into stars and a central supermasisigk hole. Evolving stars and active
AGN eject energy, mass and heavy elements into the intleisteedium, thereby determining
its structure and chemical composition and perhaps driwingls into the intergalactic medium.
Finally, galaxies can merge and interact, re-shaping theiphology and triggering further star-
bursts and AGN activity. In general, the properties of gisuare determined by the competition
among all these processes, and a simple way to charactegizelative importance of these pro-
cesses is to use the time scales associated with them. Hegiweve brief summary of the most
important time scales in this context.

e Hubble time: This is an estimate of the time scale on which the Universevetscde evolves.
Itis defined as the inverse of the Hubble constant §8&% which specifies the current cosmic
expansion rate. It would be equal to the time since the BiggBathe Universe had always
expanded at its current rate. Roughly speaking, this isithescale on which substantial
evolution of the galaxy population is expected.

e Dynamical time: This is the time required to orbit across an equilibrium dyical sys-
tem. For a system with madd and radiusR, we define it adqyn = /37/16Gp, where
P =3M/4nR3. This is related to the free-fall time, defined as the timeuneagl for a uniform,
pressure-free sphere to collapse to a point; astdyn/\/i.

e Cooling time: This time scale is the ratio between the thermal energy cbated the energy
loss rate (through radiative or conductive cooling) for a ggmponent.

e Star-formation time: This time scale is the ratio of the cold gas content of a gataxys
star-formation rate. It is thus an indication of how long dwid take for the galaxy to run out
of gas if the fuel for star formation is not replenished.

e Chemical enrichment time: This is a measure for the time scale on which the gas is emtiche
in heavy elements. This enrichment time is generally déffiefor different elements, depend-
ing on the lifetimes of the stars responsible for the bulkhefproduction of each element (see
§?29).

e Merging time: This is the typical time that a halo or galaxy must wait befexperiencing a
merger with an object of similar mass, and is directly relatethe major merger frequency.

e Dynamical frictiontime: This is the time scale on which a satellite objectin a larde lueses
its orbital energy and spirals to the center. As we will seé&?P this time scale is proportional
t0 Msay/ Mmain, WhereMsatis the mass of the satellite object aighai is that of the main halo.
Thus, more massive galaxies will merge with the centralxyaila a halo more quickly than
smaller ones.

These time scales can provide guidelines for incorpordtiaginderlying physical processes
in models of galaxy formation and evolution, as we descrilater chapters. In particular, com-
paring time scales can give useful insights. As an illustratconsider the following examples:

e Processes whose time scale is longer than the Hubble timestadly be ignored. For ex-
ample, satellite galaxies with mass less than a few perdehew parent halo normally have
dynamical friction times exceeding the Hubble time (§8@). Consequently, their orbits do
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not decay significantly. This explains why clusters of g@axave so many ‘satellite’ galax-
ies — the main halos are so much more massive than a typieadygidat dynamical friction is
ineffective.

e If the cooling time is longer than the dynamical time, hot géistypically be in hydrostatic
equilibrium. In the opposite case, however, the gas coplslig losing pressure support, and
collapsing to the halo center on a free-fall time withoutbishing any hydrostatic equilib-
rium.

o If the star formation time is comparable to the dynamicaktigas will turn into stars during
its initial collapse, a situation which may lead to the fotima of something resembling an
elliptical galaxy. On the other hand, if the star formationd is much longer than the cooling
and dynamical times, the gas will settle into a centrifugalipported disk before forming
stars, thus producing a disk galaxy ($4e4.5).

o If the relevant chemical evolution time is longer than thar ormation time, little metal
enrichment will occur during star formation and all stardl whd up with the same, initial
metallicity. In the opposite case, the star-forming gasoistinuously enriched, so that stars
formed at different times will have different metallicsi@nd abundance patterns (§28).

So far we have avoided one obvious question, namely, whheiirne scale for galaxy for-
mation itself? Unfortunately, there is no single useful mibn for such a time scale. Galaxy
formation is a process, not an event, and as we have seepyduisss is an amalgam of many
different elements, each with its own time scale. If, forrapée, we are concerned with its stellar
population, we might define the formation time of a galaxytesepoch when a fixed fraction
(e.g. 1% or 50%) of its stars had formed. If, on the other hamdare concerned with its struc-
ture, we might want to define the galaxy’s formation time as e¢poch when a fixed fraction
(e.g. 50% or 90%) of its mass was first assembled into a sirgkcb These two ‘formation’
times can differ greatly for a given galaxy, and even theileoing can change from one galaxy
to another. Thus it is important to be precise about defimitiben talking about the formation
times of galaxies.

1.4 A Brief History of Galaxy Formation

The picture of galaxy formation sketched above is largelseblaon the hierarchical cold dark
matter model for structure formation, which has been thedsted paradigm since the beginning
of the 1980s. In the following, we give an historical ovewief the development of ideas and
concepts about galaxy formation up to the present time. iBhit intended as a complete
historical account, but rather as a summary for young rekeas of how our current ideas about
galaxy formation were developed. Readers interested inra exdensive historical review can
find some relevant material in the book ‘The Cosmic Centuryistory of Astrophysics and
Cosmology’ by Malcolm Longair.

1.4.1 Galaxies as Extragalactic Objects

By the end of the 19th century, astronomers had discoveredge Inumber of astronomical

objects that differ from stars in that they are fuzzy rathemt point-like. These objects were
collectively referred to as ‘nebulae’. During the period717o 1784 the French astronomer
Charles Messier cataloged more than 100 of these objectsdar to avoid confusing them

with the comets he was searching for. Today the Messier nisvave still used to designate a
number of bright galaxies. For example, the Andromeda gakglso known as M31, because
it is the 31st nebula in Messier's catalog. A more systemsg#@rch for nebulae was carried
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out by the Herschels, and in 1864 John Herschel publisheGdisral Catalogue of Galaxies
which contains 5079 nebular objects. In 1888, Dreyer phblisan expanded version as New
General Catalogue of Nebulae and Clusters of Stars. Together with its two supplementalmydex
Catalogues, Dreyer’s catalogue contained about 15,000 objects. TAd&C and IC numbers
are still widely used to refer to galaxies.

For many years after their discovery, the nature of the raghnbjects was controversial.
There were two competing ideas, one assumed that all nebtgaebjects within our Milky
Way, the other that some might be extragalactic objectsyiohgal ‘island universes’ like the
Milky Way. In 1920 the National Academy of Sciences in Wasftim invited two leading as-
tronomers, Harlow Shapley and Heber Curtis, to debate $isei, an event which has passed
into astronomical folklore as ‘The Great Debate’. The comdrsy remained unresolved until
1925, when Edwin Hubble used distances estimated from @G&phagables to demonstrate con-
clusively that some nebulae are extragalactic, individiaddxies comparable to our Milky Way
in size and luminosity. Hubble's discovery marked the beijig of extragalactic astronomy.
During the 1930s, high-quality photographic images of giagenabled him to classify galaxies
into a broad sequence according to their morphology. Todaybt’s sequence is still widely
adopted to classify galaxies.

Since Hubble's time, astronomers have made tremendousga®in systematically searching
the skies for galaxies. At present deep CCD imaging and bigdlity spectroscopy are available
for about a million galaxies.

1.4.2 Cosmology

Only four years after his discovery that galaxies truly ateagalactic, Hubble made his second
fundamental breakthrough: he showed that the recessionitiek of galaxies are linearly related
to their distances (Hubble, 1929, see also Hubble & Huma8&i)l thus demonstrating that
our Universe is expanding. This is undoubtedly the greatiegfle discovery in the history of
cosmology. It revolutionized our picture of the Universelive in.

The construction of mathematical models for the Univerdeally started somewhat earlier.
As soon as Albert Einstein completed his theory of GenerktiRéy in 1916, it was realized that
this theory allowed, for the first time, the construction eff £onsistent models for the Universe
as a whole. Einstein himself was among the first to explorh sotutions of his field equations.
To his dismay, he found that all solutions require the Urdeegither to expand or to contract, in
contrast with his belief at that time that the Universe stdad static. In order to obtain a static
solution, he introduced a cosmological constant into hid Bguations. This additional constant
of gravity can oppose the standard gravitational attradciod so make possible a static (though
unstable) solution. In 1922 Alexander Friedmann publigihedpapers exploring both static and
expanding solutions. These models are today known as Faedmodels, although this work
drew little attention until Georges Lemaitre independengéidiscovered the same solutions in
1927.

An expanding universe is a natural consequence of GenelatiWly, so it is not surprising
that Einstein considered his introduction of a cosmoldgioastant as ‘the biggest blunder of my
life’ once he learned of Hubble’s discovery. History has gnaanies, however. As we will see
later, the cosmological constant is now back with us. In 198@8teams independently used the
distance-redshift relation of Type la supernovae to shawttie expansion of the Universe is ac-
celerating at the present time. Within General Relatiifg tequires an additional mass/energy
componentwith properties very similar to those of Einsgatiosmological constant. Rather than
just counterbalancing the attractive effects of ‘normadi\dty, the cosmological constant today
overwhelms them to drive an ever more rapid expansion.

Since the Universe is expanding, it must have been densegperhdps also hotter at earlier
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times. In the late 1940'’s this prompted George Gamow to sstghat the chemical elements
may have been created by thermonuclear reactions in the @aiverse, a process known as
primordial nucleosynthesis. Gamow’s model was not comeitla success, because it was unable
to explain the existence of elements heavier than lithiuentdithe lack of stable elements with
atomic mass numbers 5 and 8. We now know that this was not @dadlt all; all heavier
elements are a result of nucleosynthesis within stars, stsfiown convincingly by Fred Hoyle
and collaborators in the 1950s. For Gamow’s model to be cgrtiee Universe would have to
be hot as well as dense at early times, and Gamow realizedhthaiesidual heat should still
be visible in today’s Universe as a background of thermahtazh with a temperature of a few
degrees Kelvin, thus with a peak at microwave wavelengtlhés Was a remarkable prediction
of the cosmic microwave background radiation (CMB), whicasviinally discovered in 1965.
The thermal history suggested by Gamow, in which the Uné&zexpands from a dense and hot
initial state, was derisively referred to as the Hot Big BdnmygFred Hoyle, who preferred an
unchanging Steady State Cosmology. Hoyle’s cosmolodieary was wrong, but his name for
the correct model has stuck.

The Hot Big Bang model developed gradually during the 19%@k1960s. By 1964, it had
been noticed that the abundance of helium by mass is evergwheut one third that of hydro-
gen, a result which is difficult to explain by nucleosyntlsanistars. In 1964, Hoyle and Tayler
published calculations that demonstrated how the obsémiadn abundance could emerge from
the Hot Big Bang. Three years later, Wagoner et al. (1967 )enkdiailed calculations of a com-
plete network of nuclear reactions, confirming the earlésuit and suggesting that the abun-
dances of other light isotopes, such as helium-3, deuteaitgnlithium could also be explained
by primordial nucleosynthesis. This success providedgtgupport for the Hot Big Bang. The
1965 discovery of the cosmic microwave background showed lite isotropic and to have a
temperature (2.7K) exactly in the range expected in the HpBBng model (Penzias & Wilson,
1965; Dicke et al., 1965). This firmly established the Hot Bang as the standard model of
cosmology, a status which it has kept up to the present ddioigh there have been changes
over the years, these have affected only the exact mattegiercontent of the model and the
exact values of its characteristic parameters.

Despite its success, during the 1960s and 1970s it was edaliat the standard cosmology
had several serious shortcomings. lIts structure impliasttie different parts of the Universe
we see today were never in causal contact at early times {disner, 1968). How then can
these regions have contrived to be so similar, as requirgdebisotropy of the CMB? A second
shortcoming is connected with the spatial flatness of theréise (e.g. Dicke & Peebles, 1979).
It was known by the 1960s that the matter density in the Us&és not very different from the
critical density for closure, i.e., the density for whicletbpatial geometry of the Universe is flat.
However, in the standard model any tiny deviation from flatria the early Universe is amplified
enormously by later evolution. Thus, extreme fine tuninghef initial curvature is required to
explain why so little curvature is observed today. A clogelated formulation is to ask how our
Universe has managed to survive and to evolve for billiongeafrs, when the timescales of all
physical processes in its earliest phases were measurey ifridctions of a nanosecond. The
standard cosmology provides no explanations for thesdgaizz

A conceptual breakthrough came in 1981 when Alan Guth prgbdisat the Universe may
have gone through an early period of exponential expansidiation) driven by the vacuum
energy of some quantum field. His original model had somelpne® and was revised in 1982
by Linde and by Albrecht & Steinhardt. In this scenario, thifedent parts of the Universe
we see today were indeed in causal contefitre inflation took place, thereby allowing physi-
cal processes to establish homogeneity and isotropy. ibrflatso solves the flatness/timescale
problem, because the Universe expanded so much duringonfti@t its curvature radius grew
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to be much larger than the presently observable Universeais,Th generic prediction of the
inflation scenario is that today’s Universe should appeér fla

1.4.3 Structure Formation

(a) Gravitational Instability  In the standard model of cosmology, structures form fromlsma
initial perturbations in an otherwise homogeneous andagpit universe. The idea that structures
can form via gravitational instability in this way origirest from Jeans (1902), who showed that
the stability of a perturbation depends on the competitietvben gravity and pressure. Density
perturbations grow only if they are larger (heavier) thaharacteristic length (mass) scale [now
referred to as the Jeans’ length (mass)] beyond which gravible to overcome the pressure
gradients. The application of this Jeans criterion to areagng background was worked out
by, among others, Gamow & Teller (1939) and Lifshitz (194@j}h the result that perturbation
growth is power-law in time, rather than exponential as fetadic background.

(b) Initial Perturbations Most of the early models of structure formation assumed the U
verse to contain two energy components, ordinary baryoaitenand radiation (CMB photons
and relativistic neutrinos). In the absence of any theorytie origin of perturbations, two dis-
tinct models were considered, usually referred to as atiiabad isothermal initial conditions.
In adiabatic initial conditions all matter and radiationdie are perturbed in the same way, so
that the total density (or local curvature) varies, but ti#orof photons to baryons, for example,
is spatially invariant. Isothermal initial conditions, tre other hand, correspond to initial per-
turbations in the ratio of components, but with no assodiafmtial variation in the total density
or curvature.t

In the adiabatic case, the perturbations can be considsragmying to a single fluid with
a constant specific entropy as long as the radiation and nmettein tightly coupled. At such
times, the Jeans’ mass is very large and small-scale pattonis execute acoustic oscillations
driven by the pressure gradients associated with the ¢efisituations. Silk (1968) showed
that towards the end of recombination, as radiation deesuipbm matter, small-scale oscilla-
tions are damped by photon diffusion, a process now callkddaimping. Depending on the
matter density and the expansion rate of the Universe, theacteristic scale of Silk damping
falls in the range of 1% — 10*M,,. After radiation/matter decoupling the Jeans’ mass drops
precipitously to~~ 10°M, and perturbations above this mass scale can start to growthdre
are no perturbations left on the scale of galaxies at this.ti@onsequently, galaxies must form
‘top-down’, via the collapse and fragmentation of perttidozs larger than the damping scale,
an idea championed by Zel'dovich and colleagues.

In the case of isothermal initial conditions, the spatialiatéon in the ratio of baryons to
photons remains fixed before recombination because ofghedbupling between the two fluids.
The pressure is spatially uniform, so that there is no a@oastillation, and perturbations are
not influenced by Silk damping. If the initial perturbatioinglude small-scale structure, this
survives until after the recombination epoch, when baryoctdiations are no longer supported
by photon pressure and so can collapse. Structure can tirartfottom-up’ through hierarchical
clustering. This scenario of structure formation was owdly proposed by Peebles (1965).

By the beginning of the 1970s, the linear evolution of botlabdtic and isothermal perturba-
tions had been worked out in great detail (e.g., Lifshitz48;5ilk, 1968; Peebles & Yu, 1970;
Sato, 1971; Weinberg, 1971). At that time, it was generatigepted that observed structures
must have formed from finite amplitude perturbations whidrevsomehow part of the initial

T Note that the nomenclature ‘isothermal’, which is largeistorical, is somewhat confusing; the term ‘isocurvature
would be more appropriate.

T Actually, as we will see in Chapt@r?, depending on the gauge adopted, perturbations can alachgfore they enter
the horizon.
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conditions set up at the Big Bang. Harrison (1970) and Zetdo(1972) independently ar-
gued that only one scaling of the amplitude of initial flu¢toas with their wavelength could be
consistent with the formation of galaxies from fluctuatiomposed at very early times. Their
suggestion, now known as the Harrison-Zel'dovich initiatflation spectrum, has the property
that structure on every scale has the same dimensionledisiadapcorresponding to fluctuations
in the equivalent Newtonian gravitational potent&®/c? ~ 102,

In the early 1980s, immediately after the inflationary sceEnevas proposed, a number of
authors realized almost simultaneously that quantum fidictns of the scalar field (called the
inflaton) that drives inflation can generate density pedtidms with a spectrum that is close
to the Harrison-Zeldovich form (Hawking, 1982; Guth & Pi,89 Starobinsky, 1982; Bardeen
et al., 1983). In the simplest models, inflation also predibat the perturbations are adiabatic
and that the initial density field is Gaussian. When pararad#ée their natural values, however,
these models generically predict fluctuation amplitudes #ine much too large, of order unity.
This apparent fine-tuning problem is still unresolved.

In 1992 anisotropy in the cosmic microwave background wasated convincingly for the
first time by the Cosmic Background Explorer (COBE) (Smoatlgt1992). These anisotropies
provide an image of the structure present at the time of tiadienatter decoupling;v400,000
years after the Big Bang. The resolved structures are aleof low amplitude and so can be
used to probe the properties of the initial density perttioba. In agreement with the infla-
tionary paradigm, the COBE maps were consistent with Gansaitial perturbations with the
Harrison-Zel'dovich spectrum. The fluctuation amplituées comparable to those inferred by
Harrison and Zel'dovich. The COBE results have since beerfiroed and dramatically re-
fined by subsequent observations, most notably by the VeidikirMicrowave Anisotropy Probe
(WMAP) (Bennett et al., 2003; Hinshaw et al., 2007). The agrent with simple inflationary
predictions remains excellent.

(c) Non-Linear Evolution In order to connect the initial perturbations to the noreéinstruc-
tures we see today, one has to understand the outcome oifream-évolution. In 1970 Zel'dovich
published an analytical approximation (now referred tchas4el'dovich approximation) which
describes the initial non-linear collapse of a coherentypkation of the cosmic density field.
This model shows that the collapse generically occurs fiosigpone direction, producing a sheet-
like structure, often referred to as a ‘pancake’. Zeldoueagined further evolution to take place
via fragmentation of such pancakes. At about the same timan@& Gott (1972) developed a
simple spherically symmetric model to describe the gromtm-around (from the general expan-
sion), collapse and virialization of a perturbation. Intgandar, they showed that dissipationless
collapse results in a quasi-equilibrium system with a ctigréstic radius that is about half the ra-
dius at turn-around. Although the non-linear collapse dbed by the Zel'dovich approximation
is more realistic, since it does not assume any symmetrgytherical collapse model of Gunn &
Gott has the virtue that it links the initial perturbatiomneditly to the final quasi-equilibrium state.
By applying this model to a Gaussian initial density fielde$¥ & Schechter (1974) developed
a very useful formalism (now referred to as Press-Schetiéery) that allows one to estimate
the mass function of collapsed objects (i.e., their abuodas a function of mass) produced by
hierarchical clustering.

Hoyle (1949) was the first to suggest that perturbations {hadhssociated proto-galaxies)
might gain angular momentum through the tidal torques frioeirtneighbors. A linear perturba-
tion analysis of this process was first carried out correatly in full generality by Doroshkevich
(1970), and was later tested with the help of humerical sitorhs (Peebles, 1971; Efstathiou
& Jones, 1979). The study of Efstathiou and Jones showedlimaps formed through gravita-
tional collapse in a cosmological context typically acquabout 15% of the angular momentum
needed for full rotational support. Better simulations iarerecent years have shown that the
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correct value is closer to 10%. In the case of ‘top-down’ mgdéwas suggested that objects
could acquire angular momentum not only through gravitetidorques as pancakes fragment,
but also via oblique shocks generated by their collapseq§hkevich, 1973).

1.4.4 The Emergence of the Cold Dark Matter Paradigm

The first evidence that the Universe may contain dark mattedd€tected through electromag-
netic emission or absorption) can be traced back to 1933n\ndcky studied the velocities
of galaxies in the Coma cluster and concluded that the totesmmequired to hold the cluster
together is about 400 times larger than the luminous mastis.sln 1937 he reinforced this
analysis and noted that galaxies associated with suchaangents of mass should be detectable
as gravitational lenses producing multiple images of bemlgd galaxies. These conclusions
were substantially correct, but remarkably it took morent@ years for the existence of dark
matter to be generally accepted. The tide turned in the r@itbB4& with papers by Ostriker et al.
(1974) and Einasto et al. (1974) extending Zwicky’s analysid noting that massive halos are
required around our Milky Way and other nearby galaxies @eoto explain the motions of their
satellites. These arguments were supported by continumflyoving 21cm and optical mea-
surements of spiral galaxy rotation curves which showedigio sf the fall-off at large radius
expected if the visible stars and gas were the only mass isytsem (Roberts & Rots, 1973;
Rubin et al., 1978, 1980). During the same period, numeroggestions were made regarding
the possible nature of this dark matter component, rangorg baryonic objects such as brown-
dwarfs, white dwarfs and black holes (e.g., White & Rees,81%7arr et al., 1984), to more
exotic, elementary particles such as massive neutrinossf@n & Zel'Dovich, 1966; Cowsik
& McClelland, 1972).

The suggestion that neutrinos might be the unseen mass wi#s (pativated by particle
physics. In the 1960s and 1970s, it was noticed that GranflddnTheories (GUTS) permit
the existence of massive neutrinos, and various attemptsesure neutrino masses in labo-
ratory experiments were initiated. In the late 1970s, Lyndoi et al. (1980) and Reines et al.
(1980) announced the detection of a mass for the electromimewat a level of cosmological
interest (about 30 eV). Although the results were not casiely they caused a surge in stud-
ies investigating neutrinos as dark matter candidates, @amnd et al., 1980; Sato & Takahara,
1980; Schramm & Steigman, 1981; Klinkhamer & Norman, 198y structure formation in a
neutrino-dominated universe was soon worked out in degailce neutrinos decouple from other
matter and radiation fields while still relativistic, thelbundance is very similar to that of CMB
photons. Thus, they must have become nonrelativistic dirtreethe Universe became matter-
dominated, implying thermal motions sufficient to smooth alll structure on scales smaller
than a few tens of Mpc. The first non-linear structures are thel'dovich pancakes of this
scale, which must fragment to make smaller structures ssigalaxies. Such a picture conflicts
directly with observation, however. An argument by Tremneak Gunn (1979), based on the
Pauli exclusion principle, showed that individual galaxglds could not be made of neutrinos
with masses as small as 30 eV, and simulations of structuneation in neutrino-dominated
universes by White et al. (1984) demonstrated that theydcoot produce galaxies without at
the same time producing much stronger galaxy clustering thabserved. Together with the
failure to confirm the claimed neutrino mass measuremedrgsgetproblems caused a precipitous
decline in interest in neutrino dark matter by the end of tB&Qk.

In the early 1980s, alternative models were suggested, ichvetark matter is a different kind
of weakly interacting massive particle. There were sevaaivations for this. The amount of
baryonic matter allowed by cosmic nucleosynthesis calimria is far too little to provide the
flat universe preferred by inflationary models, suggestirag hon-baryonic dark matter may be
present. In addition, strengthening upper limits on terapge anisotropies in the CMB made it
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increasingly difficult to construct self-consistent, pgytgaryonic models for structure formation;
there is simply not enough time between the recombinationlepnd the present day to grow the
structures we see in the nearby Universe from those preséiné ihigh-redshift photon-baryon
fluid. Finally, by the early 1980s, particle physics modedsdd on the idea of supersymmetry
had provided a plethora of dark matter candidates, suchwsatiaos, photinos and gravitinos,
that could dominate the mass density of the Universe. Becai#heir much larger mass, such
particles would initially have much smaller velocities tha 30 eV neutrino, and so they were
generically referred to as Warm or Cold Dark Matter (WDM or i@xthe former correspond-
ing to a particle mass of order 1 keV, the latter to much morssina particles) in contrast to
neutrino-like Hot Dark Matter (HDM). The shortcomings of INDmotivated consideration of a
variety of such scenarios (e.g., Peebles, 1982; Blumeettall, 1982; Bond et al., 1982; Bond
& Szalay, 1983).

Lower thermal velocities result in the survival of fluctuats of galactic scale (for WDM and
CDM) or below (for CDM). The particles decouple from the rattbin field long before recombi-
nation, so perturbations in their density can grow at eargs to be substantially larger than the
fluctuations visible in the CMB. After the baryons decouptenf the radiation, they quickly fall
in these dark matter potential wells, causing structurenédion to occur sufficiently fast to be
consistent with observed structure in today’s Universevi®at al. (1985) used simulations of
the CDM model to show that it could provide a good match to tieeoved clustering of galaxies
provided either the mass density of dark matter is well betecritical value, or (their preferred
model) that galaxies are biased tracers of the CDM densit), fis expected if they form at the
centers of the deepest dark matter potential wells (e.gsé€ail984). By the mid 1980s, the
‘standard’ CDM model, in which dark matter provides theicat density, Hubble’s constant has
avalue~ 50kms Mpc—1, and the initial density field was Gaussian with a Harris@tidbvich
spectrum, had established itself as the ‘best bet’ modedtfacture formation.

In the early 1990s, measurements of galaxy clusteringbhofeom the APM galaxy survey
(Maddox et al., 1990a; Efstathiou et al., 1990) showed tistandard CDM model predicts less
clustering on large scales than is observed. Several attees were proposed to remedy this.
One was a mixed dark matter (MDM) model, in which the univassiat, with ~ 30% of the
cosmic mass density in HDM and 70% in CDM and baryons. Another flat model assumed all
dark matter to be CDM, but adopted an enhanced radiationgioagkd in relativistic neutrinos
(TCDM). A third possibility was an open model, in which todaysiverse is dominated by CDM
and baryons, but has only about 30% of the critical densig®!). A final model assumed the
same amounts of CDM and baryons as OCDM but added a cosmalagisstant in order to
make the universe flaNCDM).

Although all these models match observed galaxy clustevintarge scales, it was soon re-
alized that galaxy formation occurs too late in the MDM af@DM models, and that the open
model has problems in matching the perturbation amplitmeasured by COBEACDM then
became the default ‘concordance’ model, although it waganerally accepted until Garnavich
et al. (1998) and Perlmutter et al. (1999) used the distaedshift relation of Type la super-
novae to show that the cosmic expansion is acceleratingnaagurements of small-scale CMB
fluctuations showed that our Universe is flat (de Bernardi.e2000). It seems that the present-
day Universe is dominated by a dark energy component witpggties very similar to those of
Einstein’s cosmological constant.

At the beginning of this century, a number of ground-basetitziloon-borne experiments
measured CMB anisotropies, notably Boomerang (de Bermatdil., 2000), MAXIMA (Hanany
et al., 2000), DASI (Halverson et al., 2002) and CBI (Siewdral., 2003). They successfully
detected features, known as acoustic peaks, in the CMB gpeetrum, and showed their wave-
lengths and amplitudes to be in perfect agreement with éapens for aACDM cosmology. In
2003, the first year data from WMAP not only confirmed thesealtesbut also allowed much
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more precise determinations of cosmological parametdrs.values obtained were in remark-
ably good agreement with independent measurements; therbdensity matched that estimated
from cosmic nucleosynthesis, the Hubble constant matdietdfdund by direct measurement,
the dark-energy density matched that inferred from Typeufgemovae, and the implied large-
scale clustering in today’s Universe matched that measusied) large galaxy surveys and weak
gravitational lensing (see Spergel et al., 2003, and rat&a®therein). Consequently, t(h€ DM
model has now established itself firmly as the standard jmaratbr structure formation. With
further data from WMAP and from other sources, the pararmetethis new paradigm are now
well constrained (Spergel et al., 2007; Komatsu et al., 2009

1.4.5 Galaxy Formation

(a) Monolithic Collapse and Merging Although it was well established in the 1930s that
there are two basic types of galaxies, ellipticals and &pirawould take some 30 years before
detailed models for their formation were proposed. In 196@gen, Lynden-Bell & Sandage
considered a model in which galaxies form from the collagsgas clouds, and suggested that
the difference between ellipticals and spirals reflectsréadity of star formation during the
collapse. If most of the gas turns into stars as it falls ie,dbllapse is effectively dissipationless
and infall motions are converted into the random motion afsstresulting in a system which
might resemble an elliptical galaxy. If, on the other hara: ¢loud remains gaseous during
collapse, the gravitational energy can be effectivelyigaed via shocks and radiative cooling.
In this case, the cloud will shrink until it is supported bygafar momentum, leading to the
formation of a rotationally-supported disk. Gott & ThuarD{®8) took this picture one step
further and suggested that the amount of dissipation dadiigpse depends on the amplitude of
the initial perturbation. Based on the empirical fact that formation efficiency appears to scale
asp? (Schmidt, 1959), they argued that protogalaxies assatiaii the highest initial density
perturbations would complete star formation more rapidlthay collapse, and so might produce
an elliptical. On the other hand, protogalaxies associattidlower initial density perturbations
would form stars more slowly and so might make spirals.

Larson (1974a,b, 1975, 1976) carried out the first numesicalilations of galaxy formation,
showing how these ideas might work in detail. Starting fraamspherical rotating gas clouds,
he found that it is indeed the ratio of the star-formatioretimthe dissipation/cooling time which
determines whether the system turns into an elliptical pirak He also noted the importance of
feedback effects during galaxy formation, arguing thabim nass galaxies, supernovae would
drive winds that could remove most of the gas and heavy elesriezm a system before they
could turn into stars. He argued that this mechanism migplaéx the low surface brightnesses
and low metallicities of dwarf galaxies. However, he washlado obtain the high observed
surface brightnesses of bright elliptical galaxies withmaquiring his gas clouds to be much
more slowly rotating than predicted by the tidal torque tigeotherwise they would spin up and
make a disk long before they became as compact as the obggtesies. The absence of highly
flattened ellipticals and the fact that many bright elliptecshow little or no rotation (Bertola &
Capaccioli, 1975; Illingworth, 1977) therefore posed amey problem for this scenario. As we
now know, its main defect was that it left out the effects & trark matter.

In a famous 1972 paper, Toomre & Toomre used simple numesiivallations to demonstrate
convincingly that some of the extraordinary structuresiseepeculiar galaxies, such as long
tails, could be produced by tidal interactions between taonal spirals. Based on the observed
frequency of galaxies with such signatures of interactiansg on their estimate of the time scale
over which tidal tails might be visible, Toomre & Toomre (I)7argued that most elliptical
galaxies could be merger remnants. In an extreme versiompicture, all galaxies initially
form as disks, while all ellipticals are produced by merdssveen pre-existing galaxies. A
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virtue of this idea was that almost all known star formaticowrs in disk gas. Early simulations
showed that the merging of two spheroids produces remnaittisdensity profiles that agree
with observed ellipticals (e.g., White, 1978). The moreevaht (but also the more difficult)
simulations of mergers between disk galaxies were noterhauit until the early 1980s (Gerhard,
1981; Farouki & Shapiro, 1982; Negroponte & White, 1983;rie, 1988). These again showed
merger remnants to have properties similar to those of ebdegllipticals.

Although the merging scenario fits nicely into a hierarchioamation scheme, where larger
structures grow by mergers of smaller ones, the extremangictutlined above has some prob-
lems. Ostriker (1980) pointed out that observed giant ks, which are dense and can have
velocity dispersions as high as300kms1, could not be formed by mergers of present-day spi-
rals, which are more diffuse and almost never have rotateocities higher than 300kns.

As we will see below, this problem may be resolved by congidethe dark halos of the

galaxies, and by recognizing that the high redshift promesiof ellipticals were more com-

pact than present-day spirals. The merging scenario remaginpular scenario for the formation
of (bright) elliptical galaxies.

(b) The Role of Radiative Cooling An important question for galaxy formation theory is why
galaxies with stellar masses largerl02M,, are absent or extremely rare. In the adiabatic
model, this mass scale is close to the Silk damping scale anld plausibly set dower limit

to galaxy masses. However, in the presence of dark matted8ihping leaves no imprint on
the properties of galaxies, simply because the dark magteunations are not damped. Press
& Schechter (1974) showed that there is a characteristics raB® in the hierarchical model,
corresponding to the mass scale of the typical non-linegacolat the present time. However,
this mass scale is relatively large, and many objects witssrahove 1M, are predicted, and
indeed are observed as virialized groups and clusters akigal Apparently, the mass scale of
galaxies is not set by gravitational physics alone.

In the late 1970s, Silk (1977), Rees & Ostriker (1977) andnBin(1977) suggested that
radiative cooling might play an important role in limitinge mass of galaxies. They argued
that galaxies can form effectively only in systems wheredbeling time is comparable to or
shorter than the collapse time, which leads to a charatitesisale of~ 102M,, similar to the
mass scale of massive galaxies. They did not explain whyiaalygalaxy should form with a
mass near this limit, nor did they explicitly consider thimets of dark matter. Although radiative
cooling plays an important role in all current galaxy forinatheories, it is still unclear if it alone
can explain the characteristic mass scale of galaxies, ethehvarious feedback processes must
also be invoked.

(c) Galaxy Formation in Dark Matter Halos By the end of the 1970s, several lines of argu-
ment had led to the conclusion that dark matter must play aoitant role in galaxy formation.
In particular, observations of rotation curves of spirdbgges indicated that these galaxies are
embedded in dark halos which are much more extended thamlivegs themselves. This moti-
vated White & Rees (1978) to propose a two-stage theory flaxgdormation; dark halos form
first through hierarchical clustering, the luminous conhtEfrgalaxies then results from cooling
and condensation of gas within the potential wells proviolethese dark halos. The mass func-
tion of galaxies was calculated by applying these ideasimvitie Press & Schechter model for
the growth of non-linear structure. The model of White an@&®Reontains many of the basic
ideas of the modern theory of galaxy formation. They notittext feedback is required to ex-
plain the low overall efficiency of galaxy formation, and aked Larson’s (1974a) model for
supernova feedback in dwarf galaxies to explain this. THey aoted, but did not emphasize,
that even with strong feedback, their hierarchical modebjmts a galaxy luminosity function
with far too many faint galaxies. This problem is alleviatad not solved by adopting CDM
initial conditions rather than the simple power-law irlitanditions they adopted. In 1980, Fall
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& Efstathiou developed a model of disk formation in dark raattalos, incorporating the angu-
lar momentum expected from tidal torques, and showed thaymeoperties of observed disk
galaxies can be understood in this way.

Many of the basic elements of galaxy formation in the CDM seenwere already in place
in the early 1980s, and were summarized nicely by EfstatkiQilk (1983) and in Blumenthal
et al. (1984). Blumenthal et al. invoked the idea of biasddxyaformation, suggesting that
disk galaxies may be associated with density peaks of tiypaghts in the CDM density field,
while giant ellipticals may be associated with higher dgnpeaks. Efstathiou & Silk (1983)
discussed in some detail how the two-stage theory of Whitee@d(1978) can solve some of
the problems in earlier models based on the collapse of gasisl In particular, they argued
that, within an extended halo, cooled gas can settle inttedion-supported disk of the observed
scale in a fraction of the Hubble time, whereas without a daakter halo it would take too long
for a perturbation to turn around and shrink to form a diske Saapte? for details). They also
argued that extended dark matter halos around galaxies mefgers of galaxies more likely, a
precondition for Toomre & Toomre’s merger scenario of ¢itipl galaxy formation to be viable.

Since the early 1990s many studies have investigated tipepies of CDM halos using both
analytical andN-body methods. Properties studied include the progenitmssndistributions
(Bond et al., 1991), merger histories (Lacey & Cole, 1998jtial clustering (Mo & White,
1996), density profiles (Navarro et al., 1997), halo shapssg,(Jing & Suto, 2002), substructure
(e.g., Moore et al., 1998; Klypin et al., 1999), and anguemmentum distributions (e.g., Warren
etal., 1992; Bullock et al., 2001). These results have ptwed/ay for more detailed models for
galaxy formation within the CDM paradigm. In particularadwomplementary approaches have
been developed: semi-analytical models and hydrodynasimoalations. The semi-analytical
approach, originally developed by White & Frenk (1991) andsequently refined in a number
of studies (e.g., Kauffmann et al., 1993; Cole et al., 199dlcBnton et al., 1997; Mo et al.,
1998; Somerville & Primack, 1999), uses knowledge abousthécture and assembly history
of CDM halos to model the gravitational potential wells viithvhich galaxies form and evolve,
treating all the relevant physical processes (cooling fetanation, feedback, dynamical friction,
etc.) in a semi-analytical fashion. The first three-dimenal, hydrodynamical simulations of
galaxy formation including dark matter were carried out tXin the beginning of the 1990s
(Katz & Gunn, 1991; Katz, 1992) and focused on the collapsa bbmogeneous, uniformly
rotating sphere. The first simulation of galaxy formationHigrarchical clustering from proper
cosmological initial conditions was that of Navarro & Beri891), while the first simulation
of galaxy formation from CDM initial conditions was that ofadarro & White (1994). Since
then, numerical simulations of galaxy formation with ireseng numerical resolution have been
carried out by many authors.

It is clear that the CDM scenario has become the preferredasicefor galaxy formation,
and we have made a great deal of progress in our quest towadésstanding the structure and
formation of galaxies within it. However, as we will see laite this book, there are still many
important unsolved problems. It is precisely the existesicthese outstanding problems that
makes galaxy formation such an interesting subject. It ihope that this book will help you to
equip yourself for your own explorations in this area.



2

Observational Facts

Observational astronomy has developed at an extremelg pgmie. Until the end of the 1940s
observational astronomy was limited to optical wavebafidslay we can observe the Universe
at virtually all wavelengths covering the electromagnspectrum, either from the ground or
from space. Together with the revolutionary growth in coteptechnology and with a dramatic
increase in the number of professional astronomers, tisitellato a flood of new data. Clearly it
is impossible to provide a complete overview of all this mf@tion in a single chapter (or even
in a single book). Here we focus on a number of selected tapiesant to our forthcoming
discussion, and limit ourselves to a simple descriptioroofis of the available data. Discussion
regarding the interpretation and/or implication of theadatpostponed to chapte?8- ??, where
we use the physical ingredients described in cha@@+£?to interpret the observational results
presented here. After a brief introduction of observatitezhniques, we present an overview of
some of the observational properties of stars, galaxiastas and groups, large scale structure,
the intergalactic medium, and the cosmic microwave baakgoWe end with a brief discussion
of cosmological parameters and the matter/energy conténedJniverse.

2.1 Astronomical Observations

Almost all information we can obtain about an astronomidgéot is derived from the radiation
we receive from it, or by the absorption it causes in the laflat background object. The radiation
from a source may be characterized by its spectral energibdiion (SED), f, dA, which is the
total energy of emitted photons with wavelengths in the eehgo A +dA. Technology is now
available to detect electromagnetic radiation over anranas energy range, from low frequency
radio waves to high energy gamma rays. However, from thenEBastirface our ability to detect
celestial objects is seriously limited by the transparesfogur atmosphere. Fig.2.1 shows the
optical depth for photon transmission through the Earthisogphere as a function of photon
wavelength, along with the wavelength ranges of some comymsed wavebands. Only a few
relatively clear windows exist in the optical, near-infrdrand radio bands. In other parts of the
spectrum, in particular the far-infrared, ultravioletrXy and gamma-ray regions, observations
can only be carried out by satellites or balloon-borne detsc

Although only a very restricted range of frequencies pextetour atmosphere, celestial ob-
jects actually emit over the full range accessible to ourimsents. This is illustrated in Fig. 2.2,
a schematic representation of the average brightness akthas a function of wavelength as
seen from a vantage point well outside our own galaxy. Wignry important exception of the
Cosmic Microwave Background (CMB), which dominates therallgphoton energy content of
the Universe, the dominant sources of radiation at all éastzelow the hard gamma-ray regime
are related to galaxies, their evolution, their cluster@mgl their nuclei. At radio, far-Uv, X-
ray and soft gamma-ray wavelengths the emission comes lrfram active galactic nuclei.
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Fig. 2.1. The altitude above sea level at which a typical pha$ absorbed as a function of the photon’s
wavelength. Only radio waves, optical light, the hardesay, and infrared radiation in a few wavelength
windows can penetrate the atmosphere to reach sea levetn@hens at all other wavebands have to be
carried out above the atmosphere.

Galactic starlight dominates in the near-UV, optical andrriafrared, while dust emission from

star-forming galaxies is responsible for most of the fdrared emission. The hot gas in galaxy
clusters emits a significant but non-dominant fraction &f tthtal X-ray background and is the
only major source of emission from scales larger than awiddal galaxy. Such large structures
can, however, be seen in absorption, for example in the digtistant quasars.

2.1.1 Fluxes and Magnitudes

The image of an astronomical object reflects its surfacehbmigss distribution. The surface
brightness is defined as the photon energy received by a naaitad the observer per unit time
from a unit solid angle in a specific direction. Thus if we denihe surface brightness byits
units are[l] = ergs*ecm 2sr 1. If we integrate the surface brightness over the entire @nag
we obtain the flux of the objecf, which has unit$f] = ergscm~2. Integrating the flux over
a sphere centered on the object and with radius equal to sit@nder from the object to the
observer, we obtain the bolometric luminosity of the ohject

L = 4mmr?f, (2.1)

with [L] = ergs ™. For the Sunl. = 3.846x 10°3ergs .

The image size of an extended astronomical object is usdefiged on the basis of its isopho-
tal contours (curves of constant surface brightness), lsmdharacteristic radius of an isophotal
contour at some chosen surface brightness level is usiedlyred to as an isophotal radius of
the object. A well known example is the Holmberg radius defiagthe length of the semi-major
axis of the isophote corresponding to a surface brightne26.6 magarcsec in the B-band.
Two other commonly used size measures in optical astronoetha core radius, defined as the
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Fig. 2.2. The energy density spectrum of cosmological baxkyd radiation as a function of wavelength.
The value ofvl, measures the radiation power per decade of wavelength. ridkes it clear that the
cosmic microwave background (CMB) contributes most to therall background radiation, followed by
the far- (FIB) and near-infrared (NIB) backgrounds, theay-background (XRB) and theray background
(GRB). [Courtesy of D. Scott, see Scott (2000)]

radius where the surface brightness is half of the centréhse brightness, and the half-light
radius (also called the effective radius), defined as theadheristic radius that encloses half of
the total observed flux. For an object at a distandts physical sizeD, is related to its angular
size,0, by

D=r@. (2.2)

Note, though, that relations (2.1) and (2.2) are only vadidrelatively small distances. As we
will see in Chaptef??, for objects at cosmological distancesn Egs. (2.1) and (2.2) has to be
replaced by the luminosity distance and angular diamestaice, respectively.

(a) Wavebands and Bandwidths Photometric observations are generally carried out in some
chosen waveband. Thus, the observed flux from an objectitereto its SEDf,, by

&=/URMRMWMNN 2.3)

HereFx (A) is the transmission of the filter that defines the wavebanuldige byX), T (A ) repre-
sents the atmospheric transmission, &) represents the efficiency with which the telescope
plus instrument detects photons. In the following we wiase thatfx has been corrected for
atmospheric absorption and telescope efficiency (the ctioreis normally done by calibrating
the data using standard objects with kno#n. In this case, the observed flux depends only
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Fig. 2.3. The transmission characteristics of JohrdBW and Kron Cousin&l filter systems. [Based on
data published in Bessell (1990)]

Table 2.1.Filter Characteristics of the UBVRI Photometric System.

Band: U B \% R I J H K L M

Aeff (NM): 365 445 551 658 806 1220 1630 2190 3450 4750
FWHM (nm): 66 94 88 138 149 213 307 390 472 460
M- 561 548 4.83 442 408 364 332 328 325 -

L.(10%%erg/s): 1.86 4.67 4.64 6.94 471 249 181 082 017 -

on the spectral energy distribution and the chosen filtettofd®@mers have constructed a variety
of photometric systems. A well known example is the stand#B¥ system originally intro-
duced by Johnston. The filter functions for this system aosvghin Fig. 2.3. In general, a filter
function can be characterized by an effective wavelendith, and a characteristic bandwidth,
usually quoted as a full width at half maximum (FWHM). The FWHs defined agA; — Az|,
with Fx (A1) = Fx(A2) = half the peak value dfx (A). Table 2.1 lists\ef and the FWHM for the
filters of the standardBVRI photometric system. In this system, the FWHM are all of ofd¥¥6

or larger of the corresponding. Such ‘broad-band photometry’ can be used to characterize
the overall shape of the spectral energy distribution of lajea with high efficiency. Alterna-
tively, one can use ‘narrow-band photometry’ with much oaer filters to image objects in a
particular emission line or to study its detailed SED prtipsr

(b) Magnitude and Color For historical reasons, the flux of an astronomical objedhin
optical band (and also in the near infrared and near ultlenvizands) is usually quoted in terms
of apparent magnitude:

mx = —2.5log(fx/fx0), (2.4)

where the flux zero-poirfix o has traditionally been taken as the flux in théand of the bright
star Vega. In recent years it has become more common to usenadghitudes’, for which

fy.0 = 3.6308x 10~ 2ergs fem 2Hz / Fx(c/v)dv. (2.5)
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Herev is the frequency and is the speed of light. Similarly, the luminosities of obg¢in
wavebandX) are often quoted as an absolute magnituaé; = —2.5log(Lx ) + Cx, whereCx

is a zero point. It is usually convenient to writg in units of the solar luminosity in the same
band,Lx. The values of o x in the standartUBVRI photometric system are listed in Table 2.1.
It then follows that

L

My = 2.5log< X > + Moy, (2.6)
Lox

where Zx is the absolute magnitude of the Sun in the waveband in cersidn. Using

Eqg. (2.1), we have

mx — .#x = 5log(r/ro), (2.7)

whererg is a fiducial distance at whialmy and.#x are defined to have the same value. Conven-
tionally, ro is chosen to be 10 pc (1 pc = 1 parsec.6856x 10'%m; see;2.1.3 for a definition).
According to this convention, the Vega absolute magnitadése Sun in théJBVRI photometric
system have the values listed in Table 2.1.

The quantity(mx —.#x) for an astronomical object is called its distance moduluselknow
bothmy and.#x for an object, then Eq. (2.7) can be used to obtain its distaBonversely, if
we know the distance to an object, a measurement of its apyrasgnitude (or flux) can be used
to obtain its absolute magnitude (or luminosity).

Optical astronomers usually express surface brightnessrins of magnitudes per square
arcsecond. In such “units”, the surface brightness in a baisddenoted byuyx, and is related to
the surface brightness in physical unlig, according to

Ix
Lopc2

Note that it is the flux, not the magnitude, that is additivehu in order to obtain the total
(apparent) magnitude from an image, one must first conveghihade per unit area into flux per
unit area, integrate the flux over the entire image, and tioemert the total flux back to a total
magnitude.

If observations are made for an object in more than one wangeblaen the difference between
the magnitudes in any two different bands defines a colowifdich corresponds to the slope
of the SED between the two wavebands). For example,

(B-V)=mg—nvy = 45— .4 (2.9)
is called theB —V) color of the object.

px = —2.5 Iog< ) + 21572+ Mo x. (2.8)

2.1.2 Spectroscopy

From spectroscopic observations one obtains spectra fectsbi.e. their SED$, or f, defined
so thatf, dA andf, dv are the fluxes received in the elemental wavelength and érexyuranges
dA atA and d’ atv. From the relation between wavelength and frequehcy, c/v, we then
have that

f,=A%fy/c and f, =.°f,/c. (2.10)

At optical wavelengths, spectroscopy is typically perfechiby guiding the light from an object
to a spectrograph where it is dispersed according to wagtier-or example, in multi-object
fiber spectroscopy, individual objects are imaged onto tlas@f optical fibers which take the
light to prism or optical grating where it is dispersed. Theulting spectra for each individual
fiber are then imaged on a detector. Such spectroscopy llbs#samation about the distribution

of each object’s light within the circular aperture represe by the end of the fiber. In long-slit
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(b)
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Fig. 2.4. (a) An illustration of the broadening of a spectia¢ by the velocity dispersion of stars in a
stellar system. A telescope collects light from all starthimi a cylinder through the stellar system. Each
star contributes a narrow spectral line with rest frequemgy which is Doppler shifted to a different
frequencyr = vy5+ Av due to its motion along the line of sight. The superpositibmany such line
profiles produces a broadened line, with the profile giverhigyconvolution of the original stellar spectral
line and the velocity distribution of the stars in the cyknd(b) An illustration of long-slit spectroscopy of
a thin rotating disk along the major axis of the image. In tlod, gthe rotation speed is assumed to depend

on the distance from the center\dsi(x) 0 /X/(1+x2).

spectroscopy, on the other hand, the object of interestag@u directly onto the spectrograph
slit, resulting in a separate spectrum from each point obthject falling on the slit. Finally, in
an integral field unit (or IFU) the light from each point withihe image of an extended object is
led to a different point on the slit (for example, by opticakis) resulting in a three-dimensional
data cube with two spatial dimensions and one dimensiorh®owavelength.

At other wavelengths quite different techniques can be tesebtain spectral information. For
example, at infrared and radio wavelengths the incomingadiffom a source may be Fourier
analyzed in time in order to obtain the power at each frequemigile at X-ray wavelengths the
energy of each incoming photon can be recorded and the esavfdifferent photons can be
binned to obtain the spectrum.

Spectroscopic observations can give us a lot of informaitibith photometric observations
cannot. A galaxy spectrum usually contains a slowly-vapydomponent called the continuum,
with localized features produced by emission and absorpiies (see Fig.2.12 for some ex-
amples). It is a superposition of the spectra of all the iitdial stars in the galaxy, modified
by emission and absorption from the gas and dust lying betweestars. From the ultraviolet
through the near-infrared the continuum is due primarilpoond-free transitions in the photo-
spheres of the stars, in the mid- and far-infrared it is dat@d by thermal emission from dust
grains, in the radio it is produced by diffuse relativisticdahermal electrons within the galaxy,
and in the X-ray it comes mainly from accretion of gas onto pant stellar remnants or a cen-
tral black hole. Emission and absorption lines are prodigelound-bound transitions within
atoms, ions and molecules, both in the outer photosphegarsfand in the interstellar gas. By
analyzing a spectrum, we may infer the relative importarfdeese various processes, thereby
understanding the physical properties of the galaxy. Famgpte, the strength of a particular
emission line depends on the abundance of the excited ktttprioduces it, which in turn de-
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pends not only on the abundance of the corresponding eldmaéatso on the temperature and
ionization state of the gas. Thus emission line strengthdeaused to measure the temperature,
density and chemical composition of interstellar gas. Apton lines, on the other hand, mainly
arise in the atmospheres of stars, and their relative stisrmpntain useful information regard-
ing the age and metallicity of the galaxy’s stellar popwlatiFinally, interstellar dust gives rise
to continuum absorption with broad characteristic featuta addition, since dust extinction is
typically more efficient at shorter wavelengths, it alsosesireddening, a change of the overall
slope of the continuum emission.

Spectroscopic observations have another important atigit The intrinsic frequency of
photons produced by electron transitions between two griewglsE; andE; is vi12 = (Ex —
E;)/hp, wherehp is Planck’s constant, and we have assufigd- E;. Now suppose that these
photons are produced by atoms moving with velowitglative to the observer. Because of the
Doppler effect, the observed photon frequency will be (aBsg v < C),

v-f
Vobs = <1 T) V12, (2.11)

wheref is the unit vector of the emitting source relative to the obse Thus, if the source
is receding from the observer, the observed frequency shittdd, vops < v12; conversely, if
the source is approaching the observer, the observed fiegie blueshiftedygps > v12. Itis
convenient to define a redshift parameter to charactereehnge in frequency,

z=——-1. (2.12)

For the Doppler effect considered here, we hawvev -7 /c. Clearly, by studying the properties
of spectral lines from an object, one may infer the kinensatit the emitting (or absorbing)
material.

As an example, suppose that the emitting gas atoms in antdigee random motions along
the line of sight drawn from a velocity distributidiiv) dv. The observed photons will then have
the following frequency distribution:

F (Vobs) dvobs = f(v)(C/v12) dvobs, (2.13)

wherew is related toveps by v = ¢(1— vops/v12), @and we have neglected the natural width
of atomic spectral lines. Thus, by observiRguops) (the emission line profile in frequency

space), we can infef(v). If the random motion is caused by thermal effects, we caerinf
the temperature of the gas from the observed line profile aFtellar system (e.g. an elliptical

galaxy) the observed spectral line is the convolution obittiginal stellar line profileS(v) (which

is a luminosity weighted sum of the spectra of all differéatlar types that contribute to the flux)

with the line-of-sight velocity distribution of all the s&in the observational aperture,

F (Vobs) = / S[vobs(1+ /)] f(v)do. (2.14)

Thus, each narrow, stellar spectral line is broadened byirnteeof-sight velocity dispersion of
the stars that contribute to that line (see Fig. 2.4a). If wevkthe type of stars that dominate
the spectral lines in consideration, we can esting{te and use the above relation to infer
the properties of (v), such as the mean velocity,= [ vf(v)dv, and the velocity dispersion,
o =[[(v—1)%f(v)dv]Y2

Similarly, long-slit and IFU spectroscopy of extended algecan be used not only to study
random motions along each line-of-sight through the sqlmagalso to study large-scale flows in
the source. An important example here is the rotation ofyadisks. Suppose that the rotation
of a disk around its axis is specified by a rotation cukg(R), which gives the rotation velocity
as a function of distance to the disk center. Suppose futttarthe inclination angle between
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the rotation axis and the line-of-sightiislf we put a long slit along the major axis of the image
of the disk, it is easy to show that the frequency shift aldregdlit is

R
iwm, (2.15)

l/obs(R) —Vi2=
where thet+ and— signs correspond to points on opposite sides of the dislecésge Fig. 2.4b).
Thus the rotation curve of the disk can be measured from itg Bt spectrum and from its
apparent shape (which allows the inclination angle to hienes¢d under the assumption that the
disk is intrinsically round).

2.1.3 Distance Measurements

A fundamental task in astronomy is the determination of tiseadces to astronomical objects.
As we have seen above, the direct observables from an asiicslaobject are its angular size
on the sky and its energy flux at the position of the observéstabDce is therefore required in
order to convert these observables into physical quasititie this subsection we describe the
principles behind some of the most important methods famading astronomical distances.

(a) Trigonometric Parallax The principle on which this distance measure is based is very
simple. We are all familiar with the following: when walkirajong one direction, nearby and
distant objects appear to change their orientation witpeetsto each other. If the walked dis-
tanceb is much smaller than the distance to an ob¢assumed to be perpendicular to the
direction of motion), then the change of the orientationh& ¢bject relative to an object at in-
finity is 6 = b/d. Thus, by measuring and6 we can obtain the distanek This is called the
trigonometric parallax method, and can be used to measst@ndies to some relatively nearby
stars. In principle, this can be done by measuring the chahtie position of a star relative to
one or more background objects (assumed to be at infinityy@tifferent locations. Unfortu-
nately, the baseline provided by the Earth’s diameter ishsot $hat even the closest stars do not
have a measurable trigonometric parallax. Therefore mealsurements of stellar trigonometric
parallax have to make use of the baseline provided by theat@mof the Earth’s orbit around
the Sun. By measuring the trigonometric parallgx which is half of the angular change in the
position of a star relative to the background as measuretdeosi@ month interval, we can obtain
the distance to the star as
A

d )’ (2.16)
whereA = 1 AU = 1.49597870« 10*3cm is the length of the semi-major axis of the Earth’s orbit
around the Sun. The distance corresponding to a trigonanpetrallax of 1 arcsec is defined as
1 parsec (or 1 pc). From the Earth the accuracy with whgctan be measured is restricted by
atmospheric seeing, which causes a blurring of the imagdgis.problem is circumvented when
using satellites. With the Hipparcos Satellite reliablstaiices have been measured for nearby
stars withrg > 103 arcsec, or with distanceb< 1kpc. The GAIA satellite, which is currently
scheduled for launch in 2012, will be able to measure pamdldor stars with an accuracy of
~ 2 x 10~* arcsec, which will allow distance measurements to 10 péamouracy for 2 x 108
stars.

(b) Motion-Based Methods The principle of this distance measurement is also very lsimp
We all know that the angle subtended by an object of diamesgra distancel is 6 = 1/d
(assuming < d). If we measure the angular diameters of the same object tiandistances,
d; andd,, then the difference between themAf = IAd/d2 = 6Ad/d, whereAd = |d; — dy|

is assumed to be much smaller than bdihandd,, andd = (dldz)l/2 can be considered the
distance to the object. Thus, we can estinthtey measuringA@ andAd. For a star cluster
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consisting of many stars, the change of its distance ovenaititervalAt is given byAd = uAt,
where is the mean radial velocity of the cluster and can be measdiioed the shift of its
spectrum. If we can measure the change of the angular sibe aldster during the same time
interval, A, then the distance to the cluster can be estimated éren® v At/A8. This is called
the moving-cluster method.

Another distance measure is based on the angular motiorusfeclstars caused by their
velocity with respect to the Sun. If all stars in a star clubid the same velocity, the extensions
of their proper motion vectors would converge to a singlenpoin the celestial sphere (just
like the two parallel rails of a railway track appear to commeeto a point at large distance).
By measuring the proper motions of the stars in a star clutes convergent point can be
determined. Because of the geometry, the line-of-sigmfitve observer to the convergent point
is parallel to the velocity vector of the star cluster. Hertbe anglep, between the star cluster
and its convergent point, which can be measured, is the sattaibetween the proper motion
vector and its component along the line-of-sight betweenatbserver and the star cluster. By
measuring the cluster’s radial velociy, one can thus obtain the transverse velogity v, tang.
Comparingu to the proper motion of the star cluster then yields its dista This is called the
convergent-point method and can be used to estimate aealistéénces of star clusters up to a
few hundred parsec.

(c) Standard Candles and Standard Rulers As shown by Egs. (2.1) and (2.2), the luminosity
and physical size of an object are related through the distém its flux and angular size, re-
spectively. Since the flux and angular size are directly oladde, we can estimate the distance
to an object if its luminosity or its physical size can be @i in a distance-independent way.
Objects whose luminosities and physical sizes can be astamsuch a way are called standard
candles and standard rulers, respectively. These objiegtap important role in astronomy, not
only because their distances can be determined, but moxiamtly, because they can serve as
distance indicators to calibrate the relation betweeradist and redshift, allowing the distances
to other objects to be determined from their redshifts, asvillesee below.

One important class of objects in cosmic distance measursrsethe Cepheid variable stars
(or Cepheids for short). These objects are observed to ehdwaiy apparent magnitudes regu-
larly, with periods ranging from 2 to 150 days. The periodightly correlated with the star's
luminosity, such that

M = —a—DblogP, (2.17)

whereP is the period of light variation in days, amdndb are two constants which can be deter-
mined using nearby Cepheids whose distances have beennegtasing another method. For
example, using the trigonometric parallaxes of Cepheidssmed with the Hipparcos Satellite,
Feast & Catchpole (1997) obtained the following relatiotwsenP and the absolute magnitude
in theV band:.#, = —1.43— 2.81logP, with a standard error in the zero point of about 0.10
magnitudes (see Madore & Freedman, 1991, for more examptegh calibrations). Once the
luminosity-period relation is calibrated, and if it is uaigally valid, it can be applied to distant
Cepheids (whose distances cannot be obtained from trigetrmnparallax or proper motion) to
obtain their distances from measurements of their varigt@riods. Since Cepheids are relatively
bright, with absolute magnitude#y, ~ —3, telescopes with sufficiently high spatial resolution,
such as the Hubble Space Telescope (HST), allow Cephe&hdes to be determined for objects
outto~ 10Mpc.

Another important class of objects for distance measurésrae Type la supernovae (SNla),
which are exploding stars with well-calibrated light pre$il Since these objects can reach peak
luminosities up to~ 10'°L, (so that they can outshine an entire galaxy), they can benodxse
out to cosmological distances of several thousand megegmar&mpirically it has been found
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that the peak luminosities of SNla are remarkably similag.(éBranch & Tammann, 1992). In
fact, there is a small dispersion in peak luminosities, big has been found to be correlated
with the rate at which the luminosity decays and so can beected (e.g., Phillips et al., 1999).
Thus, one can obtain thielative distances to Type la supernovae by measuring their lighvesur
The absolute distances can then be obtained once the abgalués of the light curves of some
nearby Type la supernovae are calibrated using other (eghéid) distances. As we will see in
§2.10.1, SNla play an important role in constraining thedasgale geometry of the Universe.

(d) Redshifts as Distances One of the most important discoveries in modern science ws H
ble’s (1929) observation that almost all galaxies appeandve away from us, and that their
recession velocities increase in direct proportion torttistances from ugy O r. This relation,
called the Hubble law, is explained most naturally if the mnge as a whole is assumed to be
expanding. If the expansion is homogeneous and isotrdpee, the distance between any two
objects comoving with the expanding background can beewriis (t) = a(t)r(t’)/a(t’), where
a(t) is a time-dependent scale-factor of the Universe, desgyitiie expansion. It then follows
that the relative separation velocity of the objects is

w=F=H()r, where H(t)=4a(t)/at). (2.18)

This relation applied at the present time gives= Hor, as observed by Hubble. Since the
recession velocity of an object can be measured from itshittds the distance to the object
simply follows fromr = cz/Hp (assumingu < c). In practice, the object under consideration
may move relative to the background with some (gravitafigraduced) peculiar velocityypec,

so that its observed velocity is the sum of this peculiar @igyaalong the line-of-sightypecr, and
the velocity due to the Hubble expansion:

vr = Hol + vpecr - (2.19)

In this case, the redshift is no longer a precise measureofiémt distance, unlesgecr < Hor.
Since for galaxies the typical value fagec is a few hundred kilometers per second, redshifts can
be used to approximate distancesdnr> 1000kms?L.

In order to convert redshifts into distances, we need a Vialuthe Hubble constanHg. This
can be obtained if the distances to some sufficiently disthjects can be measured indepen-
dently of their redshifts. As mentioned above, such objaotscalled distance indicators. For
many years, the value of the Hubble constant was very uncewith estimates ranging from
~50kmsMpc~?! to ~ 100kmsMpct (current constraints oH are discussed i§2.10.1).
To parameterize this uncertaintyfy it has become customary to write

Ho = 10chkms *Mpc™?, (2.20)

and to express all quantities that depend on redshift-bdistances in terms of the reduced
Hubble constanh. For example, distance determinations based on redslfiée oontain a
factor of h~1, while luminosities based on these distances contain arfact, etc. If these
factors are not present, it means that a specific value fadthsble constant has been assumed,
or that the distances were not based on measured redshifts.

2.2 Stars

As we will see in§2.3, the primary visible constituent of most galaxies is ¢benbined light
from their stellar population. Clearly, in order to undarsi galaxy formation and evolution it
is important to know the main properties of stars. In Tablew#e list some of the photometric
properties of the Sun. These, as well as the Sun’s mass aig rad., =2 x 10°3g and R, =
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Fig. 2.5. Spectra for stars of different spectral typgsis the flux per angstrom, and an arbitrary constant
is added to each spectrum to avoid confusion. [Based on datfylprovided by S. Charlot]

Table 2.2. Solar Abundancesin Number Relative to Hydrogen

Element: H He C N @) Ne Mg Si Fe
(N/Ny)x10°: 10° 9800 36.3 112 851 123 3.80 3.55 4.68

Table 2.3. MK Spectral Classes.

Class Temperature Spectral characteristics

28.000-50.000 K Hot stars with He Il absorption; strong Watinuum
10.000-28.000 K Hel absorption; H developing in later st&s
7.500-10.000 K  Strong H lines for A0, decreasing thereaffa Il increasing
6.000- 7.500 K  Call stronger; H lines weaker, metal linegetigping
5.000- 6.000 K Call strong; metal lines strong; H lines vazak
3.500- 5.000 K  Strong metal lines, CH and CN developing; knldae continuum
2.500- 3.500 K Very red; TiO bands developing strongly

SXOTM>wWO
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Fig. 2.6. The color-magnitude diagram (i.e. the H-R diagrafi22000 stars from the Hipparcos Catalogue
together with 1000 low-luminosity stars (red and white dajafrom the Gliese Catalogue of Nearby Stars.
The MK spectral and luminosity classes are also indicatedya the luminosities in solar units. [Diagram
from R. Powell, taken from Wikipedia]

Table 2.4. MK Luminosity Classes.

I Supergiants

Il Bright giants

[} Normal giants

\ Subgiants

\% Dwarfs (Main Sequence stars)
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7 x 10t%m, are usually used as fiducial values when describing staes. The abundance by
number of some of the chemical elements in the solar systgweés in Table 2.2. The fraction
in mass of elements heavier than helium is referred to as &tallicity and is denoted by, and
our Sun ha¥; ~ 0.02. The relative abundances in a star are usually specifiativeeto those
in the Sun:

[A/B] = log [%::;:;ﬂ : (2.21)

where(na/ng), is the number density ratio between elemArand elemenB in the star, and
(na/ng)e is the corresponding ratio for the Sun.

Since all stars, except a few nearby ones, are unresoheedtfiey appear as point sources),
the only intrinsic properties that are directly observadrie their luminosities, colors and spec-
tra. These vary widely (some examples of stellar spectrataoen in Fig.2.5) and form the
basis for their classification. The most often used clasdifio scheme is the Morgan-Keenan
(MK) system, summarized in Tables 2.3 and 2.4. These spetasses are further divided into
decimal subclasses [e.g. from BO (early) to B9 (late)], ehilminosity classes are divided into
subclasses such as la, Ib etc. The importance of this ctagifi is that, although entirely based
on observable properties, it is closely related to the hasysical properties of stars. For exam-
ple, the luminosity classes are related to surface grayitiile the spectral classes are related
to surface temperatures (see e.g. Cox, 2000).

Fig. 2.6 shows the color-magnitude relation of a large nundbestars for which accurate
distances are available (so that their absolute magnitalebe determined). Such a diagram is
called a Hertzsprung-Russell diagram (abbreviated as li&dtam), and features predominantly
in studies of stellar astrophysics. The MK spectral and hosity classes are also indicated.
Clearly, stars are not uniformly distributed in the coloagnitude space, but lie in several well-
defined sequences. Most of the stars lie in the ‘main sequévi&3 which runs from the lower-
right to the upper-left. Such stars are called main-seqeietars and have MK luminosity class
V. The position of a star in this sequence is mainly deterahing its mass. Above the main
sequence one finds the much rarer but brighter giants, malprthe MK luminosity classes
I to IV, while the lower-left part of the H-R diagram is occegi by white dwarfs. The Sun,
whose MK type is G2V, lies in the main sequence witthand absolute magnitude 4.8 and
(atmospheric) temperature 5780K.

As a star ages it moves off the MS and starts to traverse theditam. The location of
a star in the H-R diagram as function of time is called its etiohary track which, again, is
determined mainly by its mass. An important property of dlastgoopulation is therefore its
initial mass function (IMF), which specifies the abundantstars as function of their initial
mass (i.e., the mass they have at the time when reach the M@ysiiter their formation). For
a given IMF, and a given star formation history, one can useetlolutionary tracks to predict
the abundance of stars in the H-R diagram. Since the specaifunstar is directly related to
its position in the H-R diagram, this can be used to predietsppectrum of an entire galaxy, a
procedure which is called spectral synthesis modelingailzet calculations of stellar evolution
models (see Chapté&?) show that a star like our Sun has a MS lifetime of about 10 @gyd
that the MS lifetime scales with mass roughlyMs?, i.e., more massive (brighter) stars spend
less time on the MS. This strong dependence of MS lifetime asshas important observational
consequences, because it implies that the spectrum ofla stg$tem (a galaxy) depends on its
star formation history. For a system where the current standtion rate is high, so that many
young massive stars are still on the main sequence, tharssgléctrum is expected to have a
strong blue continuum produced by O and B stars. On the otired,Hor a system where star
formation has been terminated a long time ago, so that akiveastars have already evolved off
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Table 2.5. Galaxy Morphological Types.

Hubble E E-SO SO SO-Sa Sa Sab Sb Sbc Sc Sc-rr Irr
deVv E SO S® SOt Sa Sab Sb Sbc Scd Sdm Im
T -5 -3 -2 0 1 2 3 4 6 8 10

the MS, the spectrum (now dominated by red giants and thetlass MS stars) is expected to
be red.

2.3 Galaxies

Galaxies, whose formation and evolution is the main topithisf book, are the building blocks
of the Universe. They not only are the cradles for the foraraif stars and metals, but also serve
as beacons that allow us to probe the geometry of space-Yietgt is easy to forget that it was
not until the 1920’s, with Hubble’s identification of Cepteiariable stars in the Andromeda
nebula, that most astronomers became convinced that thg meloulous’ objects cataloged
by John Dreyer in his 188Blew General Catalogue of Nebulae and Clusters of Stars and the
two supplementarindex Catalogues are indeed galaxies. Hence, extra-galactic astronomy is a
relatively new science. Nevertheless, as we will see, we Ima&de tremendous progress: we
have surveyed the local population of galaxies in exquidéil covering the entire range of
wavelengths, we have constructed redshift surveys withdireds of thousands of galaxies to
probe the large scale structure of the Universe, and we haved to unveil the population of
galaxies at high redshifts, when the Universe was only aldnaation of its current age.

2.3.1 The Classification of Galaxies

Fig. 2.7 shows a collage of images of different kinds of glsax Upon inspection, one finds

that some galaxies have smooth light profiles with elligtisaphotes, others have spiral arms
together with an elliptical-like central bulge, and stilhers have irregular or peculiar morpholo-
gies. Based on such features, Hubble ordered galaxies inrphwlogical sequence, which is

now referred to as the Hubble sequence or Hubble tuningeiadgram (see Fig. 2.8). Hubble’s

scheme classifies galaxies into four broad classes:

(i) Elliptical galaxies: These have smooth, almost eltiptisophotes and are divided into
sub-types EO, EZ, -, E7, where the integer is the one closest t¢11:0 b/a), with a and
b the lengths of the semi-major and semi-minor axes.

(i) Spiral galaxies: These have thin disks with spiral atnucures. They are divided into
two branches, barred spirals and normal spirals, accotdimghether or not a recogniz-
able bar-like structure is present in the central part ofidaxy. On each branch, galaxies
are further divided into three classes, a, b and c, accotdittte following three criteria:

o the fraction of the light in the central bulge;

o the tightness with which the spiral arms are wound;

o the degree to which the spiral arms are resolved into stdksetfdlons and ordered dust
lanes.

These three criteria are correlated: spirals with a pronedrulge component usually
also have tightly wound spiral arms with relatively faintlégions, and are classified
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Fig. 2.7. Examples of different types of galaxies. From teftight and top to bottom, NGC 4278 (E1),
NGC 3377 (E6), NGC 5866 (SO), NGC 175 (SBa), NGC 6814 (Sh), MBE5 (Sh, edge on), NGC 5364
(Sc), Holl (Irr ), NGC 520 (Irr I1). [All images are obtainefilom the NASA/IPAC Extragalactic Database
(NED) which is operated by the Jet Propulsion Laboratoryif@aia Institute of Technology, under con-
tract with the National Aeronautics and Space Adminisbrati

as Sa’s. On the other hand, spirals with weak or absent bulgesly have open arms
and bright HIl regions and are classified as Sc’'s. When thezthriteria give conflicting
indications, Hubble put most emphasis on the openness spiha arms.

(iii) Lenticular or SO galaxies: This class is intermedibgtween ellipticals and spirals. Like
ellipticals, lenticulars have a smooth light distributiwith no spiral arms or Hll regions.
Like spirals they have a thin disk and a bulge, but the bulgease dominant than that
in a spiral galaxy. They may also have a central bar, in whadedhey are classified as
SBO.

(iv) lrregular galaxies: These objects have neither a datirig bulge nor a rotationally sym-
metric disk and lack any obvious symmetry. Rather, theieapance is generally patchy,
dominated by a few HIl regions. Hubble did not include thassslin his original sequence
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Fig. 2.8. A schematic representation of the Hubble sequehgmlaxy morphologies. [Courtesy of R.
Abraham, see Abraham (1998)]
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Fig. 2.9. Fractional luminosity of the spheroidal bulge pament in a galaxy as a function of morphologi-
cal type (based on the classification of de Vaucouleurs)a Paints correspond to individual galaxies, and
the curve is a fit to the mean. Elliptical galaxies (Type-5) are considered to be pure bulges. [Based on
data presented in Simien & de Vaucouleurs (1986)]

because he was uncertain whether it should be considerediearsi®n of any of the other
classes. Nowadays irregulars are usually included as angrh to the spiral galaxies.

Ellipticals and lenticulars together are often referreds$aearly-type galaxies, while the spirals
and irregulars make up the class of late-type galaxies. elahdieaversing the Hubble sequence
from the left to the right the morphologies are said to changm early- to late-type. Although
somewhat confusing, one often uses the terms ‘early-tyijpalspand ‘late-type spirals’ to refer
to galaxies at the left or right of the spiral sequence. Weicauthough, that this historical
nomenclature has no direct physical basis: the referentsatty’ or ‘late’ should not be in-
terpreted as reflecting a property of the galaxy’s evol@igrstate. Another largely historical
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Fig. 2.10. The peculiar galaxy known as the Antennae, a systehibiting prominent tidal tails (the left
inlet), a signature of a recent merger of two spiral galaxid¢e close-up of the center reveals the presence
of large amounts of dust and many clusters of newly formed sf€ourtesy of B. Whitmore, NASA, and
Space Telescope Science Institute]

nomenclature, which can be confusing at times, is to reféitu galaxies with#g > —18 as
‘dwarf galaxies’. In particular, early-type dwarfs areeftsplit into dwarf ellipticals (dE) and
dwarf spheroidals (dSph), although there is no clear digtin between these types — often the
term dwarf spheroidals is simply used to refer to early-typkxies with #Zg > —14.

Since Hubble, a variety of other classification schemes baea introduced. A commonly
used one is due to de Vaucouleurs (1974). He put spirals iHtihdle sequence into a finer gra-
dation by adding new types such as SOa, Sab, Sbc (and theponding barred types). After
finding that many of Hubble’s irregular galaxies in fact hadak spiral arms, de Vaucouleurs
also extended the spiral sequence to irregulars, addirest$ped, Sd, Sdm, Sm, Im and 10, in
order of decreasing regularity. (The m stands for ‘Magédiasince the Magellanic Clouds are
the prototypes of this kind of irregulars). Furthermore Mdeicouleurs used numbers between
—6 and 10 to represent morphological types (the de Vaucasil&uypes). Table 2.5 shows the
correspondence between de Vaucouleurs’ notations andléisiiiotations — note that the nu-
mericalT-types do not distinguish between barred and unbarredigala&s shown in Fig. 2.9,
the morphology sequence according to de Vaucouleurs'ifitzgon is primarily a sequence in
the importance of the bulge.

The Hubble classification and its revisions encompass thpimatogies of the majority of the
observed galaxies in the local Universe. However, thereaks@ galaxies with strange appear-
ances which defy Hubble’s classification. From their motpgies, these “peculiar” galaxies
all appear to have been strongly perturbed in the recentgpaisto be far from dynamical equi-
librium, indicating that they are undergoing a transforiorat A good example is the Antennae
(Fig. 2.10) where the tails are produced by the interactich@two spiral galaxies, NGC 4038
and NGC 4039, in the process of merging.

The classifications discussed so far are based only on miagphoGalaxies can also be
classified according to other properties. For instance, tha be classified intbright andfaint
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Fig. 2.11. Galaxy properties along the Hubble morpholdgseguence based on the RC3-UGC sample.
Filled circles are medians, open ones are mean values. Thbtaeket the 25 and 75 percentiles. Properties
plotted arel g (blue luminosity in ergsl), Rys (the radius in kpc of the 25magarcsédsophote in the
B-band),Mr (total mass in solar units within a radi&®s/2), My, (HI mass in solar units)My, /Lg, Z1
(total mass surface density)yy (HI mass surface density), and tBe-V color. [Based on data presented
in Roberts & Haynes (1994)]

according to luminosity, intdigh andlow surface brightness according to surface brightness,
into red andblue according to color, intgas-rich andgas-poor according to gas content, into
quiescent andstarburst according to their current level of star formation, and intmmal and
active according to the presence of an active nucleus. All thespapties can be measured
observationally, although often with some difficulty. Anportant aspect of the Hubble sequence
(and its modifications) is that many of these properties ghaystematically along the sequence
(see Figs. 2.11 and 2.12), indicating that it reflects a secpig the basic physical properties of
galaxies. However, we stress that the classification ofxggdds far less clear cut than that of
stars, whose classification has a sound basis in terms of fRedldgram and the evolutionary
tracks.

2.3.2 Elliptical Galaxies

Elliptical galaxies are characterized by smooth, ellt&urface brightness distributions, contain
little cold gas or dust, and have red photometric colorstattaristic of an old stellar population.
In this section we briefly discuss some of the main, salieseolational properties. A more in-
depth discussion, including an interpretation within thggical framework of galaxy formation,
is presented in Chapter.
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Fig. 2.12. Spectra of different types of galaxies from thteawiolet to the near-infrared. From ellipticals
to late-type spirals, the blue continuum and emission lbeome systematically stronger. For early-type
galaxies, which lack hot, young stars, most of the light gyesmt the longest wavelengths, where one sees
absorption lines characteristic of cool K stars. In the pthe spectrum of early type galaxies show strong
H and K absorption lines of calcium and the G band, charatief solar type stars. Such galaxies emit
little light at wavelengths shorter than 408@Gnd have no emission lines. In contrast, late-type gataxie
and starbursts emit most of their light in the blue and néaaviolet. This light is produced by hot young
stars, which also heat and ionize the interstellar mediwmingrise to strong emission lines. [Based on data
kindly provided by S. Charlot]

(a) Surface Brightness Profiles The one-dimensional surface brightness profil®), of an
elliptical galaxy is usually defined as the surface brightngs a function of the isophotal semi-
major axis lengthR. If the position angle of the semi-major axis changes wittius, a phe-
nomenon called isophote twisting, théfR) traces the surface brightness along a curve that
connects the intersections of each isophote with its owronzagis.

The surface brightness profile of spheroidal galaxies iegaly well fit by the Sérsic profile
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Fig. 2.13. Correlation between the Sérsic indgxand the absolute magnitude in tBéband for a sample
of elliptical galaxies. The vertical dotted lines corresgdo.#g = —18 and.#g = —20.5 and are shown
to facilitate a comparison with Fig. 2.14. [Data compiledi&indly made available by A. Graham (see
Graham & Guzman, 2003)]

(Sérsic, 1968), oRY" profile,

I(R) =lpexp lﬁn <RBe>l/n] = leeXp [Bn{ <RBe>l/n 1}1 , (2.22)

wherelg is the central surface brightnessis the so-called Sérsic index which sets the concen-
tration of the profileRe is the effective radius that encloses half of the total lightle = 1 (Re).
Surface brightness profiles are often expressed in terrpsof-2.5log(l) (which has the units

of mag/arcsed), for which the Sérsic profile takes the form

1/n
U(R) = pe+ 1.086, [<Rﬁe> 1] . (2.23)

The value forB, follows from the definition oRe and is well approximated b@, = 2n— 0.324
(but only forn > 1). Note that Eq. (2.22) reduces to a simple exponentiallpriafi n= 1. The
total luminosity of a spherical system with a Sérsic prafle
L:2rr/ |(R)RAR = 22 | o (2.24)
0 (Bn)"

with ' (x) the gamma function. Early photometry of the surface brighsnprofiles of normal
giant elliptical galaxies was well fit by a de Vaucouleursfipeo which is a Sérsic profile with=
4 (andB, = 7.67) and is therefore also calledRy/*-profile. With higher accuracy photometry
and with measurements of higher and lower luminosity gakxt became clear that ellipticals
as a class are better fit by the more general Sérsic profiliactnthe best-fit values far have
been found to be correlated with the luminosity and size efghalaxy: while at the faint end
dwarf ellipticals have best-fit values as lowras- 0.5, the brightest ellipticals can have Sérsic
indicesn > 10 (see Fig. 2.13).

Instead oflp or I, one often characterizes the surface brightness of atiefligalaxy via the

T A similar formula, but withR denoting 3-D rather than projected radius, was used by ir{a965) to describe the
stellar halo of the Milky Way.



2.3 Galaxies 45
_I T I T 17T I LI ! T 1T I ! TT I TT I_ _I T I LELEL I LI | T 1T I E TT I TT I_
s : L8 3 I ° o:ie° ;
5 8 f] Reop o © o
r : oo& ] 8 = a® &b@ (o] 4
° r asc°1 6 | B &BEE' %ﬁ’&: ]
o - %, |1 & 22| 0° 0%9%8—_
N N ; 105 F 3 o0 % g
2 05 . 4 » [ .
— C : © ] £ - S
= [ ! ]
2 Z : 1 TR -
0 : 1 4 .
C 5 ] 3 N i
5 é ] Voesp -
_0'5 _I 1 I 111 I 11 | Iol 1 I i 11 I 11 I_ _I 1 I 11 I 11 i 111 I i 11 I 11 I_
-14 -16 -18 -20 —22 —24 -14 -16 -18 —20 —22 -24
‘/u'B ‘/M‘B

Fig. 2.14. The effective radius (left panel) and the avermgéace brightness within the effective radius
(right panel) of elliptical galaxies plotted against thabisolute magnitude in thB-band. The vertical
dotted lines correspond ta/g = —18 and.#g = —20.5. [Data compiled and kindly made available by A.
Graham (see Graham & Guzman, 2003), combined with data faém Bender et al. (1992)]

average surface brightness within the effective radiys,= L/(2nR2), or, in magnitudes|u)e.
Fig. 2.14 shows hoW. and () are correlated with luminosity. At the bright endig < —18),
the sizes of elliptical galaxies increase strongly with ilnosity. Consequently, the average sur-
face brightness actually decreases with increasing lusitinoAt the faint end (#g > —18),
however, all ellipticals have roughly the same effectidiua (Re ~ 1kpc), so that the average
surface brightnedsicreases with increasing luminosity. Because of this apparent cleaowgr in
properties, ellipticals with#g > —18 are typically called ‘dwarf’ ellipticals, in order to dis-
guish them from the ‘normal’ ellipticals (s§2.3.5). However, this alleged ‘dichotomy’ between
dwarf and normal ellipticals has recently been challengedumber of studies have argued that
there is actually a smooth and continuous sequence of isiagegaurface brightness with increas-
ing luminosity, except for the very bright endAg < —20.5) where this trend is reversed (e.g.,
Jerjen & Binggeli, 1997; Graham & Guzman, 2003).

The fact that the photometric properties of elliptical gé#a undergo a transition around
e ~ —205 is also evident from their central properties (in the infeev hundred parsec).
High spatial resolution imaging with the HST has revealeat the central surface brightness
profiles of elliptical galaxies are typically not well de#erd by an inward extrapolation of the
Sérsic profiles fit to their outer regions. Bright ellipieavith .#g < —20.5 typically have a
deficit in I (R) with respect to the best-fit Sérsic profile, while faintdipéicals reveal excess
surface brightness. Based on the value of the central cappge dlogl /dlogr the population
of ellipticals has been split into ‘corey 0.3) and ‘power-law’ { > 0.3) systems. The majority
of bright galaxies with#g < —20.5 have cores, while power-law galaxies typically haxg >
—20.5 (Ferrarese et al., 1994; Lauer et al., 1995). Early resudised on relatively small samples
suggested a bimodal distribution jn with virtually no galaxies in the range®< y < 0.5.
However, subsequent studies have significantly weakereedwuidence for a clear dichotomy,
finding a population of galaxies with intermediate propest{Rest et al., 2001; Ravindranath
etal., 2001). In fact, recent studies, using significarghgér samples, have argued for a smooth
transition in nuclear properties, with no evidence for arghdtomy (Ferrarese et al., 2006b;
Coté et al., 2007, see al§d?).
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Fig. 2.15. Anillustration of boxy and disky isophotes (daturves). The dashed curves are the correspond-
ing best-fit ellipses.

(b) Isophotal Shapes The isophotes of elliptical galaxies are commonly fitted bipses and
characterized by their minor-to-major axis ratlys (or, equivalently, by their ellipticities =
1—b/a) and by their position angles. In general, the ellipticitggnthange across the system, in
which case the overall shape of an elliptical is usually defihy some characteristic ellipticity
(e.g. that of the isophote which encloses half the totat)igh most cases, however, the variation
of € with radius is not large, so that the exact definition is dfditonsequence. For normal
elliptical galaxies the axis ratio lies in the rang8 & b/a < 1, corresponding to types EO to E7.
In addition to the ellipticity, the position angle of the pgwtes may also change with radius, a
phenomenon called isophote twisting.

Detailed modeling of the surface brightness of ellipticabgies shows that their isophotes are
generally not exactly elliptical. The deviations from pt ellipses are conveniently quantified
by the Fourier coefficients of the function

A(9) = Riso(®) — Reil(¢) = a0+ i(an cosng+ bysinng) (2.25)

whereRiso(@) is the radius of the isophote at angdeand Reji(@) is the radius of an ellipse at
the same angle (see Fig.2.15). Typically one considersllipsethat best-fits the isophote in
question, so that, a1, a2, by andb, are all consistent with zero within the errors. The deviaio
from this best-fit isophote are then expressed by the highder Fourier coefficienta, andby,
with n > 3. Of particular importance are the values of theoefficients, which indicate whether
the isophotes are “disky’ag > 0) or “boxy” (a4 < 0), as illustrated in Fig. 2.15. Ttuéskiness of

an isophote is defined as the dimensionless quaaiitg, wherea is the length of the semi-major
axis of the isophote’s best-fit ellipse. We caution that santhors use an alternative method to
specify the deviations of isophotes from pure ellipsestelad of using isophote deviation from
an ellipse, they quantify how thatensity fluctuates along the best-fit ellipse:

(@) =lo+ Z (Ancosn@+ Bysinng) , (2.26)
n=1

with Ig the intensity of the best-fit ellipse. The coefficieAtsandBy, are (approximately) related
to ay andby, according to
dl

iRl (2.27)

di
An:an‘ﬁ‘; Bnh = bn

whereR = ay/1 — ¢, with ¢ the ellipticity of the best-fit ellipse.
The importance of the disky/boxy classification is that baxyl disky ellipticals turn out to
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Fig. 2.16. (a) The ratiam/c for ellipticals and bulges (with bulges marked by horizbitars) versus
ellipticity. Open circles are for bright galaxies with#g < 20.5, with upper limits marked by downward
arrows; solid circles are for early-types with20.5 < .#Zg < —18. The solid curve is the relation expected
for an oblate galaxy flattened by rotation. [Based on datdighed in Davies et al. (1983)] (b) The rotation
paramete(v/o0)* (defined as the ratio afy /0 to the value expected for an isotropic oblate spheroid flat-
tened purely by rotation) versus the average diskinessafdlaxy. [Based on data published in Kormendy
& Bender (1996)]

have systematically different properties. Boxy ellipkicare usually bright, rotate slowly, and
show stronger than average radio and X-ray emission, wihslkeycllipticals are fainter, have

significant rotation and show little or no radio and X-ray esimn (e.g., Bender et al., 1989;
Pasquali et al., 2007). In addition, the diskiness is cateel with the nuclear properties as well;
disky ellipticals typically have steep cusps, while boxljpdicals mainly harbor central cores
(e.g., Jaffe et al., 1994, Faber et al., 1997).

(c) Colors Elliptical galaxies in general have red colors, indicatihgt their stellar contents
are dominated by old, metal-rich stars ($8€). In addition, the colors are tightly correlated
with the luminosity such that brighter ellipticals are reddSandage & Visvanathan, 1978).
As we will see in§??, the slope and (small) scatter of this color-magnitudeticrgouts tight
constraints on the star formation histories of ellipticalaxies. Ellipticals also display color
gradient. In general, the outskirt has a bluer color tharctmral region. Peletier et al. (1990)
obtained a mean logarithmic gradientxt) — R) /Alogr = —0.20+0.02 mag inU — R, and of
A(B—R)/Alogr = —0.09+ 0.02 mag inB — R, in good agreement with the results obtained by
Franx et al. (1989).

(d) Kinematic Properties Giant ellipticals generally have low rotation velocitie®bserva-
tionally, this may be characterized by the ratio of maximumeof-sight streaming motiony,
(relative to the mean velocity of the galaxy)d the average value of the line-of-sight velocity
dispersion interior te- Re/2. This ratio provides a measure of the relative importaficedered
and random motions within the galaxy. For isotropic, obttaxies flattened by the centrifugal
force generated by rotationy, /T ~ \/€/(1— €), with £ the ellipticity of the spheroid (s€&?).

As shown in Fig. 2.16a, for bright ellipticalsy, /0 lies well below this prediction, indicating
that their flattening must be due to velocity anisotropyheathan rotation. In contrast, ellip-
ticals of intermediate luminosities (with absolute magd&—20.5 < .#g < —18.0) and spiral
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Fig. 2.17. The masses of central black holes in ellipticald spiral bulges plotted against the absolute
magnitude (left) and velocity dispersion (right) of theash spheroids. [Adapted from Kormendy (2001)]

bulges havei, /& values consistent with rotational flattening. Fig. 2.16bve$, as noted above,
that disky and boxy ellipticals have systematically diéier kinematics: while disky ellipticals
are consistent with rotational flattening, rotation in b@tjpticals is dynamically unimportant.

When the kinematic structure of elliptical galaxies is eksad in more detail a wide range of
behavior is found. In most galaxies the line-of-sight vélodispersion depends only weakly on
position and is constant or falls at large radii. Towardscater the dispersion may drop weakly,
remain flat, or rise quite sharply. The behavior of the mena-bf-sight streaming velocity
is even more diverse. While most galaxies show maximal stirgga along the major axis, a
substantial minority show more complex behavior. Some hmrezero streaming velocities
along the minor axis, and so it is impossible for them to be lalate body rotating about its
symmetry axis. Others have mean motions which change slydidesize, in axis, or in sign in
the inner regions, the so-called kinematically decouptds. Such variations point to a variety
of formation histories for apparently similar galaxies.

At the very center of most nearby ellipticals (and also $parad SO bulges) the velocity
dispersion is observed to rise more strongly than can berstuel as a result of the gravitational
effects of the observed stellar populations alone. It is gemerally accepted that this rise signals
the presence of a central supermassive black hole. Suchck btde appears to be present
in virtually every galaxy with a significant spheroidal coomgnt, and to have a mass which
is roughly Q1 percent of the total stellar mass of the spheroid (Fig.)2.1X more detailed
discussion of supermassive black holes is presentgefdn

(e) Scaling Relations The kinematic and photometric properties of ellipticalayads are cor-
related. In particular, ellipticals with a larger (cenjraklocity dispersion are both brighter,
known as the Faber-Jackson relation, and larger, knowred3Hwo relation Oy, is the isophotal
diameter within which the average, enclosed surface brgg# is equal to a fixed value). Fur-
thermore, when plotted in the three-dimensional spacersgghby logrp, logRe and logl)e,
elliptical galaxies are concentrated in a plane (see Fi@)Xknown as the fundamental plane. In
mathematical form, this plane can be written as

logRe = alog g + blog(l )e + constant (2.28)
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Fig. 2.18. The fundamental plane of elliptical galaxieshia togRe-log gp-(u)e Space §p is the central
velocity dispersion, andiu)e is the mean surface brightness witfigexpressed in magnitudes per square
arcsecond). [Plot kindly provided by R. Saglia, based oa gablished in Saglia et al. (1997) and Wegner
etal. (1999)]

where(l)e is the mean surface brightness wittiRa (not to be confused withe, which is the
surface brightness &.). The values ofa andb have been estimated in various photometric
bands. For example, Jgrgensen et al. (1996) obtaired.24+ 0.07,b = —0.82+ 0.02 in the
optical, while Pahre et al. (1998) obtained 1.53+0.08,b = —0.79+0.03 in the near-infrared.
More recently, using 9,000 galaxies from the Sloan Digitay Survey (SDSS), Bernardi et al.
(2003) found the best fitting plane to haae- 1.49+ 0.05 andb = —0.754+0.01 in the SDSS
r-band with arms of only 0.05. The Faber-Jackson abgd-o relations are both 2-dimensional
projections of this fundamental plane. While tbg-o projection is close to edge-on and so
has relatively little scatter, the Faber-Jackson pragecig significantly tilted resulting in some-
what larger scatter. These relations can not only be usedt&rrdine the distances to elliptical
galaxies, but are also important for constraining thedaesheir formation (se§??).

(f) Gas Content  Although it was once believed that elliptical galaxies @mmneither gas nor
dust, it has become clear over the years that they actuafitatoa significant amount of in-
terstellar medium which is quite different in charactemfrthat in spiral galaxies (e.g., Roberts
et al., 1991; Buson et al., 1993). Hot (L0’K) X-ray emitting gas usually dominates the in-
terstellar medium (ISM) in luminous ellipticals, where érccontribute up te- 10°M,, to the
total mass of the system. This hot gas is distributed in @ddrnX-ray emitting atmospheres
(Fabbiano, 1989; Mathews & Brighenti, 2003), and servesddeal tracer of the gravitational
potential in which the galaxy resides (S£).

In addition, many ellipticals also contain small amountsvafm ionized (16K) gas as well
as cold & 100K) gas and dust. Typical masses are-100*M, in ionized gas and f0- 1M,
in the cold component. Contrary to the case for spirals, theumts of dust and of atomic and
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Fig. 2.19. The surface brightness profiles of three diskg@éaplus their decomposition in an exponential
disk (solid line) and a Sérsic bulge (dot-dashed line).sghon data published in MacArthur et al. (2003)
and kindly made available by L. MacArthur]

molecular gas are not correlated with the luminosity of thiptecal. In many cases, the dust
and/or ionized gas is located in the center of the galaxy imallsdisk component, while other

ellipticals reveal more complex, filamentary or patchy dustphologies (e.g., van Dokkum &

Franx, 1995; Tran et al., 2001). This gas and dust eithettssfsom accumulated mass loss from
stars within the galaxy or has been accreted from exterrsisys. The latter is supported by
the fact that the dust and gas disks are often found to haegridtics decoupled from that of the
stellar body (e.g., Bertola et al., 1992)

2.3.3 Disk Galaxies

Disk galaxies have a far more complex morphology than @ligdg. They typically consist of a
thin, rotationally supported disk with spiral arms and oféebar, plus a central bulge component.
The latter can dominate the light of the galaxy in the eartigses and may be completely absent
in the latest types. The spiral structure is best seen indacgystems and is defined primarily
by young stars, Hll regions, molecular gas and dust absorpfdge-on systems, on the other
hand, give a better handle on the vertical structure of thle, @vhich often reveals two separate
components: a thin disk and a thick disk. In addition, thereiadications that disk galaxies
also contain a spheroidal, stellar halo, extending outrigel@adii. In this subsection we briefly
summarize the most important observational charactesisti disk galaxies. A more in-depth
discussion, including models for their formation, is praed in Chapte??.

(a) Surface Brightness Profiles Fig.2.19 shows the surface brightness profiles of three disk
galaxies, as measured along their projected, major axebaracteristic of these profiles is that
they typically reveal a range over whigh(R) can be accurately fitted by a straight line. This
corresponds to an exponential surface brightness profile

L
I(R) = lpexp(—R lo=— 2.29
(R) = loexp(—R/Ry) , 0= e (2.29)
(i.e., a Sérsic profile witln = 1). HereR is the cylindrical radiusRy is the exponential scale-
length,lg is the central luminosity surface density, dndk the total luminosity. The effective
radius enclosing half of the total luminosity i ~ 1.67Ry. Following Freeman (1970) it has
become customary to associate this exponential surfagbthass profile with the actual disk
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component. The central regions of the majority of disk gigssshow an excess surface bright-
ness with respect to a simple inward extrapolation of thigoeential profile. This is interpreted
as a contribution from the bulge component, and such intéapon is supported by images of
edge-on disk galaxies, which typically reveal a centraligtdy spheroidal, component clearly
thicker than the disk itself (see e.g., NGC 4565 in Fig. 2At)arge radii, the surface brightness
profiles often break to a much steeper (roughly exponergiatile (an example is UGC 927,
shown in Fig. 2.19). These breaks occur at r&i= aRy with a in the range 2.5to 4.5 (e.g.,
Pohlen et al., 2000; de Grijs et al., 2001).

Fig. 2.20 show$R. and e as functions of the absolute magnitude for a large sampléskf d
dominated galaxies (i.e., with a small or negligible bulgmponent). Clearly, as expected, more
luminous galaxies tend to be larger, although there is lacgéter, indicating that galaxies of a
given luminosity span a wide range in surface brightneddete that, similar to ellipticals with
B > —20.5, more luminous disk galaxies on average have a highercautfaghtness (see
Fig.2.14).

When decomposing the surface brightness profiles of disk«@ into the contributions of
disk and bulge, one typically fitg(R) with the sum of an exponential profile for the disk and a
Sérsic profile for the bulge. We caution, however, thatehmsge-disk decompositions are far
from straightforward. Often the surface brightness prefidleow clear deviations from a simple
sum of an exponential plus Sérsic profile (e.g., UGC 1252Fign 2.19). In addition, seeing
tends to blur the central surface brightness distributidnich has to be corrected for, dust can
cause significant extinction, and bars and spiral arms septeclear deviations from perfect
axisymmetry. In addition, disks are often lop-sided (thetees of different isophotes are offset
from each other in one particular direction) and can even &gped (the disk is not planar, but
different disk radii are tilted with respect to each othd@t)ese difficulties can be partly overcome
by using the full two-dimensional information in the imagg,using color information to correct
for dust, and by using kinematic information. Such studésgiire much detailed work and even
then ambiguities remain.

Despite these uncertainties, bulge-disk decompositians heen presented for large samples
of disk galaxies (e.g., de Jong, 1996a; Graham, 2001; MacArt al., 2003). These studies
have shown that more luminous bulges have a larger bestfgiShdex, similar to the relation
found for elliptical galaxies (Fig. 2.13): while the relaly massive bulges of early-type spirals
have surface brightness profiles with a best-fit Sérsicximde 4, the surface brightness profiles
of bulges in late-type spirals are better fit withs 1. In addition, the ratio between the effective
radius of the bulge and the disk scale length is found to bghigtindependent of Hubble type,
with an average oftep/Ry) = 0.22+0.09. The fact that the bulge-to-disk ratio increases from
late-type to early-type, therefore indicates that brightéges have a higher surface brightness.

Although the majority of bulges have isophotes that areectoselliptical, a non-negligible
fraction of predominantly faint bulges in edge-on, latpeylisk galaxies have isophotes that are
extremely boxy, or sometimes even have the shape of a peasuie will see in§??, these
peanut-shaped bulges are actually bars that have beeetieidlout of the disk plane.

(b) Colors In general, disk galaxies are bluer than elliptical galsxiéthe same luminosity.
As discussed if§??, this is mainly owing to the fact that disk galaxies are stiltively forming
stars (young stellar populations are blue). Similar tg&tial galaxies, more luminous disks are
redder, although the scatter in this color-magnitudeigas much larger than that for elliptical
galaxies. Part of this scatter is simply due to inclinatiffeats, with more inclined disks being
more extincted and hence redder, although the intrinsitesog@orrected for dust extinction) is
still significantly larger than for ellipticals. In generdlisk galaxies also reveal color gradients,
with the outer regions being bluer than the inner regiorgs (de Jong, 1996b).

Although it is often considered standard lore that diskskdwe and bulges are red, this is
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Fig. 2.20. The effective radius (left panel) and the surtarightness at the effective radius (right panel) of
disk dominated galaxies plotted against their absolutenitzde in theB-band. [Based on data published
in Impey et al. (1996)]

not supported by actual data. Rather, the colors of bulgesnageneral very similar to, or at
least strongly correlated with, the central colors of tlasisociated disks (e.g., de Jong, 1996a;
Peletier & Balcells, 1996; MacArthur et al., 2004). Conseuwfly, bulges also span a wide range
in colors.

(c) Disk Vertical Structure Galaxy disks are not infinitesimally thin. Observations gest
that the surface brightness distribution in the ‘verti¢al) direction is largely independent of the
distancer from the disk center. The three-dimensional luminositysitgrof the disk is therefore
typically written in separable form as

v(Rz) = vpexp(—R/Ry) f(2) . (2.30)

A general fitting function commonly used to describe the hwsity density of disks in the
direction is

fa(z) = seck/" <r2]|_zz|) , (2.31)

wheren is a parameter controlling the shape of the profile reear0 andz, is called the scale
height of the disk. Note that all these profiles project teefaa surface brightness profiles given
by Eq. (2.29) withlg = anvpzg, With a, a constant. Three valueswhave been used extensively
in the literature:

secl(z/2z) a,=4 n=1
fn(z) = ¢ sechz/z) ahn=1mT n=2 (2.32)
exp(—|2/z) @an=2 n=o

The sech-form forn= 1 corresponds to a self-gravitating isothermal sheet.cAitfhn this model
has been used extensively in dynamical modeling of disk«ggddse&??), it is generally recog-
nized that the models with= 2 andn = o provide better fits to the observed surface brightness
profiles. Note that alf,(z) decline exponentially at large|; they only differ near the midplane,
where larger values of result in steeper profiles. Unfortunately, since dust isaliguconcen-
trated near the mid-plane, it is difficult to accurately doais n. The typical value of the ratio
between the vertical and radial scale lengtte j&4 ~ 0.1, albeit with considerable scatter.
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Finally, it is found that most (if not all) disks have exceasface brightness, at large distances
from the midplane, that cannot be described by Eq. (2.31is &ftess light is generally ascribed
to a separate ‘thick disk’ component, whose scale heiglpisally a factor three larger than for
the ‘thin disk’. The radial scale lengths of thick disks, leser, are remarkably similar to those of
their corresponding thin disks, with typical ratiosRf nick/Ra.thin in the range D — 1.5, while
the stellar mass ratiddg thick/Md.thin decrease from- 1 for low mass disks withor < 75km si
to ~ 0.2 for massive disks wity > 150km s (Yoachim & Dalcanton, 2006).

(d) Stellar Halos The Milky Way contains a halo of old, metal poor stars with asity dis-
tribution that falls off as a power-layg O r~ (a ~ 3). In recent years, however, it has become
clear that the stellar halo reveals a large amount of sutistielin the form of stellar streams
(e.g., Helmi et al., 1999; Yanny et al., 2003; Bell et al., 2D0hese streams are associated with
material that has been tidally stripped from satellite gi@iand globular clusters (sé@?), and

in some cases they can be unambiguously associated withottiginal stellar structure (e.g.,
Ibata et al., 1994; Odenkirchen et al., 2002). Similar striedave also been detected in our
neighbor galaxy, M31 (Ferguson et al., 2002).

However, the detection of stellar halos in more distantxjata where the individual stars
cannot be resolved, has proven extremely difficult due t@ktieemely low surface brightnesses
involved (typically much lower than that of the sky). Nevestess, using extremely deep imag-
ing, Sackett et al. (1994) detected a stellar halo arounedge-on spiral galaxy NGC 5907.
Later, and deeper observations of this galaxy suggesthisagttraplanar emission is once again
associated with a ring-like stream of stars (Zheng et aB9) 9By stacking the images of hun-
dreds of edge-on disk galaxies, Zibetti et al. (2004) wete &bobtain statistical evidence for
stellar halos around these systems, suggesting that they &act rather common. On the other
hand, recent observations of the nearby late-type spird 84&m to exclude the presence of a
significant stellar halo in this galaxy (Ferguson et al., 2O@urrently the jury is still out as to
what fraction of (disk) galaxies contain a stellar halo, ando what fraction of the halo stars are
associated with streams versus a smooth, spheroidal ca@npon

(e) Bars and Spiral Arms More than half of all spirals show bar-like structures inittiener
regions. This fraction does not seem to depend significamtlthe spiral type, and indeed SO
galaxies are also often barred. Bars generally have isephshich are more squarish than
ellipses and can be fit by the ‘generalized ellipse’ formqld,/a)¢ + (]y|/b)° = 1, wherea, b
andc are constants andlis substantially larger than 2. Bars are, in general, quaagated,
with axis ratios in their equatorial planes ranging from ath®.5 to 5. Since it is difficult to
observe bars in edge-on galaxies, their thickness is ndtdegtrmined. However, since bars
are so common, some limits may be obtained from the appdriekiness of the central regions
of edge-on spirals. Such limits suggest that most bars ayefte, probably as flat as the disks
themselves, but the bulges complicate this line of argurardtit is possible that some bulges
(for example, the peanut-shaped bulges) are directlyegkat bars (se§??).

Galaxy disks show a variety of spiral structure. ‘Grandigi@ssystems have arms (most
frequently two) which can be traced over a wide range of radd in many, but far from all,
cases are clearly related to a strong bar or to an interan#ighbor. ‘Flocculent’ systems, on
the other hand, contain many arm segments and have no oltaigesscale pattern. Spiral arms
are classified as leading or trailing according to the sensghich the spiral winds (moving
from center to edge) relative to the rotation sense of thie. didmost all spirals for which an
unambiguous determination can be made are trailing.

Spiral structure is less pronounced (though still presiented light than in blue light. The
spiral structure is also clearly present in density mapsah& and molecular gas and in maps
of dust obscuration. Since the blue light is dominated bysirasand short-lived stars born in
dense molecular clouds, while the red light is dominatedIdgrostars which make up the bulk
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Fig. 2.21. The rotation curves of the Sc galaxy NGC 3198)(laftd the low-surface brightness galaxy
F568-3 (right). The curve in the left panel shows the contidn from the disk mass assuming a mass-to-
light ratio of 38Mg /L. [Based on data published in Begeman (1989) and Swaters(208D)]

of the stellar mass of the disk, this suggests that spinattre is not related to the star formation
process alone, but affects the structure of all compondnigsks, a conclusion which is more
secure for grand-design than for flocculent spirals {g&dor details).

(f) Gas Content Unlike elliptical galaxies which contain gas predomingirila hot and highly
ionized state, the gas component in spiral galaxies is mainieutral hydrogen (HI) and molec-
ular hydrogen (H). Observations in the 21-cm lines of HI and in the mm-linesC@ have
produced maps of the distribution of these components inymaarby spirals (e.g., Young &
Scoville, 1991). The gas mass fraction increases from ab¥%uin massive, early-type spirals
(Sa/SBa) to as much as 80% in low mass, low surface brighttiglsgalaxies (McGaugh & de
Blok, 1997). In general, while the distribution of moleauigs typically traces that of the stars,
the distribution of HI is much more extended and can oftenrdeed to several Holmberg radii.
Analysis of emission from HIl regions in spirals provideg thrimary means for determining
their metal abundance (in this case the abundance of iellarsgas rather than of stars). Metal-
licity is found to decrease with radius. As a rule of thumlg thetal abundance decreases by
an order of magnitude for a hundred-fold decrease in sudansity. The mean metallicity also
correlates with luminosity (or stellar mass), with the nhataundance increasing roughly as the
square root of stellar mass (sge4.4).

(g9) Kinematics The stars and cold gas in galaxy disks move in the disk plansooghly

circular orbits. Therefore, the kinematics of a disk argddy specified by its rotation curve
Viot(R), which expresses the rotation velocity as a function of galzentric distance. Disk
rotation curves can be measured using a variety of techsjquest commonly optical long-
slit or IFU spectroscopy of HIl region emission lines, oricadr millimeter interferometry of

line emission from the cold gas. Since the HI gas is usuallyenextended than the ionized
gas associated with HIl regions, rotation curves can bequt@ut to larger galactocentric radii
using spatially resolved 21-cm observations than usingalpgmission lines. Fig.2.21 shows
two examples of disk rotation curves. For massive galaxiese typically rise rapidly at small
radii and then are almost constant over most of the disk. larfland lower surface brightness
systems a slower central rise is common. There is consil#evaliation from system to system,
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Fig. 2.22. The Tully-Fisher relation in tHeband. HeréV is the linewidth of the HI 21 cm line which is
roughly equal to twice the maximum rotation velocMuax. [Adapted from Giovanelli et al. (1997) by
permission of AAS]

and features in rotation curves are often associated witk structures such as bars or spiral
arms.

The rotation curve is a direct measure of the gravitatiooald within a disk. Assuming, for
simplicity, spherical symmetry, the total enclosed maghiwiradiusr can be estimated from

M(r) =rV2,(r)/G. (2.33)

In the outer region, wheré(r) is roughly a constant, this implies thisk(r) O r, so that the
enclosed mass of the galaxy (unlike its enclosed luminpdibgs not appear to be converging.
For the rotation curve of NGC 3198 shown in Fig. 2.21, the rasasured point corresponds to
an enclosed mass of8lx 10'*M.,, about four times larger than the stellar mass. Clearly, the
asymptotic total mass could even be much larger than thig. fatt that the observed rotation
curves of spiral galaxies are flat at the outskirts of theskslis evidence that they possess massive
halos of unseen, dark matter. This is confirmed by studielseokinematics of satellite galaxies
and of gravitational lensing, both suggesting that thees®d mass continues to increase roughly
with radius out to at least ten times the Holmberg radius.

The kinematics of bulges are difficult to measure, mainlydose of contamination by disk
light. Nevertheless, the existing data suggests that therityaare rotating rapidly (consistent
with their flattened shapes being due to the centrifugale®ycand in the same sense as their
disk components.

(h) Tully-Fisher Relation Although spiral galaxies show great diversity in lumingsgize,
rotation velocity and rotation-curve shape, they obey d-defined scaling relation between
luminosityL and rotation velocity (usually taken as the maximum of thation curve well away
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from the centetVmay. This is known as the Tully-Fisher relation, an example bfali is shown

in Fig. 2.22. The observed Tully-Fisher relation is usuakpressed in the forrh = AV,
whereA is the zero-point and is the slope. The observed valuewfs between 5 and 4, and
is larger in redder bands (e.g., Pierce & Tully, 1992). FoxadVnay, the scatter in luminosity
is typically 20 percent. This tight relation can be used tongste the distances to spiral galaxies,
using the principle described §2.1.3(c). However, as we show in Chap® the Tully-Fisher
relation is also important for our understanding of galaonfation and evolution, as it defines
a relation between dynamical mass (due to stars, gas, akdngddier) and luminosity.

2.3.4 The Milky Way

We know much more about our own Galaxy, the Milky Way, thanulooost other galaxies, sim-
ply because our position within it allows its stellar and gastent to be studied in considerable
detail. This ‘internal perspective’ also brings disademy®s, however. For example, it was not
demonstrated until the 1920’s and 30’s that the relativeliijonm brightness of the Milky Way
observed around the sky does not imply that we are close toder of the system, but rather
is a consequence of obscuration of distant stars by duss cdmplication, combined with the
problem of measuring distances, is the main reason why mathedVilky Way’s large-scale
properties (e.g., its total luminosity, its radial strueiuits rotation curve) are still substantially
more uncertain than those of some external galaxies.

Nevertheless, we believe that the Milky Way is a relativetymal spiral galaxy. Its main
baryonic component is the thin stellar disk, with a mass-&x 10'°M .., a radial scale length
of ~ 3.5kpc, a vertical scale height ef 0.3kpc, and an overall diameter ef 30kpc. The Sun
lies close to the midplane of the disk, about 8kpc from theaGiad Center, and rotates around
the center of the Milky Way with a rotation velocity ef 220kms®. In addition to this thin
disk component, the Milky Way also contains a thick disk whosass is 10-20 percent of that
of the thin disk. The vertical scale height of the thick disk-i1kpc, but its radial scale length is
remarkably similar to that of the thin disk. The thick diskats slower than the thin disk, with
a rotation velocity at the solar radius 8f175kms .

In addition to the thin and thick disks, the Milky Way also tains a bulge component with
a total mass ofv 101°M, and a half-light radius of- 1kpc, as well as a stellar halo, whose
mass is only about 3 percent of that of the bulge despite ithrtarger radial extent. The stellar
halo has a radial number density distributitin) O r~%, with 2 < a < 4, reaches out to at least
40kpc, and shows no sign of rotation (i.e., its structuraig®rted against gravity by random
rather than ordered motion). The structure and kinemafitseobulge are more complicated.
The near-infrared image of the Milky Way, obtained with th@EBE satellite, shows a modest,
somewhat boxy bulge. As discussedsi??, it is believed that these boxy bulges are actually
bars. This bar-like nature of the Milky Way bulge is suppdtg the kinematics of atomic and
molecular gas in the inner few kiloparsecs (Binney et al91)9by microlensing measurements
of the bulge (Zhao et al., 1995), and by asymmetries in thebmumensities of various types of
stars (Whitelock & Catchpole, 1992; Stanek et al., 1994 e8ster, 1996). The very center of
the Milky Way is also known to harbor a supermassive blacle wath a mass approximately
2x 10°M,,. Its presence is unambiguously inferred from the radiabsiéies, proper motions
and accelerations of stars which pass within 100 astroramitts (15 x 10'°cm) of the central
object (Genzel et al., 2000; Schodel et al., 2003; Ghez £2605).

During World War Il the German astronomer W. Baade was iérat Mount Wilson in
California, where he used the unusually dark skies prodbgetie blackout to study the stellar
populations of the Milky Way. He realized that the variousnpmnents are differentiated not
only by their spatial distributions and their kinematicst blso by their age distributions and
their chemical compositions. He noted that the disk pomrafwhich he called Population
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I) contains stars of all ages and with heavy element aburegaranging from about 0.2 to 1
times solar. The spheroidal component (bulge plus halogtwie called Population 11, contains
predominantly old stars and near the Sun its heavy elememtdaimces are much lower than
in the disk. More recent work has shown that younger diskssie®@ more concentrated to the
midplane than older disk stars, that disk stars tend to be metal-rich near the Galactic center
than at large radii, and that young disk stars tend to be sd@emore metal-rich than older
ones. In addition, it has become clear that the spheroidapoment contains stars with a very
wide range of metal abundances. Although the majority atlimva factor of 2 or 3 of the solar
value, almost the entire metal-rich part of the distribntiies in the bulge. At larger radii the
stellar halo is predominantly metal-poor with a metaliaitistribution reaching down to very
low values: the current record holder has an iron conterttithabout 200,000 times smaller
than that of the Sun! Finally, the relative abundances otifipeheavy elements (for example,
Mg and Fe) differ systematically between disk and spheraglwe will see in Chapte??, all
these differences indicate that the various componentseofiilky Way have experienced very
different star formation histories (see ak5).

The Milky Way also contains about510° M, of cold gas, almost all of which is moving on
circular orbits close to the plane of the disk. The majorityhis gas ¢ 80 percent) is neutral,
atomic hydrogen (HI), which emits radio emission at 21 cme Témaining~ 20 percent of
the gas is in molecular form and is most easily traced usirdlinmeter-wave line emission from
carbon monoxide (CO). The HI has a scale height-o150pc and a velocity dispersion of
~9kmsl. Between 4 and 17 kpc its surface density is roughly constiutining rapidly at
both smaller and larger radii. The molecular gas is morerabiytconcentrated than the atomic
gas, and mainly resides in a ring-like distributionad.5 kpc from the center, and with a FWHM
of ~ 2kpc. Its scale height is onky 50 pc, while its velocity dispersion is 7kms™, somewhat
smaller than that of the atomic gas. The molecular gas isigedin molecular cloud complexes
with typical masses in the range®lt 10’ M., and typical densities of order 100 atoms/cc.
New stars are born in clusters and associations embedded imense, dust-enshrouded cores
of these molecular clouds (see Chap?€}. If a star-forming region contains O and B stars,
their UV radiation soon creates an ionized bubble, an “Hii@a”, in the surrounding gas. Such
regions produce strong optical line emission which makemtkasy to identify and to observe.
Because of the (ongoing) star formation, the ISM is enrickid heavy elements. In the solar
neighborhood, the metallicity of the ISM is close to thatlod Sun, but it decreases by a factor
of a few from the center of the disk to its outer edge.

Three other diffuse components of the Milky Way are obseatddvels which suggest that
they may significantly influence its evolution. Most of thdwme of the Galaxy near the Sun is
occupied by hot gas at temperatures of abofKland densities around 16 atoms/cc. This gas
is thought to be heated by stellar winds and supernovae artdine much of the energy density
of the ISM. A similar energy density resides in relativigtiotons and electrons (cosmic rays)
which are thought to have been accelerated primarily insup@ shocks. The third component
is the Galactic magnetic field which has a strength of a f#8y is ordered on large scales, and
is thought to play a significant role in regulating star fotimain molecular clouds.

The final and dominant component of the Milky Way appears tdddark halo. Although
the ‘dark matter’ out of which this halo is made has not beeseoked directly (except perhaps
for a small fraction in the form of compact objects, §2€10.2), its presence is inferred from the
outer rotation curve of the Galaxy, from the high velocitiéshe most extreme local Population
Il stars, from the kinematics of globular star clusters andud galaxies in the stellar halo, and
from the infall speed of our giant neighbor, the Andromedaute The estimated total mass of
this unseen distribution of dark matter is about?M ., and it is thought to extend well beyond
100kpc from the Galactic center.
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Fig. 2.23. Images of two dwarf galaxies: the Large Magetlatdud (LMC, left panel), which is a proto-
typical dwarf irregular, and the dwarf spheroidal Fornagt{t panel). [Courtesy of NASA/IPAC Extra-
galactic Database]

2.3.5 Dwarf Galaxies

For historical reasons, galaxies with#g > —18 are often called dwarf galaxies (Sandage &
Binggeli, 1984). These galaxies span roughly six orders afmitude in luminosity, although
the faint end is subject to regular changes as fainter amdefagalaxies are constantly being
discovered. The current record holder is Willman I, a dwpHezoidal galaxy in the local group
with an estimated magnitude ofy, ~ —2.6 (Willman et al., 2005; Martin et al., 2007).

By number, dwarfs are the most abundant galaxies in the theydut they contain a rela-
tively small fraction of all stars. Their structure is qudierse, and they do not fit easily into
the Hubble sequence. The clearest separation is betweenchas/stems with ongoing star
formation — the dwarf irregulars (dlrr) — and gas-poor systavith no young stars — the dwarf
ellipticals (dE) and dwarf spheroidals (dSph). Two exarsplethem are shown in Fig. 2.23.

Fig. 2.24 sketches the regions in the parameter space ctieffeadius and absolute magni-
tude that are occupied by different types of galaxies. paad dwarf irregulars cover roughly
four orders of magnitude in luminosity, almost two ordersraEfgnitude in size, and about three
orders of magnitude in surface brightness. As their namgestg, dwarf irregulars have highly
irregular structures, often being dominated by one or a feghbHIl regions. Their gas content
increases with decreasing mass and in extreme objects,asublue compact dwarfs, the so-
called ‘extragalactic HIl regions’, the HI extent can be m#imes larger than the visible galaxy.
The larger systems seem to approximate rotationally suggatisks, but the smallest systems
show quite chaotic kinematics. The systems with regulatiant curves often appear to require
substantial amounts of dark matter even within the visibfgans of the galaxy.

Dwarf ellipticals are gas-poor systems found primarily imowps and clusters of galaxies.
Their structure is regular, with luminosity profiles clogerexponential than to the de Vau-
couleurs law (see Fig. 2.13). In addition, they have lowetattieities than normal ellipticals,
although they seem to follow the same relation between fityahand luminosity.

Dwarf spheroidals (dSphs) are faint objects of very low atfbrightness, which have so
far only been identified unambiguously within the Local Qudeees2.5.2). Their structure is
relatively regular and they appear to contain no gas andmerg few, young stars with ages less
than about 1 Gyr. However, several dSphs show unambiguddesree for several distinct bursts
of star formation. Their typical sizes range from a few temsdveral hundreds of parsec, while
their luminosities span almost five orders of magnitude. ifTkieematics indicate dynamical
mass-to-light ratios that can be as large as several huadireds that of the Sun, which is



2.3 Galaxies 59

_I 1 1 1 1 1 1 1 1 1 1 1 I 1 1 : 1 1 1 I_
_ S
= que, : g
1| : &/
I o LS
- 5@‘? 0y -
L W\ ' $ q;?_
QN a2 oS
— o 4@ -
g | X
&0 dE
\0 L -
ad 5 i
= cE/
2 [ | 1
i dSph ‘ ]
i UCD ! 1
_2 - : —
1 1 1 1 I ) 1 1 1 I 1 1 1 1 I 1 1 1 1 I 1 1 1
0 -5 -10 -15 -20

Fig. 2.24. A sketch of the regions in the parameter spacefedtéfe radius and absolute magnitude (both
in the B-band) occupied by different types of galaxies. The spldata@ystems are split in ellipticals, dwarf
ellipticals (dE), compact ellipticals (cE), dwarf sphefalis (dSph), and ultra-compact dwarfs (UCD). The
dashed, vertical line corresponds.#s = —18, and reflects the magnitude limit below which galaxies are
often classified as dwarfs. The diagonal lines are lines atamt surface brightness; galaxies roughly span
5 orders of magnitude in surface brightness, frgm)e ~ —18.5 to (ug)e ~ —30.5.

usually interpreted as implying a large dark matter conietateo, 1998; Gilmore et al., 2007).
One of the most luminous dSphs, the Sagittarius dwarf, otlyrées only about 20 kpc from the
center of the Milky Way and is being torn apart by the Milky V¢atydal forces.

The distinction between ‘dwarf’ and ‘regular’ galaxies htglorigin in the observation that
ellipticals with .#g > —18 are not well described by the de VaucouleRt*-law. Instead,
their surface brightness profiles were found to be closexporential (e.g., Faber & Lin, 1983;
Binggeli et al., 1984). This distinction was further strérened by the work of Kormendy
(1985) who found that bright ellipticals have their surfdmégghtness decrease with increas-
ing luminosity, while dEs have increasing surface brighthwith increasing luminosity (see
Fig. 2.14). This gave rise to the concept of a clear dichotbatyween dwarf and regular ellipti-
cals. More recently, however, it has been argued that tiithédomy’, with a characteristic scale
at /s ~ —18, is an artefact of sample selection and of the fact thasdinace brightness pro-
files were fit with either aRY/4-profile or an exponential. Fitting with the more generaisge
profiles instead indicates clearly that there is a smoothdtieetween the best-fit Sérsic index
and absolute magnitude (see Fig. 2.13) and an equally sritreatthbetween absolute magnitude
andcentral surface brightness (see Graham & Guzman, 2003, and re&séherein). Hence,
there seems to be no clear distinction between dEs and &egllipticals. Neither is there a
clear distinction between dEs and dSphs; the latter simplyaup the low luminosity extreme
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of the dEs, typically with#g > —14. Although we will adhere to the *historical’ nomenclagur
throughout this book, we caution that there is no clear gaysnotivation for discriminating
between dSphs, dEs, and ‘regular’ ellipticals (but$&8.

Fig. 2.24 also sketches the location in size-luminositycepaccupied by a special class of
(dwarf) galaxies known as compact ellipticals (cEs). Thasecharacterized by unusually high
surface brightness for their luminosity, although they dera to form a smooth continuation of
the size-luminosity relation of ‘regular’ ellipticals. €lproto-typical example is M32, a com-
panion of the Andromeda galaxy M31. Compact ellipticals\amey rare, and only a handful of
these systems are known. Some authors have argued thatigies bl (early-type) disk galax-
ies occupy the same region in parameter space as the cEgstinggthat these two types of
objects are somehow related (e.g., Bender et al., 19923llfiDrinkwater et al. (2003) have
recently identified a new class of (potential) galaxiedechliltra-compact dwarfs (UCDs). They
typically have.#s ~ —11 and effective radii of 10 to 20 pc, giving them an averagéase
brightness comparable to that of cEs. Their nature is gty wincertain. In particular, it is still
unclear whether they should be classified as galaxies, othehthey merely reflect the bright
end of the population of globular clusters. Alternativéhey may also be the remnant nuclei of
disrupted low surface brightness galaxies (see below).

2.3.6 Nuclear Star Clusters

In their landmark study of the Virgo cluster, Binggeli et @987) found that- 25% of the dEs
contain a massive star cluster at their centers (calledublens), which clearly stands out against
the low surface brightness of its host galaxy. Following tstudy it has become customary to
split the population of dEs into ‘nucleated’ and ‘non-nuatkd’. Binggeli et al. (1987) did not
detect any nuclei in the more luminous ellipticals, althotiiey cautioned that these might have
been missed in their photographic survey due to the higtasearbrightness of the underlying
galaxy. Indeed, more recent studies, capitalizing on thl bpatial resolution afforded by the
HST, have found that as much&s30% of all early-type galaxies with#g < —15 are nucleated
(e.g., Grant et al., 2005; Coté et al., 2006). In additid8,T imaging of late-type galaxies has
revealed that 50-70% of these systems also have compadat slekters near their photometric
centers (e.g., Phillips et al., 1996; Boker et al., 2002)ede show a remarkable similarity in
luminosity and size to those detected in early-type gatatitowever, the nuclear star clusters in
late-type galaxies seem to have younger stellar ages tearctunterparts in early-type galaxies
(e.g., Walcher et al., 2005; Coté et al., 2006). Thus al&martion of all galaxies, independent of
their morphology, environment or gas content, contain deasctar cluster at their photometric
center. The only exception seem to be the brightest eliifstjavith.#5 < —20.5, which seem
to be devoid of nuclear star clusters. Note that this madaittorresponds to the transition
from disky, power-law ellipticals to boxy, core elliptisalsee;2.3.2), supporting the notion of a
fundamental transition at this luminosity scale.

On average, nuclear star clusters are an order of magnitode lominous than the peak of
the globular cluster luminosity function of their host gaés, have stellar masses in the range
~10°—10®°M, and typical radii of~ 5pc. This makes nuclear star clusters the densest stellar
systems known (e.g., Geha et al., 2002; Walcher et al., 2008ct, they are not that dissimilar
to the ultra-compact dwarfs, suggesting a possible reldéay., Bekki et al., 2001).

As discussed i1§2.3.2 (see als§??), the majority of bright spheroids (ellipticals and bulpes
seem to contain a supermassive black hole (SMBH) at thelensac The majority of spheroids
with secure SMBH detections have magnitudes in the rarge< .#g < —18. Although it is
unclear whether (the majority of) fainter spheroids alstbba SMBHS, current data seems to
support a view in which bright galaxiesAg < —20) often, and perhaps always, contain SMBHs
but not stellar nuclei, while at the faint end/fg > —18) stellar nuclei become the dominant
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feature. Intriguingly, Ferrarese et al. (2006a) have shithahstellar nuclei and SMBHs obey a
common scaling relation between their mass and that of bt galaxy, wittMcwvo/Mgal =
0.018"2934 (where CMO stands for Central Massive Object), suggestiag SMBHs and nu-
clear clusters share a common origin. This is somewhat eldutiough, by the fact that nuclear
star clusters and SMBHs are not mutually exclusive. The tegt known cases in which SMBHs
and stellar nuclei coexist are M32 (Verolme et al., 2002) taedMilky Way (Ghez et al., 2003;
Schodel et al., 2003).

2.3.7 Starbursts

In normal galaxies like the Milky Way, the specific star fottina rates are typically of order
0.1Gyr %, which implies star formation time scales (defined as thie katween the total stellar
mass and the current star formation rate) that are comparalthe age of the Universe. There
are, however, systems in which the (specific) star formatites are 10 or even 100 times higher,
with implied star formation time scales as short a8 yi@ars. These galaxies are referred to as
starbursts. The star formation activity in such systemkeéet in the most massive ones) is often
concentrated in small regions, with sizes typically abokpd, much smaller than the disk sizes
in normal spiral galaxies.

Because of the large current star formation rate, a starbongains a large number of young
stars. Indeed, for blue starbursts where the star formagigions are not obscured by dust, their
spectra generally have strong blue continuum produced lsgineastars, and show strong emis-
sion lines from HIl regions produced by the UV photons of O 8mtars (see Fig. 2.12). Since
the formation of stars is, in general, associated with thoelpetion of large amounts of dust, T
most of the strong starbursts are not observed directlyhé strong UV emission. Rather, the
UV photons produced by the young stars are absorbed by ddiseaamitted in the far-infrared.
In extreme cases these starbursting galaxies emit themagatity of their light in the infrared,
giving rise to the population of infrared luminous galaxieliRGs) discovered in the 1980s with
the Infrared Astronomical Satellite (IRAS). A LIRG is defthas a galaxy with a far-infrared
luminosity exceeding 8L, (Soifer et al., 1984). If its far-infrared luminosity exaseld2L
it is called an ultraluminous infrared galaxies (ULIRG).

The fact that starbursts are typically confined to a smaloregusually the nucleus) of the
starbursting galaxy, combined with their high star formatiates, requires a large amount of cold
gasto be accumulated in a small region in a short time. The effiient way of achieving this is
through mergers of gas-rich galaxies, where the inteastelbdia of the merging systems can be
strongly compressed and concentrated by tidal interag{i®ee;??). This scenario is supported
by the observation that massive starbursts (in particuldRGs) are almost exclusively found
in strongly interacting systems with peculiar morpholagie

2.3.8 Active Galactic Nuclei

The centers of many galaxies contain small, dense and lueinomponents known as active
galactic nuclei (AGN). An AGN can be so bright that it outsdgrits entire host galaxy, and dif-
fers from a normal stellar system in its emission properti&ile normal stars emit radiation
primarily in a relatively narrow wavelength range betweka hear-infrared and the near-UV,
AGN are powerful emitters of non-thermal radiation covgrihe entire electromagnetic spec-
trum from the radio to the gamma-ray regime. Furthermore sftectra of many AGN contain
strong emission lines and so contrast with normal stellacsp which are typically dominated
by absorption lines (except for galaxies with high specifar $ormation rates). According to

T Itis believed that dust is formed in the atmospheres ofvexbstars and in supernova explosions.
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Table 2.6. Relative Number Densities of Galaxiesin the Local Universe

Type of object Number density

Spirals 1
Lenticulars 0.1
Ellipticals 0.2
Irregulars 0.05

Dwarf galaxies 10
Peculiar galaxies 0.05

Starbursts 0.1
Seyferts 102
Radio galaxies 10t
QSOs 10°
Quasars 107

their emission properties, AGN are divided into a varietgualf-classes, including radio sources,
Seyferts, liners, blazars and quasars (see Chapter definitions).

Most of the emission from an AGN comes from a very small, tgfljcunresolved region;
high-resolution observations of relatively nearby olgesith HST or with radio interferometry
demonstrate the presence of compact emitting regions \wés smaller than a few parsecs.
These small sizes are consistent with the fact that some A&bhat strong variability on time
scales of only a few days, indicating that the emission mostreate from a region not much
larger than a few light-days across. The emission from timesdei typically reveals a rela-
tively featureless power-law continuum at radio, optical X-ray wavelengths, as well as broad
emission lines in the optical and X-ray bands. On somewhgetascales, AGN often manifest
themselves in radio, optical and even X-ray jets, and imstiaut narrow optical emission lines
from hot gas. The most natural explanation for the energeticAGN, combined with their
small sizes, is that AGN are powered by the accretion of mati® a supermassive black hole
(SMBH) with a mass of 19to 1®M.,. Such systems can be extremely efficient in converting
gravitational energy into radiation. As mentionedh3.2, virtually all spheroidal galaxy com-
ponents (i.e., ellipticals and bulges) harbor a SMBH whosssnis tightly correlated with that
of the spheroid, suggesting that the formation of SMBHsghtty coupled to that of their host
galaxies. Indeed, the enormous energy output of AGN may &iaveportant feedback effect on
the formation and evolution of galaxies. Given their impoxte for galaxy formation, Chapte?
is entirely devoted to AGN, including a more detailed ovewf their observational properties.

2.4 Statistical Properties of the Galaxy Population

So far our description has focused on the properties of atpalasses of galaxies. We now turn
our attention to statistics that describe the galaxy pdjmnas a whole, i.e., that describe how
galaxies are distributed with respect to these propertfeswe will see in§§2.5 and 2.7, the
galaxy distribution is strongly clustered on scales up-tb0 Mpc, which implies that one needs
to probe a large volume in order to obtain a sample that isssgmtative of the entire popula-
tion. Therefore, the statistical properties of the galasgydation are best addressed using large
galaxy redshift surveys. Currently the largest redshifteys available are the two-degree Field
Galaxy Redshift Survey (2dFGRS; Colless et al., 2001) aa&than Digital Sky Survey (SDSS;
York et al., 2000), both of which probe the galaxy distribantat a median redshift~ 0.1. The
2dFGRS has measured redshifts f0220,000 galaxies over 2000 square degrees down to
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a limiting magnitude ob; < 19.45. The source catalogue for the survey is the APM galaxy
catalogue, which is based on Automated Plate MeasuringimathPM) scans of photographic
plates (Maddox et al., 1990b). The SDSS consists of a phdtaaky and astrometrically cali-
brated imaging survey covering more than a quarter of therskiye broad optical bandsi( g,

r, i, 2) that were specially designed for the survey (Fukugita et1896), plus a spectroscopic
survey of~ 10° galaxies < 17.77) and~ 10° quasars detected in the imaging survey.

The selection function of these and other surveys plays poiitant role in the observed sam-
ple properties. For example, most surveys select galakimseea given flux limit (i.e., the survey
is complete down to a given apparent magnitude). Sincensitially brighter galaxies will reach
the flux limit at larger distances, a flux limited survey isd@d towards brighter galaxies. This is
called the Malmquist bias and needs to be corrected for wiyargtto infer the intrinsic prob-
ability distribution of galaxies. There are two ways to désthOne is to construct a volume
limited sample, by only selecting galaxies brighter tharvamabsolute magnitude limilim,
and below a given redshift;y, , wherez, is the redshift at which a galaxy with absolute mag-
nitudeMji, has an apparent magnitude equal to the survey limit. Altemglg, one can weight
each galaxy by the inverse gf,x, defined as the survey volume out to which the specific galaxy
in question could have been detected given the flux limit efgbrvey. The advantage of this
method over the construction of volume-limited samplekas bne does not have to discard any
data. However, the disadvantage is that intrinsicallytfgalaxies can only be seen over a rela-
tively small volume (i.e.Vmax is small), so that they get very large weights. This tends aéen
the measurements extremely noisy at low luminosities.

As a first example of a statistical description of the galaryuydation, Table 2.6 lists the
number densities of the various classes of galaxies destiibthe previous section, relative to
that of spiral galaxies. Note, however, that these numbrerardy intended as a rough description
of the galaxy population in the nearby Universe. The reabgapopulation is extremely diverse,
and an accurate description of the galaxy number densitylis mossible for a well-defined
sample of galaxies.

2.4.1 Luminosity Function

Arguably one of the most fundamental properties of a galaiyuminosity (in some waveband).
An important statistic of the galaxy distribution is theyed the luminosity functiong(L)dL,
which describes the number density of galaxies with lunitiessin the range. + dL. Fig.2.25
shows the luminosity function in the photomethigband obtained from the 2dFGRS. At the
faint endg(L) seems to follow a power-law which truncates at the bright erfckre the number
density falls roughly exponentially. A similar behavioraso seen in other wavebands, so that
the galaxy luminosity function is commonly fitted by a Schiectiunction (Schechter, 1976) of

the form
L/ L\? LY do
pL)ydL =g (F) exp(—F) R (2.34)

HerelL* is a characteristic luminosity is the faint-end slope, argt is an overall normalization.
As shown in Fig. 2.25, this function fits the observed lumitydsinction over a wide range. From
the Schechter function, we can write the mean number demgityand the mean luminosity
density,.Z, of galaxies in the Universe as

ng= /: oL)dL = ¢ (a +1), (2.35)
and
zz/o e(L)LdL = ¢*'L*T(a +2), (2.36)
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Fig. 2.25. The luminosity function of galaxies in thg-band as obtained from the 2-degree Field Galaxy
Redshift Survey. [Based on data published in Norberg e2@DZb)]

wherer (x) is the Gamma function. Note thag diverges fora < —1, while . diverges for
o < —2. Observations from the near-UV to the near-infrared shat+2 < o < —1, indicating
that the number density is dominated by faint galaxies whiéeduminosity density is dominated
by bright ones.

As we will see in Chapte??, the luminosity function of galaxies depends not only on the
waveband, but also on the morphological type, the coloryédshift, and the environment of
the galaxy. One of the most challenging problems in galaxyédion is to explain the general
shape of the luminosity function and the dependence on gtidaxy properties.

2.4.2 Size Distribution

Size is another fundamental property of a galaxy. As showkigs. 2.14 and 2.20, galaxies of
a given luminosity may have very different sizes (and trenefurface brightnesses). Based on
a large sample of galaxies in the SDSS, Shen et al. (2003Yfthat the size distribution for
galaxies of a given luminositly can roughly be described by a lognormal function,

P(RIL)dR

_|n2(R/ﬁ)] dR 2.37)

= ——ex ,
V 2TOInR p|: 20]%;? R

whereR is the median andj,r the dispersion. Fig. 2.26 shows tfincreases with galaxy lumi-
nosity roughly as a power law for both early-type and lafgetgalaxies, and that the dependence
is stronger for early types. The dispersigpr, on the other hand, is similar for both early and
late type galaxies, decreasing from0.5 for galaxies withM, > —20.5 to ~ 0.25 for brighter
galaxies.
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Fig. 2.26. The median (upper panel) and dispersion (loweelpaf the size distribution of galaxies in the
SDSS as function of thei-band magnitude. Results are shown separately for eguly/golid dots) and
late-type (open triangles) galaxies defined according @éoSérsic index. [Kindly provided to us by S.
Shen, based on data published in Shen et al. (2003)]

2.4.3 Color Distribution

As shown in Fig. 2.5, massive stars emit a larger fractiomeifrttotal light at short wavelengths
than low-mass stars. Since more massive stars are in gshergétr-lived, the color of a galaxy
carries important information about its star formatiortdrig. However, the color of a star also
depends on its metallicity, in the sense that stars withdrigietallicities are redder. In addition,
dust extinction is more efficient at bluer wavelengths, sa the color of a galaxy also contains
information regarding its chemical composition and dusttent.

The left panel of Fig. 2.27 shows the distribution of thkg—r) colors of galaxies in the
SDSS, where the superscript indicates that the magnitualestieen converted to the same rest-
frame wavebands at= 0.1. The most salient characteristic of this distributiorhigttit is clearly
bimodal, revealing a relatively narrow peak at the red enth@fistribution plus a significantly
broader distribution at the blue end. To first order, thisginreflects that galaxies come in
two different classes: early-type galaxies, which havatietly old stellar populations and are
therefore red, and late-type galaxies, which have ongdanrgfgrmation in their disks, and are
therefore blue. However, it is important to realize thastbolor-morphology relation is not
perfect: a disk galaxy may be red due to extensive dust g@idimowhile an elliptical may be
blue if it had a small amount of star formation in the recerstpa

The bimodality of the galaxy population is also evident frire color-magnitude relation,
plotted in the right-hand panel of Fig.2.27. This shows that galaxy population is divided
into a red sequence and a blue sequence (also sometimeaktballelue cloud). Two trends are
noteworthy. First of all, at the bright end the red sequeraraidates, while at the faint end the
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Fig. 2.27. The probability density of galaxy colors (left)dathe color-magnitude relation (right) of
365000 galaxies in the SDSS. Each galaxy has been weighted\tyaslto correct for Malmquist bias.
Note the pronounced bimodality in the color distributiondahe presence of both a red sequence and a
blue sequence in the color-magnitude relation.

majority of the galaxies are blue. As we will see in Chaf@rthis is consistent with the fact
that the bright (faint) end of the galaxy luminosity funetis dominated by early-type (late-type)
galaxies. Secondly, within each sequence brighter gadapeear to be redder. As we will see
in Chapter?? and?? this most likely reflects that the stellar populations irgbter galaxies are
both older and more metal rich, although it is still uncle&ict of these two effects dominates,
and to what extent dust plays a role.

2.4.4 The Mass-Metallicity Relation

Another important parameter to characterize a galaxy avitsage metallicity, which reflects the
amount of gas that has been reprocessed by stars and exdhatigés surroundings. One can
distinguish two different metallicities for a given galaxiie average metallicity of the stars and
that of the gas. Depending on the star formation history Aecamount of inflow and outflow,
these metallicities can be significantly different. Gasg#hmetallicities can be measured from
the emission lines in a galaxy spectrum, while the metéafliof the stars can be obtained from
the absorption lines which originate in the atmosphereb@btars.

Fig. 2.28 shows the relation between the gas-phase oxygerdabhce and the stellar mass
of SDSS galaxies. The oxygen abundance is expressed-aso8fO/H)], where Q'H is the
abundance by number of oxygen relative to hydrogen. Sineartbasurement of gas-phase
abundances requires the presence of emission lines in #dwrapall these galaxies are still
forming stars, and the sample is therefore strongly biassdrds late-type galaxies. Over about
three orders of magnitude in stellar mass the average gasephetallicity increases by an order
of magnitude. The relation is remarkably tight and reveattear flattening above a few times
10'°M.,. The average stellar metallicity follows a similar trendtwétellar mass but with much
larger scatter at the low mass end (Gallazzi et al., 2005).inferpretation of these results in
terms of the chemical evolution of galaxies is presentediap@er??.
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Fig. 2.28. The relation between stellar mass, in units araolasses, and the gas-phase oxygen abundance
for ~53,400 star-forming galaxies in the SDSS. For comparis@nsSun has 12 log[(O/H)] = 8.69. The

large black points represent the median in bins of 0.1 dexdaasnThe solid lines are the contours which
enclose 68% and 95% of the data. The gray line shows a polyditnio the data. The inset shows the
residuals of the fit. [Adapted from Tremonti et al. (2004) leyrpission of AAS]

2.4.5 Environment Dependence

As early as the 1930s it was realized that the morphologicabfrgalaxies depends on environ-
ment, with denser environments (e.g., clusters,§2e®.1) hosting larger fractions of early-type
galaxies (Hubble & Humason, 1931). This morphology-demnsiiation was quantified more ac-
curately in a paper by Dressler (1980b), who studied the hlgmies of galaxies in 55 clusters
and found that the fraction of spiral galaxies decreasas 060 percent in the lowest den-
sity regions to less than 10 percent in the highest densifipms, while the elliptical fraction
basically reveals the opposite behavior (see Fig. 2.29})e Wt the fraction of SO galaxies is
significantly higher in clusters than in the general fielthaligh there is no strong trend of SO
fraction with density within clusters.

More recently, the availability of large galaxy redshifneeys has paved the way for far
more detailed studies into the environment dependencelatyaroperties. It is found that in
addition to a larger fraction of early-type morphologiesnsger environments host galaxies that
are on average more massive, redder, more concentratedjdesich, and have lower specific
star formation rates (e.g., Kauffmann et al., 2004; Baldrstle 2006; Weinmann et al., 2006).
Interpreting these findings in terms of galaxy formationgasses, however, is complicated by
the fact that various galaxy properties are strongly cateel even at a fixed environment. An
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Fig. 2.29. The morphology-density relation, which showes filactions of galaxies of individual morpho-
logical types as functions of galaxy surface number den3ibe lower panel shows such relations for 55
clusters, while the upper panel shows the number of galaxieach density bin. [After Dressler (1980a)]

important outstanding question, therefore, is which reteghip with environment is truly causal,
and which are just reflections of other correlations thatataally independent of environment
(see§??for a more detailed discussion).

2.5 Clusters and Groups of Galaxies

A significant fraction of the galaxies in the present-dayvénse is collected into groups and
clusters in which the number density of galaxies is a few teres few hundreds times higher
than the average. The densest and most populous of thesgatigns are called galaxy clus-
ters, which typically contain more than 50 relatively btiglalaxies in a volume only a few

megaparsecs across. The smaller, less populous aggregaitéocalled ‘groups’, although there
is no well defined distinction. Groups and clusters are thetmuassive, virialized objects in

the Universe, and they are important laboratories to stoevolution of the galaxy population.
Because of their high surface densities and large numbeargiyminous member galaxies, they
can be identified out to very large distances, making them @deful as cosmological probes.
In this section we summarize some of their most importanpe@rtes, focusing in particular on

their populations of galaxies.

2.5.1 Clusters of Galaxies

In order to select clusters (or groups) of galaxies from teeoved galaxy distribution, one needs
to adopt some selection criteria. In order for the selechasters to be dynamically significant,
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two selection criteria are usually set. One is that the sedesystem must have high enough
density, and the other is that the system must contain a isuffig large number of galaxies.

According to these criteria, Abell (1958) selected 1682agglklusters from the Palomar Sky
Survey, which are now referred to as the Abell clusters. TWeedelection criteria set by Abell
are

(i) Richness criterion: each cluster must have at least Simee galaxies with apparent
magnitudesn < mz + 2, wheremy is the apparent magnitude of the third brightest mem-
ber. The richness of a cluster is defined to be the number ofbeegalaxies with ap-
parent magnitudes betweem andmg + 2. Rich Abell clusters are those with richness
greater than 50, although Abell also listed poor clusteth vichness in the range from
30to 50.

(i) Compactness criterion: only galaxies with distanoeghte cluster center smaller than
1.5h~*Mpc (the Abell radius) are selected as members. Given theess criterion, the
compactness criterion is equivalent to a density criterion

Abell also classified a cluster as regular if its galaxy disition is more or less circularly sym-
metric and concentrated, otherwise as irregular. The twetmell-studied clusters, because
of their proximity, are the Virgo cluster and the Coma clusfehe Virgo cluster, which is the
rich cluster nearest to our Galaxy, is a very representatt@ple. It lacks clear symmetry, and
reveals significant substructure, indicating that the dyical relaxation on the largest scales is
not yet complete. The Coma cluster, on the other hand, iglg fare species. It is extremely
massive, and is richer than 95% of all clusters cataloguedldsfl. Furthermore, it appears re-
markably relaxed, with a highly concentrated and symmeiaxy distribution with no sign of
significant subclustering.

The Abell catalogue was constructed using visual inspestof photographic sky plates.
Since its publication, this has been improved upon usingiappurpose scanning machines
(such as the APM at Cambridge and COSMOS at Edinburgh), wieishited in digitized ver-
sions of the photographic plates allowing for a more obyjectilentification of clusters (e.g.,
Lumsden et al., 1992; Dalton et al., 1997). More recentlyesd cluster catalogues have been
constructed from large galaxy redshift surveys such asdiRS and the SDSS (e.g. Bahcall
etal., 2003; Miller et al., 2005; Koester et al., 2007). Bhse all these catalogues it is now well
established that the number density of rich clusters is@btider of 16° h®Mpc—2, about 1000
times smaller than that af* galaxies.

(a) Galaxy Populations As we have seen if2.4.5, clusters are in general rich in early-type
galaxies. The fraction of £SO galaxies is about 80% in regular clusters, and about 50% in
irregular clusters, compared to about 30% in the general.fi€his is generally interpreted as
evidence that galaxies undergo morphological transfaangain dense (cluster) environments,
and various mechanisms have been suggested for such traasifins (se§??).

The radial number density distribution of galaxies in dustis well described by(r) O
1/[r¥(r 4rs)37Y], wherers is a scale radius angdis the logarithmic slope of the inner profile.
The value ofy is typically ~ 1 and the scale radius is typicaltly 20% of the radius of the
cluster (e.g., van der Marel et al., 2000; Lin et al., 20045 we will see in Chapte?? this
is very similar to the density distribution of dark matteldsg suggesting that within clusters
galaxies are a reasonably fair tracer of the mass distobutiThere is, however, evidence for
some segregation by mass and morphology/color, with mosivg red, early-type galaxies
following a more concentrated number density distributilban less massive, blue, late-type
galaxies (e.g., Quintana, 1979; Carlberg et al., 1997; Adaual., 1998; Yang et al., 2005a; van
den Bosch et al., 2008).

Often the brightest cluster galaxy (BCG) has an extraordjndiffuse and extended outer
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envelope, in which case it is called a cD galaxy (where thestBhds for diffuse). They typically
have best-fit Sérsic indices that are much larger than nd,are often located at or near the
center of the cluster (because of this, it is useful mnemtmntbink of “cD” as meaning “cen-
trally dominant”). cD galaxies are the most massive gakkigown, with stellar masses often
exceeding 1M, and their light can make up as much-a80% of the entire visible light of
a rich cluster of galaxies. However, it is unclear whether gllaxy’s diffuse envelope should
be considered part of the galaxy or as ‘intracluster lighgLl(), stars associated with the cluster
itself rather than with any particular galaxy. In a few cDayaés the velocity dispersion appears
to rise strongly in the extended envelope, approaching\sihailar to that of the cluster in which
the galaxy is embedded. This supports the idea that theseastamore closely associated with
the cluster than with the galaxy (i.e. they are the clusteivadent of the stellar halo in the
Milky Way) . cD galaxies are believed to have grown throughalccretion of multiple galaxies
in the cluster, a process called galactic cannibalism{8&e Consistent with this, nearby cD’s
frequently appear to have multiple nuclei (e.g., Schneddat., 1983)

(b) The Butcher-Oemler Effect When studying the galaxy populations of clusters at inter-
mediate redshifts (@ < z < 0.5), Butcher & Oemler (1978) found a dramatic increase in the
fraction of blue galaxies compared to present day clustenich has become known as the
Butcher-Oemler effect. Although originally greeted wittnse skepticism (see Dressler, 1984,
for a review), this effect has been confirmed by numerousesudn addition, morphological
studies, especially those with the HST, have shown that theHgr-Oemler effect is associated
with an increase of the spiral fraction with increasing réfisand that many of these spirals
show disturbed morphologies (e.g., Couch et al., 1994;H/éttal., 1994).

In addition, spectroscopic data has revealed that a relgtiarge fraction of galaxies in
clusters at intermediate redshifts have strong Balmeslinebsorption and no emission lines
(Dressler & Gunn, 1983). This indicates that these galawie® actively forming stars in the
past, but had their star formation quenched in the last 1 toyR2 @&lthough they were origi-
nally named ‘E+A’ galaxies, currently they are more oftefersed to as ‘k+a’ galaxies or as
post-starburst galaxies (since their spectra suggesthtbptmust have experienced an elevated
amount of star formation prior to the quenching). Dresstaale(1999) have shown that the
fraction of k+a galaxies in clusters at- 0.5 is significantly larger than in the field at similar
redshifts, and that they have mostly spiral morphologies.

All these data clearly indicate that the population of gaaxn clusters is rapidly evolving
with redshift, most likely due to specific processes thatrafeein dense environments (Si2).

(c) Mass Estimates Galaxies are moving fast in clusters. For rich clusterstypeal line-of-
sight velocity dispersiongis, of cluster member galaxies is of the order of 1000kt df the
cluster has been relaxed to a static dynamical state, whichuighly true for regular clusters,
one can infer a dynamical mass estimate from the virial grqiseg??) as

O-I%st
G )

whereA is a pre-factor (of order unity) that depends on the dengitfilpe and on the exact

definition of the cluster radiuR.. Using this technique one obtains a characteristic mass of

~ 10h~1t M, forrich clusters of galaxies. Together with the typicaluebf the total luminosity

in a cluster, this implies a typical mass-to-light ratio étusters,

(M/Lp)ei ~3500(Mo/Lc)s. (2.39)

Hence, only a small fraction of the total gravitational mafsa cluster is associated with galaxies.
Ever since the first detection by the UHURU satellite in th@d9 it has become clear that
clusters are bright X-ray sources, with characteristicihgsities ranging froniLy ~ 10* to

M=A (2.38)
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Fig. 2.30. Hubble Space Telescope image of the cluster 284B. The arcs and arclets around the center
of the cluster are images of background galaxies that anaglr distorted due to gravitational lensing.
[Courtesy of W. Couch, R. Ellis, NASA, and Space Telescoper#®e Institute]

~ 10%ergs~L. This X-ray emission is spatially extended, with deteciedsof~ 1 Mpc, and so
it cannot originate from the individual member galaxiestH®g the spectral energy distribution
of the X-ray emission suggests that the emission mechasigmeimal bremsstrahlung (s§#?)
from a hot plasma. The inferred temperatures of this infistek medium (ICM) are in the range
10’ — 108K, corresponding to a typical photon energy of 10keV, so that the gas is expected
to be fully ionized.

For a fully ionized gas, the thermal bremsstrahlung eniigsive. the emission power per
unit frequency per unit volume, is related to its density semdperature roughly as

&t (v) ONn°TY2exp _hevy | (2.40)
ke T

The quantity we observe from a cluster is the X-ray surfagghitmess, which is the integration

of the emissivity along the line of sight:t

S (x,y) O /eﬁ(u;x,y,z) dz. (2.41)

If S, is measured as a function of(i.e. photon energy), the temperature at a given projected
position (x,y) can be estimated from the shape of the spectrum. Note thwateimperature is
an emissivity-weighted mean along the line of sight, if theaperature varies with Once the
temperature is known, the amplitude of the surface brigigroan be used to estimaf@? dz
which, together with a density model, can be used to obtarmgts density distribution. Thus,
X-ray observations of clusters can be used to estimate thesgpnding masses in hot gas.
These are found to fall in the rang&0™® — 10'4)h—5/2M,, about ten times as large as the total
stellar mass in member galaxies. Furthermore, as we willirsg@?, if the X-ray gas is in
hydrostatic equilibrium with the cluster potential, sottttee local pressure gradient is balanced
by the gravitational force, the observed temperature andityedistribution of the gas can also
be used to estimate thetal mass of the cluster.

Another method to measure the total mass of a cluster of galax through gravitational
lensing. According to General Relativity, the light from aclkground source is deflected when

T Here we ignore redshifting and surface brightness dimrmdurggto the expansion of the Universe; §ee.
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it passes a mass concentration in the foreground, an etidetigyravitational lensing. As dis-
cussed in more detail i§??, gravitational lensing can have a number of effects: it caate
multiple images on the sky of the same background sourcanittagnify the flux of the source,
and it can distort the shape of the background source. licpkat, the image of a circular source
is distorted into an ellipse if the source is not close to the-bf-sight to the lens so that the
lensing effect is weak (weak lensing). Otherwise, if therseus close to the line-of-sight to the
lens, the image is stretched into an arc or an arclet (stemgirg).

Both strong and weak lensing can be used to estimate thegtatatational mass of a cluster.
In the case of strong lensing, one uses giant arcs and arelath are the images of background
galaxies lensed by the gravitational field of the clustee (Sig. 2.30). The location of an arc in
a cluster provides a simple way to estimate the projected mathe cluster within the circle
traced by the arc. Such analyses have been carried out famherwof clusters, and the total
masses thus obtained are in general consistent with thesel lna the internal kinematics, the
X-ray emission, or weak lensing. Typically the total clusteasses are found to be an order
of magnitude larger than the combined masses of stars armghlkpindicating that clusters are
dominated by dark matter, as first pointed out by Fritz Zwiitkthe 1930s.

2.5.2 Groups of Galaxies

By definition, groups are systems of galaxies with richness than that of clusters, although
the dividing line between groups and clusters is quite eatyjit Groups are selected by applying
certain richness and compactness criteria to galaxy sspayilar to what Abell used for se-
lecting clusters. Typically, groups selected from redshifveys include systems with at least 3
galaxies and with a number density enhancement of the of @ @.g. Geller & Huchra, 1983;
Nolthenius & White, 1987; Eke et al., 2004, Yang et al., 20@exlind et al., 2006; Yang et al.,
2007). Groups so selected typically contain 3£3@alaxies, have a toté-band luminosity in
the range 18°-10'h—2L ., have radii in the rang@.1 — 1) h~Mpc, and have typical (line of
sight) velocity dispersion of the order of 300kmts As for clusters, the total dynamical mass
of a group can be estimated from its size and velocity disperssing the virial theorem (2.38),
and masses thus obtained roughly cover the rané#®1010h~1M.. Therefore, the typical
mass-to-light ratio of galaxy groups(M/Lg) ~ 106h(My /L )s, significantly lower than that
for clusters.

(a) Compact Groups A special class of groups are the so-called compact groupsh Bf
these systems consists of only a few galaxies but with ar®dly high density enhancement.
A catalogue of about 100 compact groups was constructed ¢isbin (1982) from an analysis
of photographic plates. These Hickson Compact Groups (HE&@&ally consist of only 4 or 5
galaxies and have a projected radius of only 50—-100 kpc. gelaaction ¢ 40%) of the galaxies
in HCGs show evidence for interactions, and based on dyrsiguments, it is expected that
the HCGs are each in the process of merging to perhaps fomgke $iright galaxy.

(b) The Local Group The galaxy group that has been studied in most detail is toall@roup,

of which the Milky Way and M31 are the two largest members. Theal Group is a loose
association of galaxies which fills an irregular region ptr 1 Mpc across. Because we are in it,
we can probe the members of the Local Group down to much faimagnitudes than is possible
in any other group. Table 2.7 lists the 30 brightest membkttssoLocal Group, while Fig.2.31
shows their spatial distribution. Except for a few of the mdistant objects, the majority of
the Local Group members can be assigned as satellites ef ¢ith Milky Way or M31. The
largest satellite of the Milky Way is the Large MagellaniooGdl (LMC). Its luminosity is
about one tenth of that of its host and it is currently acyiierming stars. Together with its
smaller companion, the Small Magellanic Cloud (SMC), ildals a high angular momentum
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Fig. 2.31. Schematic distribution of galaxies in the loaalugp. [Courtesy of E. Grebel, see Grebel (1999)]

orbit almost perpendicular to the Milky Way's disk and cunttg lies about 50kpc from the

Galactic center. Both Magellanic Clouds have metallisisggnificantly lower than that of the
Milky Way. All the other satellites of our Galaxy are low magas-free and metal-poor dwarf
spheroidals. The most massive of these are the Fornax aritaBag systems. The latter lies
only about 20kpc from the Galactic center and is in the prooédeing disrupted by the tidal
effects of its host. Several of the dwarf spheroidals cong&llar populations with a range of
ages, some being ten times younger than typical Populdtgiars.

The Andromeda nebula itself is similar to but more massiea thhe Milky Way, with a more
prominent bulge population and somewhat less active custanformation. Its largest satellite
is the bulge-less dwarf spiral M33, which is only slightlyditter than the LMC and is actively
forming stars. M31 also has two close dwarf elliptical compas, M32 and NGC 205, and
two similar satellites, NGC 147 and NGC 185, at somewhatladistances. These galaxies are
denser and more luminous than dwarf spheroidals, but acedalgoid of gas and young stars
(NGC 205 actually has a small star-forming region in its eus). Finally M31 has its own
retinue of dwarf spheroidal satellites.

The more distant members of the Local group are primarilyréliveegular galaxies with
active star formation, similar to but less luminous thanMegellanic Clouds. Throughout the
Local Group there is a very marked tendency for galaxies witimaller stellar mass to have a
lower metallicity, with the smallest dwarfs having metgities about one tenth of the solar value
(Mateo, 1998).
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Table 2.7.Local Group members

Name Type My I,b Distance (kpc)
Milky Way (Galaxy) Shc —-20.6 0,0 8
LMC Irr —18.1 28033 49
SMC Irr —-16.2 30344 58
Sagittarius dSph/E7 —14.0 6-14 24
Fornax dSph/E3 —13.0 23765 131
Leol (DDO74) dSph/E3 —12.0 226,49 270
Sculptor dSph/E3 —10.7 286,84 78
Leoll (DDO 93) dSph/EO0 —10.2 220,67 230
Sextans dSph/E4 —10.0 243,42 20
Carina dSph/E4 —9.2 260,-22 87
Ursa Minor (DDO 199) dSph/E5 —8.9 105,45 69
Draco (DDO 208) dSph/E3 —-8.6 86,35 76
M 31 (NGC 224) Sb —-21.1 121722 725
M 33 (NGC 598) Sc —18.9 13431 795
IC10 Irr —17.6 119,-03 1250
NGC 6822 (DDO209)  Irr -16.4 2518 540
M 32 (NGC 221) dE2 -16.4 121722 725
NGC 205 dE5 -16.3 121721 725
NGC 185 dE3 —-15.3 121,14 620
IC 1613 (DDO 8) Irr —-149 130,60 765
NGC 147 (DDO 3) dE4 —14.8 120-14 589
WLM (DDO 221) Irr —-14.0 76,—74 940
Pegasus (DDO 216) Irr —12.7 94,-43 759
Leo A Irr —-11.7 196,52 692
And | dSph/EO0 —11.7 122;-25 790
And Il dSph/E3 —-11.7 129,29 587
And Il dSph/E6 —10.2 11926 790
Phoenix Irr -9.9 27268 390
LGC3 Irr -9.7 126:-41 760
Tucana dSph/E5 —9.6 32348 900

2.6 Galaxies at High Redshifts

Since galaxies at higher redshifts are younger, a compao$dhe (statistical) properties of
galaxies at different redshifts provides a direct windowtlogir formation and evolution. How-
ever, a galaxy of given luminosity and size is both faintest ahlower surface brightness when
located at higher redshifts (s§®?). Thus, if high-redshift galaxies have similar luminosgtiand
sizes as present-day galaxies, they would be extremelydathof very low surface brightness,
making them very difficult to detect. Indeed, until the mic®09, the known high-redshift galax-
ies withz > 1 were almost exclusively active galaxies, such as qual&®s and radio galaxies,
simply because these were the only galaxies sufficientlyhibtio be observable with the facil-
ities available then. Thanks to a number of technologicahadements in both telescopes and
detectors, we have made enormous progress, and today ¢ galpulation can be probed out
toz> 6.

The search for high-redshift galaxies usually starts wiihatometric survey of galaxies in
multiple photometric bands down to very faint magnitudetémideally, one would like to have
redshifts for all these galaxies and study the entire ggtexpulation at all different redshifts. In
reality, however, it is extremely time-consuming to obtgirectra of faint galaxies even with the
10-meter class telescopes available today. In order to adgress, different techniques have
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been used, which basically fall in three categories: (isdé#e the use of spectra and only use
photometry either to analyze the number counts of galaxd@sdo very faint magnitudes or to
derive photometric redshifts, (ii) use broad-band colted®n to identify target galaxies likely
to be at high redshift for follow-up spectroscopy, and (ii§e narrow-band photometry to find
objects with a strong emission line in a narrow redshift rrtdere we give a brief overview of
these different techniques.

2.6.1 Galaxy Counts

In the absence of redshifts, some information about theutieol of the galaxy population can
be obtained from galaxy countsy’(m), defined as the number of galaxies per unit apparent
magnitude (in a given waveband) per unit solid angle:

d?N(m) = . (m) dmdaw. (2.42)

Although the measurement o#"(m) is relatively straightforward from any galaxy catalogue
with uniform photometry, interpreting the counts in ternmigalaxy number density as a function
of redshift is far from trivial. First of all, the waveband which the apparent magnitudes are
measured corresponds to different rest-frame wavebardifeaent redshifts. To be able to test
for evolution in the galaxy population with redshift, thisifs in waveband needs to be corrected
for. But such correction is not trivial to make, and can leadarge uncertainties (Se@7?).
Furthermore, both cosmology and evolution can afféctm). In order to break this degeneracy,
and to properly test for evolution, accurate constraintsasmological parameters are required.

Despite these difficulties, detailed analyses of galaxyt®ohave resulted in a clear detection
of evolution in the galaxy population. Fig. 2.32 shows théagg counts in four wavebands
obtained from a variety of surveys. The solid dots are okthinom the Hubble Deep Fields
(Ferguson et al., 2000) imaged to very faint magnitudesthigtHST. The solid lines in Fig. 2.32
show the predictions for a realistic cosmology in which iassumed that the galaxy population
does not evolve with redshift. A comparison with the obsdrgeunts shows that this model
severely underpredicts the galaxy counts of faint galay@éspecially in the bluer wavebands.
The nature of this excess of faint blue galaxies will be dised ing??.

2.6.2 Photometric Redshifts

Since spectroscopy relies on dispersing the light from geadtaccording to wavelength, accu-
rate redshifts, which require sufficient signal-to-noiseénidividual emission and/or absorption
lines, can only be obtained for relatively bright objecta @ternative, although less reliable,
technique to measure redshifts relies on broad band phttprBy measuring the flux of an ob-
jectin arelatively small number of wavebands, one obtaiverg crude sampling of the object’s
SED. As we have seen, the SEDs of galaxies reveal a numbepafl lapectral features (see
Fig.2.12). An important example is the 408®reak, which is due to a sudden change in the
opacity at this wavelength in the atmospheres of low mass,stad therefore features predomi-
nantly in galaxies with stellar population agesi(®yr. Because of this 4000 break and other
broad spectral features, the colors of a population of dgedaat a given redshift only occupy a
relatively small region of the full multi-dimensional celepace. Since this region changes as
function of redshift, the broad-band colors of a galaxy camsed to estimate its redshift.

In practice one proceeds as follows. For a given templatetapa, either from an observed
galaxy or computed using population synthesis models, aneletermine the relative fluxes ex-
pected in different wavebands for a given redshift. By cormggthese expected fluxes with the
observed fluxes one can determine the best-fit redshift anldakt-fit template spectrum (which
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Fig. 2.32. Galaxy counts in thg, B, | andK bands obtained from the Hubble deep fields (solid symbols)
and a number of other ground-based surveys (other symb®ls. solid lines show the predictions for
a realistic cosmology in which it is assumed that the galaggutation does not evolve with redshift.
[Adapted from Ferguson et al. (2000) by permission of ARAA]

basically reflects the spectral type of the galaxy). Thetgrdaantage of this method is that pho-
tometric redshifts can be measured much faster than thedtgpscopic counterparts, and that it
can be extended to much fainter magnitudes. The obvioussldeis that photometric redshifts
are far less reliable. While a spectroscopic redshift cailyehe measured to a relative error of
less than 0.1 percent, photometric errors are typicalljefdarder of 3 to 10 percent, depending
on which and how many wavebands are used. Furthermore,rtrd®strongly correlated with
the spectral type of the galaxy. It is typically much largargtar forming galaxies, which lack a
pronounced 4008 break, than for galaxies with an old stellar population.

A prime example of a photometric redshift survey, illustrgtthe strength of this technique,
is the COMBO-17 survey (Wolf et al., 2003), which comprisesaanple of~ 25 000 galaxies
with photometric redshifts obtained from photometry in &latively narrow optical wavebands.
Because of the use of a relatively large number of filters,shrvey was able to reach an average
redshift accuracy of- 3 percent, sufficient to study various statistical progsrtf the galaxy
population as a function of redshift.
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Fig. 2.33. Luminosity functions measured in different tattsbins for ‘All' galaxies (top row), ‘Blue’
galaxies (middle row), and ‘Red’ galaxies (bottom row). fBiént symbols correspond to results obtained
from different redshift surveys (DEEP1, DEEP2, COMBO-1d &\/DS, as indicated). The solid black
lines indicate Schechter functions fitted to the DEEP2 tes@or comparison, the dashed grey lines show
the Schechter functions for local samples obtained from3B&S. Overall the agreement between the
different surveys is very good. [Adapted from Faber et &0 by permission of AAS]

2.6.3 Galaxy Redshift Surveys at- 1

In order to investigate the nature of the excess of faineglalaxies detected with galaxy counts,
a number of redshift surveys outze- 1 were carried out in the mid 1990s using 4m class tele-
scopes, including the Canada-France Redshift Survey (CERGet al., 1995) and the Autofib-
LDSS survey (Ellis et al., 1996). These surveys, contaittiegorder of 1000 galaxies, allowed a
determination of galaxy luminosity functions (LFs) coveyithe entire redshift rangez < 1.
The results, although limited by small number statistiog\fitmed that the galaxy population is
evolving with redshift, in agreement with the results obéai from the galaxy counts.

With the completion of a new class of 10-meter telescoped) as the KECK and the VLT,
it became possible to construct much larger redshift sesrgtiéntermediate to high redshifts.
Currently the largest redshift surveyzat 1 is the DEEP2 Redshift Survey (Davis et al., 2003),
which contains about 50,000 galaxies brighter tRag ~ 24.1 in a total of~ 3 square degrees in
the sky. The adopted color criteria ensure that the bulk@btilaxies selected for spectroscopy
have redshifts in the range®< z < 1.4. Results from DEEP2 show, among others, that the
color bimodality observed in the local Universe ($&04.3) is already present at~ 1 (Bell
et al., 2004; Willmer et al., 2006; Cooper et al., 2007). Togewith COMBO-17, the DEEP2
survey has provided accurate measurements of the galaxgdaity function, split according
to color, out toz~ 1.2. As shown in Fig. 2.33, the different surveys yield resuitexcellent
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Fig. 2.34. An illustration of how the ‘Lyman-break’ or ‘drequt’ technique can be used to select star-
forming galaxies at redshifts~ 3. The spectrum of a typical star-forming galaxy has a bredkesl yman
limit (912A), which is redshifted to a wavelength ~ 4000A if the galaxy is atz~ 3. As a result, the
galaxy appears very faint (or may even be undetectable)atJtiband, but bright in the redder bands.
[Courtesy of M. Dickinson, see Dickinson (1998)]

mutual agreement. In particular, they show that the chartic luminosity,L*, of the galaxy
population in the rest-framB-band becomes fainter by 1.3 mag fromz= 1 to z= 0 for both

the red and blue populations. However, the number density’ afalaxies,¢*, behaves very
differently for red and blue galaxies: whilg" of blue galaxies has roughly remained constant
sincez = 1, that of red galaxies has nearly quadrupled (Bell et aD42@rown et al., 2007;
Faber et al., 2007). As we will s€@?, this puts important constraints on the formation history
of elliptical galaxies.

Another large redshift survey, which is being conductedattime of writing, is the VIR-
MOS VLT Deep Survey (VVDS; Le Févre et al., 2005) which willionately acquire~ 150,000
redshifts over- 4 square degrees in the sky. Contrary to DEEP2, the VVDS datesaply any
color selection; rather, spectroscopic candidates amlyselected on the basis of their apparent
magnitude in thdag band. Consequently the redshift distribution of VVDS g#@daxs very
broad: it peaks at ~ 0.7, but has a long high-redshift tail extending all the way twut ~ 5.
The luminosity functions obtained from 8000 galaxies in the first data of the VVDS are in
excellent agreement with those obtained from DEEP2 and COMB (see Fig. 2.33).

2.6.4 Lyman-Break Galaxies

As discussed above, broad features in the SEDs of galaxiesfal the determination of photo-
metric redshifts, and for a very successful pre-selectfmandidate galaxies at~ 1 for follow-

up spectroscopy. The same principle can also be used td se$pecial subset of galaxies at
much higher redshifts. A star-forming galaxy has a SED rdyfjt down to the Lyman limit at
A ~912A, beyond which there is a prominent break due to the speétitacstellar population
(see the spectra of the O9 and BO stars in Fig. 2.5) and toverierg absorption. Physically
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this reflects the large ionization cross section of neutyalrbgen. A galaxy revealing a pro-
nounced break at the Lyman limit is called a Lyman-breakxga{&BG), and is characterized
by a relatively high star formation rate.

For a LBG atz ~ 3, the Lyman break falls in between thkand B bands (see Fig.2.34).
Therefore, by selecting those galaxies in a deep multircalovey that are undetected (or ex-
tremely faint) in theU-band, but detected in th& and redder bands, one can select candidate
star-forming galaxies in the redshift range- 2.5-3.5 (Steidel et al., 1996). Galaxies selected
this way are called UV drop-outs. Follow-up spectroscophafe samples of UV drop-out can-
didates has confirmed that this Lyman-break technique ig e#ective, with the vast majority
of the candidates being indeed star forming galaxies-a8.

To date more than 1000 LBGs with®< z < 3.5 have been spectroscopically confirmed. The
comoving number density of bright LBGs is estimated to be garable to that of present-day
bright galaxies. However, contrary to typical bright gaesatz ~ 0, which are mainly early-type
galaxies, LBGs are actively forming stars (note that theyedfectively selected in thB-band,
corresponding to rest frame UV at- 3) with inferred star formation rates in the range of a few
times 10M, yr— up to~ 100M, yr—1, depending on the uncertain amount of dust extinction
(Adelberger & Steidel, 2000).

The Lyman break (or drop-out) technique has also been applieleep imaging surveys
in redder bands to select galaxies that drop out ofBHzand,V-band and even the-band.

If these are indeed LBGs, their redshifts correspond to4, z~ 5, andz ~ 6, respectively.
Deep imaging surveys with the HST and ground-based telescoave already produced large
samples of these drop-out galaxies. Unfortunately, mottexfe galaxies are too faint to follow-
up spectroscopically, so that it is unclear to what exteas¢hsamples are contaminated by low
redshift objects. With this caveat in mind, the data havenhesed to probe the evolution of
the galaxy luminosity function (LF) in the rest-frame UV #lle way fromz ~ 0 (using data
from the GALEX satellite) taz ~ 6. Over the redshift range4 z < 6 this LF is found to have
an extremely steep faint-end slope, while the characietisnhinosityL{),, is found to brighten
significantly fromz= 6 toz= 4 (Bouwens et al., 2007).

2.6.5 Lyo Emitters

In addition to the broad-band selection techniques meati@ove, one can also search for high-
redshift galaxies using narrow-band photometry. Thisnépie has been used extensively to
search for Lyr emitters (LAES) at redshifts > 3 for which the Lyor emission line § = 1216A)
appears in the optical.

Objects with strong Lgr are either QSOs or galaxies actively forming stars. Howesiace
the Lya flux is easily quenched by dust extinction, not all star ferghgalaxies feature Ly
emission. In fact, a large fraction of LBGs, although ad{iferming stars, lack an obvious y
emission line. Therefore, by selecting LAEs one is biasehtds star forming galaxies with
relatively little dust, or in which the dust has a specialmetry so that part of the Loy flux can
leave the galaxy un-extincted.

One can search for LAEs at a particular redshiftg, using a narrow-band filter centered on
a wavelengthA = 1216A x (1+ z ag) plus another, much broader filter centered on the same
A. The objects in question then show up as being particulaitghbin the narrow-band fil-
ter in comparison to the broad band image. A potential prakiethat one might also select
emission-line galaxies at very different redshifts. Foaraple, a galaxy with stron@ll] emis-
sion A = 3727,&) would shift into the same narrow band filter if the galaxyaisa redshift
Zoy) = 0.33z.a — 0.67. To minimize this kind of contamination one generallyyosglects sys-
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tems with a large equivalent widtht in the emission Ingl(SOA), which excludes all but the
rarest/Oll] emitters. Another method to check whether the object iseddeL AE atz e is to
use follow-up spectroscopy to see whether (i) there are trgr @mission lines visible that help
to determine the redshift, and (ii) the emission line is as\atric, as expected for loy due to
preferential absorption in the blue wing of the line.

This technique can be used to search for high redshift gedariseveral narrow redshift bins
ranging fromz ~ 3toz~ 6.5, and at the time of writing- 100 LAESs covering this redshift range
have been spectroscopically confirmed. Since these systentgpically extremely faint, the
nature of these objects is still unclear.

2.6.6 Sub-Millimeter Sources

Since the Lyman-break technique andolLiynaging select galaxies according to their rest-frame
UV light, they may miss dust-enshrouded star-forming gaksxthe high-redshift counterparts
of local starbursts. Most of the UV photons from young starsuich galaxies are absorbed
by dust and re-emitted in the far-infrared. Such galaxiestbarefore be detected in the sub-
millimeter (sub-mm) band, which corresponds to rest-fréaneénfrared atz ~ 3. Deep surveys
in the sub-mm bands only became possible in the mid 1990¢kétbommissioning of the Sub-
millimeter Common-User Bolometer Array (SCUBA, see Hotlat al., 1999), operating at 450
pm and 850um, on the James Clerk Maxwell Telescope (JCMT). This led ¢éodiscovery of
an unexpectedly large population of faint sub-mm sourcesfet al., 1997). An extensive and
difficult observational campaign to identify the opticalicterparts and measure their redshifts
has shown that the majority of these sources are indeedistadalaxies at a median redshift of
z~ 2.5. Some of the strong sub-mm sources with measured redBhifesinferred star forma-
tion rates as high as several 100 M1, similar to those of ULIRGS at ~ 0. Given the large
number density of SCUBA sources, and their inferred stanfdion rates, the total amount of
stars formed in these systems may well be larger than thatefdin the Lyman-break galaxies
at the same redshift (Blain et al., 1999).

2.6.7 Extremely Red Objects and Distant Red Galaxies

Another important step forward in the exploration of theagglpopulation at high redshift came
with the development of large format near-infrared (NIRjed¢ors. Deep, wide-field surveys in
the K-band lead to the discovery of a class of faint galaxies witineenely red optical-to-NIR
colors R— K > 5). Follow-up spectroscopy has shown that these Extrematy®bjects (EROS)
typically have redshifts in the rangef0< z < 1.5. There are two possible explanations for their
red colors: either they are galaxies dominated by old steitgulations with a pronounced
4000A break that has been shifted red-wards offeand filter, or they are starbursts (or AGN)
strongly reddened due to dust extinction. Spectroscopysafaple of~ 50 EROs suggests that
they are a roughly equal mix of both (Cimatti et al., 2002).

Deep imaging in the NIR can also be used to search for the alguit/of ‘normal’ galaxies
atz > 2. As described above, the selections of LBGs, LAEs and swbsmurces are strongly
biased towards systems with relatively high star formatates. Consequently, the population
of high redshift galaxies picked out by these selectiongiy different from the typical, present-
day galaxies whose light is dominated by evolved stars. dieroto select high-redshift galaxies
in a way similar to how ‘normal’ galaxies are selected at ledghift, one has to go to the rest-
frame optical, which corresponds to the NIRzat 2 - 3. Using the InfraRed ExtraGalactic
Survey (FIRES, Labbé et al., 2003), Franx et al. (2003)tifled a population of galaxies on the

T The equivalent width of an emission line, a measure fortitngth, is defined as the width of the wavelength range
over which the continuum needs to be integrated to have the flax as measured in the line (§22).
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Fig. 2.35. The global star formation rate (in.Mr—1Mpc—2) as a function of redshift. Different symbols
correspond to different rest-frame wavelength ranges tséafer the star formation rates, as indicated.
[Based on the data compilation of Hopkins (2004)]

basis of their red NIR colods — Ks > 2.3, where theKg andJs filters are similar to the classical

J andK filters, but centered on somewhat shorter wavelengths. alexigs so selected are
now referred to as Distant Red Galaxies (DRGSs). The colterion efficiently isolates galaxies
with prominent Balmer- or 4000 breaks atz > 2, and can therefore be used to select galaxies
with the oldest stellar populations at these redshifts. &lex, the NIR color criterion alone
also selects galaxies with significant current star foramtéven dusty starbursts. The brightest
DRGs (s < 20) are among the most massive galaxiezat2, with stellar masses 10'1M,
likely representing the progenitors of present-day masalipticals. As EROs, DRGs are largely
missed in UV-selected (e.g. LBG) samples. Yet, as shown hybakkum et al. (2006), among
the most massive population of galaxies in the redshifteahg z < 3, DRGs dominate over
LBGs both in number density and in stellar mass density.

Using photometry in th®-, z-, andK-bands, Daddi et al. (2004) introduced a selection crite-
rion which allows one to recover the bulk of the galaxy pofiatain the redshiftrange.d <z <
2.5, including both active star-forming galaxies as well asspeely evolving galaxies, and to dis-
tinguish between the two classes. In particular, the calterionBzK = (z— K)ag — (B—2)ag >
—0.2 is very efficient in selecting star-forming galaxies with £ z < 2.5, independently of their
dust reddening, while the criterBzK < —0.2 and(z— K)ag > 2.5 predominantly select pas-
sively evolving galaxies in the same redshift interval. zAt 2 theBzK - selected star-forming
galaxies typically have higher reddening and higher stamétion rates than UV-selected galax-
ies. A comparison oBzK galaxies with DRGs in the same redshift range shows that rofte
DRGs are reddened starbursts rather than passively egaalaxies.
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2.6.8 The Cosmic Star Formation History

The data on star-forming galaxies at different redshifts icgprinciple be used to map out the
production rate of stars in the Universe as a function rédshiwe do not care where stars form,
the star formation history of the Universe can be chararadrby a global quantity, (z), which

is the total gas mass that is turned into stars per unit timepiévolume at redshifzr.

In order to estimatg, (z) from observation, one requires estimates of the numberitgtens
of galaxies as a function of redshift and their (average) fetamation rates. In practice, one
observes the number density of galaxies as a function ofrlasity in some waveband, and
estimate9, (z) from

p2)= [, [POLILJPL A = [(M)LDoLId, (@243

whereP(l\'/I*|L,z) dM, is the probability for a galaxy with luminosity (in a given band) at red-
shift zto have a star formation rate in the ran@é., M, + M,), and(M,)(L,2) is the mean star
formation rate for galaxies with luminosity at redshiftz. The luminosity functionp(L,z) can

be obtained from deep redshift surveys of galaxies, as suinatbabove. The transformation
from luminosity to star formation rate depends on the remstak waveband used to measure the
luminosity function, and typically involves many uncentiés (se€; ?? for a detailed discus-
sion).

Fig. 2.35 shows a compilation of various measurements ofjtbieal SFR at different red-
shifts, obtained using different techniques. Althoughr¢his still considerable scatter, and the
data may be plagued by systematic errors due to uncertaircgah corrections, it is now well
established that the cosmic star formation rate has droppedughly an order of magnitude
from z ~ 2 to the present. Integrating this cosmic star formatiomonysover time, one can
show that the star-forming populations observed to datalaeady sufficient to account for the
majority of stars observed at- 0 (e.g. Dickinson et al., 2003).

2.7 Large-Scale Structure

An important property of the galaxy population is its ovesgatial distribution. Since each
galaxy is associated with a large amount of mass, one mighelgeexpect that the galaxy
distribution reflects the large-scale mass distributioth@ Universe. On the other hand, if the
process of galaxy formation is highly stochastic, or gaaxonly form in special, preferred
environments, the relation between the galaxy distributiad the matter distribution may be
far from straightforward. Therefore, detailed studieshd spatial distribution of galaxies in
principle can convey information regarding both the overatter distribution, which is strongly
cosmology dependent, and regarding the physics of galarydion.

Fig. 2.36 shows the distribution of more than 80,000 gakiighe 2dFGRS, where the dis-
tances of the galaxies have been estimated from their fesisBlearly the distribution of galax-
ies in space is not random, but shows a variety of structukeswve have already seen §2.5
some galaxies are located in high density clusters conggeveral hundreds of galaxies, or in
smaller groups containing a few to tens of galaxies. The ntgjof all galaxies, however, are
distributed in low-density filamentary or sheet-like stures. These sheets and filaments sur-
round large voids, which are regions with diameters up tb00 Mpc that contain very few, or
no, galaxies. One of the challenges in studying the spas#ilalition of galaxies is to properly
quantify the complexity of this ‘cosmic web’ of filaments,esis and voids. In this section we
consider the galaxy distribution as a point set in space amtythe spatial correlations among
these points in a statistical sense.
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Fig. 2.36. The spatial distribution ef 80,000 galaxies in the 2dFGRS in & 4lice projected onto the
redshift/right-ascension plane. Clearly galaxies aredmitibuted randomly, but are clumped together in
groups and clusters connected by large filaments that encbggons largely devoid of galaxies. [Adapted
from Peacock (2002)]

2.7.1 Two-Point Correlation Functions

One of the most important statistics used to character&syhtial distribution of galaxies is the
two-point correlation function, defined as the excess numbgalaxy pairs of a given separation,
r, relative to that expected for a random distribution:
DD(r)Ar

E(n= RR(N) &r 1. (2.44)
HereDD(r) Ar is the number of galaxy pairs with separations in the rangar /2, andRR(r) Ar
is the number that would be expected if galaxies were rangldistributed in space. Galaxies
are said to be positively correlated on saaieé (r) > 0, to be anti-correlated & (r) < 0, and to
be uncorrelated i€ (r) = 0. Since it is relatively straightforward to measure, the-point cor-
relation function of galaxies has been estimated from v&rgamples. In many cases, redshifts
are used as distances and the corresponding correlatictidniis called the correlation function
in redshift space. Because of peculiar velocities, thismétdspace correlation is different from
that in real space. The latter can be estimated from the giegjéwo-point correlation function,
in which galaxy pairs are defined by their separations ptegeonto the plane perpendicular to
the line of sight so that it is not affected by using redstsftisstance (see Chapt? for details).
Fig. 2.37 shows an example of the redshift-space correltioction and the corresponding real-
space correlation function. On scales smaller than aboltpc the real-space correlation
function can well be described by a power law,

&(r)=(r/ro)”", (2.45)

with y ~ 1.8 and with a correlation lengify ~ 5h~*Mpc. This shows that galaxies are strongly
clustered on scales 5h~'Mpc, and the clustering strength becomes weak on scales langgei

T Note that, because of the definition of the two-point catreh function,é (r) has to become negative on large scales.
Therefore, a power-law can only fit the data up to a finite scale
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Fig. 2.37. The two-point correlation function of galaxiesredshift space (left) and real space (right).
The straight line is a power lav§,(r) = (r/ro) Y, with rg = 5.05h~Mpc andy = 1.67. [Based on data
published in Hawkins et al. (2003)]

than~ 10h~'Mpc. The exact values af andrg are found to depend significantly on the prop-
erties of the galaxies. In particular the correlation léngg, defined byé(rg) = 1, is found
to depend on both galaxy luminosity and color in the senseltfighter and redder galaxies
are more strongly clustered than their fainter and bluenterparts (e.g. Norberg et al., 2001,
2002a; Zehavi et al., 2005; Wang et al., 2008).

One can apply exactly the same correlation function aratgsjroups and clusters of galax-
ies. This shows that their two-point correlation functibas a logarithmic slopg, that is similar
to that of galaxies, but a correlation length, which increases strongly with the richness of the
systems in question, from abouh5'Mpc for poor groups to about 20 *Mpc for rich clusters
(e.g. Yang et al., 2005b).

Another way to describe the clustering strength of a cefiajpulation of objects is to calcu-
late the variance of the number counts within randomly-g@ispheres of given radius

1
(V)2

M
o?(r) = S (Ni—Tv)?, (2.46)

1=l

wherenis the mean number density of objedtsy= 4rr3/3, andN; (i = 1, - - -,M) are the number
counts of objects iM randomly-placed spheres. For optically selected galayithsa luminosity

of the order ofL* one finds thatr ~ 1 on a scale of = 8h~Mpc and decreases to~ 0.1 on

a scale of = 30h~!Mpc. This confirms that the galaxy distribution is strongiiomogeneous
on scales ok 8h~1Mpc, but starts to approach homogeneity on significantiydascales.

Since galaxies, groups and clusters all contain large ata@imatter, we expect their spatial
distribution to be related to the mass distribution in thevidrse to some degree. However, the
fact that different objects have different clusteringstyéas makes one wonder if any of them are
actually fair tracers of the matter distribution. The saladiistribution of luminous objects, such
as galaxies, groups and clusters, depends not only on therrdetribution in the Universe, but
also on how they form in the matter density field. Thereforigheut a detailed understanding of
galaxy formation, it is unclear which, if any, populationgslaxies accurately traces the matter
distribution. It is therefore very important to have indegent means to probe the matter density
field.

One such probe is the velocity field of galaxies. The pecuwidocities of galaxies are gen-
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Fig. 2.38. In the limit of weak lensing, the shear field at afims in the sky is proportional to the ellipticity

of the image of a circular source at that position. This phatvgs the mean square of the shear field averaged
within circular regions of given radius), obtained from various observations. The non-zero valfidi®
‘cosmic shear’ are due to gravitational lensing inducedhgyline-of-sight projected mass distribution in
the Universe. The solid curves are theoretical predictiseg§??) and are in good agreement with the
data. [Adapted from Refregier et al. (2002) by permissioAAS]

erated by the gravitational field, and therefore contairfulseformation regarding the matter
distribution in the Universe. In the past, two different treds have been used to extract this
information from observations. One is to estimate the pacuklocities of many galaxies by
measuring both their receding velocities (i.e. redshé#ty] their distances. The peculiar veloci-
ties then follow from Eq. (2.19), which can then be used todrmaut the matter distribution. Such
analyses not only yield constraints on the mean matter teingihe Universe, but also on how
galaxies trace the mass distribution. Unfortunately,alth galaxy redshifts are easy to mea-
sure, accurate distance measurements for a large sampiéaafes are very difficult to obtain,
severely impeding the applicability of this method. Anatheethod, which is more statistical in
nature, extracts information about the peculiar velogité galaxies from a comparison of the
real-space and redshift-space two-point correlationtfans. This method is based on the fact
that an isotropic distribution in real space will appearsatriopic in redshift space due to the
presence of peculiar velocities. Such redshift-spacerdishs are the primary reason why the
redshift-space correlation function has a shape diffefrent that of the real-space correlation
function (see Fig. 2.37). As described in detaik®??, by carefully modeling the redshift space
distortions one can obtain useful constraints on the mdiséribution in the Universe.
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2.7.2 Probing the Matter Field via Weak Lensing

A very promising way to probe the mass distribution in theugnse is through weak gravita-
tional lensing. Any light beam we observe from a distant sednras been deflected and distorted
due to the gravitational tidal field along the line of sighhi§ cumulative gravitational lensing
effect due to the inhomogeneous mass distribution betwagtes and observer is called cosmic
shear, and holds useful information about the statisticghgrties of the matter field. The great
advantage of this technique over the clustering analysisudsed above is that it does not have
to make assumptions about the relation between galaxiesiatidr.

Unless the beam passes very close to a particular overgdénsit a galaxy or cluster), in
which case we are in the strong lensing regime, these daterare extremely weak. Typical
values for the expected shear are of the order of one pernamtgular scales of a few arcminutes,
which means that the distorted image of an intrinsicallgwar source has an ellipticity of @1.
Even if one could accurately measure such a small elligtitie observed ellipticity holds no
information without prior knowledge of the intrinsic eltipity of the source, which is generally
unknown. Rather, one detects cosmic shear via the spatialations of image ellipticities.
The light beams from two distant sources that are close th etiter on the sky have roughly
encountered the same large-scale structure along theg tifisight, and their distortions (i.e.,
image ellipticities) are therefore expected to be coreeléboth in magnitude and in orientation).
Such correlations have been observed (see Fig. 2.38), @adedemodeling of these results
shows that the variance of the matter density field on scédl@&o'Mpc is about 07 - 0.9 (e.g.,
Van Waerbeke et al., 2001), slightly lower than that of thetribution of bright galaxies.

Since the matter distribution around a given galaxy or elustill cause a distortion of its
background galaxies, weak lensing can also be used to phebmatter distributions around
galaxies and clusters. In the case of clusters, one can ofitt a sufficient number of back-
ground galaxies to reliably measure the shear induced byatstational potential. Weak lensing
therefore offers a means of measuring the total gravitatiorass of an individual (massive) clus-
ter. In the case of individual galaxies, however, one tylhides only a few background galaxies
available. Consequently, the weak lensing signal is farveak to detect around individual
galaxies. However, by stacking the images of many foregit@ataxies (for example, according
to their luminosity), one obtains sufficient signal-to-s®io measure the shear, which reflects the
average mass distribution around the stacked galaxies. This tectenis called galaxy-galaxy
lensing, and has been used to demonstrate that galaxiesresarsded by extended dark matter
halos with masses 10 to 100 times more massive than the galisemselves (e.g., Mandelbaum
etal., 2006).

2.8 The Intergalactic Medium

The intergalactic medium (IGM) is the medium that permetitespace in between galaxies. In
the framework laid out in Chapter 1, galaxies form by the gational aggregation of gas in a
medium which was originally quite homogeneous. In this acien the study of the IGM is an
inseparable part of galaxy formation, because it providewith the properties of the gas from
which galaxies form.

The properties of the IGM can be probed observationally $ihission and by its absorp-
tion of the light from background sources. If the medium iffisiently dense and hot, it can
be observed in X-ray emission, as is the case for the inssumedium described i§2.5.1.
However, in general the density of the IGM is too low to progldetectable emission, and its
properties have to be determined from absorption studies.



2.8 The Intergalactic Medium 87

2.8.1 The Gunn-Peterson Test

Much information about the IGM has been obtained throughhsorption of light from distant
guasars. Quasars are not only bright, so that they can bevellsaut to large distances, but also
have well-behaved continua, against which absorption esemlalyzed relatively easily. One of
the most important tests of the presence of intergalactitraehydrogen was proposed by Gunn
& Peterson (1965). The Gunn-Peterson test makes use of ¢héhéet the Lyr absorption of
neutral hydrogen at, = 1216A has a very large cross section. When the ultraviolet comtin

of a distant quasar (assumed to have redshiftis shifted to 1216\ at some redshifz < 70,
the radiation would be absorbed at this redshift if thereenmren a small amount of neutral
hydrogen. Thus, if the Universe were filled with a diffusetidition of neutral hydrogen,
photons bluer than Ly would be significantly absorbed, causing a significant deerd of flux

in the observed quasar spectrum at wavelengths shorter(thadg)Aq. Using the hydrogen
Lya cross section and the definition of optical depth (see Ch&xdor details), one obtains
that the proper number density of HI atoms obeys

Nhi (2) ~ 2.42x 1071 (2)hH (2) /Hocm ™3, (2.47)

whereH (z) is Hubble’s constant at redshiftandr () is the absorption optical depth outzthat
can be determined from the flux decrements in quasar spéatiservations show that the &ty
absorption optical depth is much smaller than unity ot £06. The implied density of neutral
hydrogen in the diffuse IGM is thus much lower than the meadgmsity in the Universe (which
is about 107 cm~3). This suggests that the IGM must be highly ionized at rdtishic 6.

As we will show in ChapteR?, the IGM is expected to be highly neutral after recombina-
tion, which occurs at a redshift~ 1000. Therefore, the fact that the IGM is highly ionized at
z~ 6 indicates that the Universe must have undergone some trhas@ion, from being largely
neutral to being highly ionized, a process called reiofzatlt is generally believed that pho-
toionization due to energetic photons (with energies allogdyman limit) are responsible for
the reionization. This requires the presence of effectimiters of UV photons at high redshifts.
Possible candidates include quasars, star-forming gedad the first generation of stars. But
to this date the actual ionizing sources have not yet beentifil, nor is it clear at what red-
shift reionization occurred. The highest redshift quasisovered to date, which are close to
z= 6.5, show almost no detectable flux at wavelengths shorter(tharz)A, (Fan et al., 2006).
Although this seems to suggest that the mass density ofaldwtdrogen increases rapidly at
around this redshift, it is not straightforward to convertls flux decrements into an absorption
optical depth or a neutral hydrogen fraction, mainly beeaarsyt >> 1 can result in an almost
complete absorption of the flux. Therefore it is currentlif ahclear whether the Universe be-
came (re-)ionized at a redshift just above 6 or at a signifigdrigher redshift. At the time of
writing, several facilities are being constructed that wttempt to detect 21cm line emission
from neutral hydrogen at high redshifts. It is anticipatkdttthese experiments will shed im-

portant light on the detailed reionization history of theikdmse, as we discuss in some detail in
8?7

2.8.2 Quasar Absorption Line Systems

Although the flux blueward ofl + Zg) A4 is not entirely absorbed, quasar spectra typically reveal
alarge number of absorption lines in this wavelength rasge Fig. 2.39). These absorption lines
are believed to be produced by intergalactic clouds thgp&apo lie along the line of sight from
the observer to the quasar, and can be used to probe the fespéthe IGM. Quasar absorption
line systems are grouped into several categories:
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Table 2.8.Properties of Common Absorption Linesin Quasar Spectra.

System: logNw i /ecm™2)  b/(kms™Y)  Z/Zs  1og(Nui/NR)
Lya forest 125-17 15-40 <001 <-3
Lyman limit > 17 ~ 100 ~0.1 > -2
sub-DLA 19-20.3 ~ 100 ~0.1 >-1
DLA > 203 ~ 100 ~0.1 ~0
Clv > 155 ~ 100 ~0.1 > -3
Mgll > 17 ~ 100 ~0.1 > -2

Table 2.9. Redshift Evolution of Quasar Absorption Line Systems.

System: z-range y Reference

Lya forest 20-40 ~25 Kim et al. (1997)

Lya forest 0.0-1.5 ~0.15 Weymann et al. (1998)
Lymanlimit 0.3-4.1 ~15  Stengler-Larrea et al. (1995)
DampedLyr 0.1-47 ~13  Storrie-Lombardi et al. (1996a)
CIv 1.3-34 ~—-12 Sargentetal. (1988)

Mgll 0.2-2.2 ~0.8 Steidel & Sargent (1992)
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Fig. 2.39. The spectrum of a QSO that reveals a large numbabsairption lines due to the IGM. The
strongest peak at 5423is the emission line due to loy at a rest-frame wavelength of 1246 The nu-
merous absorption lines at< 5473A make up the Lyr forest which is due to Ly absorption of neutral
hydrogen clouds between the QSO and the Earth. The break@f44 due to a Lyman limit cloud which
is optically thick at the hydrogen Lyman edge (rest-frameeilength of 912.). The relatively sparse lines
to the right of the Lyr emission line are due to absorption by metal atoms assdaieth the absorbing
clouds. [Adapted from Songaila (1998) by permission of AAS]
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e Lya forest: These are narrow lines produced by Hblgbsorption. They are numerous and
appear as a ‘forest’ of lines blueward of thedLgmission line of a quasar.

e Lyman-limit systems (LLS): These are systems with HI coludemsitiesNy > 10" cm2,

at which the absorbing clouds are optically thick to the Lyrtianit photons (9123\). These
systems appear as continuum breaks in quasar spectra atigiefted wavelengttil + z,) x
912A, wherez, is the redshift of the absorber.

e Damped Lyr systems (DLAS): These systems are produced by Hi Bpsorption of gas
clouds with HI column densitied\ > 2 x 10?%cm~2. Because the Ly absorption optical
depth at such column densities is so large, the quasar comtipphotons are completely ab-
sorbed near the line center and the line profile is dominayetid damping wing due to the
natural (Lorentz) broadening of the absorption line. DLAgweolumn densities in the range
10°%cm 2 < Ny < 2 x 10?%cm~2 also exhibit damping wings, and are sometimes called sub-
DLAs (Péroux et al., 2002). They differ from the largely traliDLASs in that they are still
significantly ionized.

e Metal absorption line systems: In addition to the hydrogksoaption line systems listed
above, QSO spectra also frequently show absorption linest@unetals. The best known
examples are Mgll systems and CIV systems, which are caus#telstrong resonance-line
doublets MgIAA27962800 and CIM A1548 1550, respectively. Note that both doublets
have restframe wavelengths longer thap, = 1216A. Consequently, they can appear on the
red side of the Lyt emission line of the QSO, which makes them easily identifidlglcause
of the absence of confusion from thed jorest.

Note that a single absorber may be detected as more than sagtibn system. For example,
an absorber a; may be detected as a Hl fiyline atA = (14 z) 1216A, as a CIV system at
A = (1+12,) x 15484, if it has a sufficiently large abundance of CIV ions, and agman-limit
system af\ = (1+z,) x 9124 if its HI column density is larger thar 107cm2,

In addition to the most common absorption systems listed@bather line systems are also
frequently identified in quasar spectra. These include lmization lines of heavy elements,
such as ClII, Mgl, Fell etc, and the more highly ionized lingsch as SilV and NV. Highly-
ionized lines such as OVI and OVII are also detected in the b/ ar X-ray spectra of quasars.
Since the ionization state of an absorbing cloud depends damperature, highly-ionized lines,
such as OVl and OVII, in general signify the existence of hol (°K) gas, while low-ionization
lines, such as HI, Cll and Mgll, are more likely associatethwelatively cold & 10°K) gas.

For a given quasar spectrum, absorption line systems amnéfidd by decomposing the spec-
trum into individual lines with some assumed profiles (e.ge Yoigt profile, seg??). By
modeling each system in detail, one can in principle obtainélumn densityh-parameter (de-
fined asb = /20, whereo is the velocity dispersion of the absorbing gas), ionizattate,
and temperature. If both hydrogen and metal systems aretddie®ne may also estimate the
metallicity of the absorbing gas. Table 2.8 lists the typiedues of these quantities for the most
commonly detected absorption systems mentioned above.

The evolution of the number of absorption systems is desdrity the number of systems per
unit redshift, d4"/dz, as a function of. This relation is usually fitted by a power law/d/dz 0
(1+2z)Y, and the values of for different systems are listed in Table 2.9. The distiitnuiof
absorption line systems with respect to the Hl-column dgrisishown in Fig.2.40. Over the
whole observed range, this distribution follows roughlyaver law, d4 /dNy O N[”B, with
B~ 15.
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Fig. 2.40. The HI column density distribution of QSO absmmptine systems. Here# (Ny) is defined
as the number of absorption lines per unit column densityupé X (which is a quantity that is related

to redshift according to Eq?P]). The solid line corresponds t& (Ny) O N5 246, which fits the data
reasonably well over the full 10 orders of magnitude in caludensity. [Based on data published in
Petitjean et al. (1993) and Hu et al. (1995)]

From the observed column density distribution, one canmedé the mean mass density of
neutral hydrogen that is locked up in quasar absorptionsystems:

d\* a2
pri(2) = (d_z) mH/NHI Ny dZdNHIa (2.48)

where d/dz is the physical length per unit redshift a(see§??). Given that d4"/dNy, is a
power law with index~ —1.5, py, is dominated by systems with the highBisg, i.e. by damped
Ly a systems. Using the observed HI-column density distrilmytime infers that about 5% of the
baryonic material in the Universe is in the form of HI gaz at 3 (e.g., Storrie-Lombardi et al.,
1996b). In order to estimate the total hydrogen mass deasgyciated with quasar absorption
line systems, however, one must know the neutral fractip/Ny, as a function oNy. This
fraction depends on the ionization state of the IGM. Dethitendeling shows that the kyforest
systems are highly ionized, and that the main contributictné total (neutral plus ionized) gas
density comes from absorption systems whily ~ 10"cm 2. The total gas mass density at
z~ 3 thus inferred is comparable to the total baryon densithéUniverse (e.g., Rauch et al.,
1997; Weinberg et al., 1997).

Quasar absorption line systems with the highest HI colunmsities are expected to be gas
clouds in regions of high gas densities where galaxies ard stay form. It is therefore not
surprising that these systems contain metals. Obsergatibdamped Ly systems show that
they have typical metallicities about 1/10 of that of the $%eugy., Pettini et al., 1990; Kulkarni
et al., 2005), lower than that of the ISM in the Milky Way. Tisisggests that these systems may
be associated with the outer parts of galaxies, or with gadair which only a small fraction of
the gas has formed stars. More surprising is the finding theet nif not all, of the Lyx forest
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lines also contain metals, although the metallicities &megally low, typically about 11000 to
1/100 of that of the Sun (e.g. Simcoe et al., 2004). There is sodieation that the metallicity
increases with HI column density, but the trend is not strojnce star formation requires
relatively high column densities of neutral hydrogen (sémajiter??), the metals observed in
absorption line systems with low HI-column densities mi&ly originate from, and have been
expelled by, galaxies at relatively large distances.

2.9 The Cosmic Microwave Background

The cosmic microwave background (CMB) was discovered byRsmand Wilson in 1965 when
they were commissioning a sensitive receiver at centinved@elengths in Bell Telephone Lab-
oratories. It was quickly found that this radiation backgrd was highly isotropic on the sky
and has a spectrum close to that of a blackbody with a temperaf about 3K. The existence
of such a radiation background was predicted by Gamow, baiséds model of a hot big bang
cosmology (seg1.4.2), and it therefore did not take long before the cosgiold significance
of this discovery was realized (e.g., Dicke et al., 1965).

The observed properties of the CMB are most naturally empthin the standard model of
cosmology. Since the early Universe was dense, hot andyhighized, photons were absorbed
and re-emitted many times by electrons and ions and so ab@dgkspectrum could be estab-
lished in the early Universe. As the Universe expanded awtedoand the density of ionized
material dropped, photons were scattered less and less arfiet eventually could propagate
freely to the observer from a last-scattering surface,riting the blackbody spectrum.

Because the CMB is so important for our understanding of thuetire and evolution of the
Universe, there have been many attempts in the 1970s and 1®8®tain more accurate mea-
surements of its spectrum. Since the atmospheric emissiguite close to the peak wavelength
of a 3K blackbody spectrum, most of these measurements \aeried out using high-altitude
balloon experiments (for a discussion of early CMB experitagsee Partridge, 1995).

A milestone in CMB experiments was the launch by NASA in Nobeml 989 of the Cosmic
Background Explorer (COBE), a satellite devoted to aceuna¢asurements of the CMB over
the entire sky. Observations with the Far InfraRed Absofpectrophotometer (FIRAS) on
board COBE showed that the CMB has a spectrum that is pgriemtisistent with a blackbody
spectrum, to exquisite accuracy, with a temperalure2.728+ 0.002K. As we will see ir§??
the lack of any detected distortions from a pure blackbodeBpm puts strong constraints on
any processes that may change the CMB spectrum after it watslished in the early Universe.

Another important observational result from COBE is theedgon, for the first time, of
anisotropy in the CMB. Observations with the Differentiaidkbwave Radiometers (DMR) on
board COBE have shown that the CMB temperature distribusitsighly isotropic over the sky,
confirming earlier observational results, but also revealmall temperature fluctuations (see
Fig.2.41). The observed temperature map contains a compof@nisotropy on very large
angular scales, which is well described by a dipole distidouover the sky,

T(a)=To (1+%cosa), (2.49)

whereq is the angle of the line of sight relative to a specific directi This component can be
explained as the Doppler effect caused by the motion of ththEeith a velocityv = 369+
3kms! towards the directiofl, b) = (264.31° 4+ 0.20°,48.05° + 0.10°) in Galactic coordinates
(Lineweaver et al., 1996). Once this dipole component isragted, the map of the temperature
fluctuations looks like that shown in the lower left panel @f.R2.41. In addition to emission



92 Observational Facts
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Fig. 2.41. Temperature maps of the CMB in galactic coordimafThe three panels on the left show the
temperature maps obtained by the DMR on board the COBE isa{€burtesy of NASA Goddard Space

Flight Center]. The upper panel shows the near-uniformithhe CMB brightness; the middle panel is the
map after subtraction of the mean brightness, showing fh@e&lcomponent due to our motion with respect
to the background; and the bottom panel shows the temperfitigtuations after subtraction of the dipole
component. Emission from the Milky Way is evident in the bottimage. The two right panels show the
temperature maps observed by WMAP from the first year of dadaiftesy of WMAP Science Team], one

is from the 41 GHz channel and the other is a linear combinaifdb channels. Note that the large-scale
temperature fluctuations in the COBE map at the bottom aeelglseen in the WMAP maps, and that the
WMAP angular resolution (about®) is much higher than that of COBE (abouif)7

from the Milky Way, it reveals fluctuations in the CMB temptena with an amplitude of the
order of AT /T ~2x 1075,

Since the angular resolution of the DMR is aboit TOBE observations cannot reveal
anisotropy in the CMB on smaller angular scales. Following tletection by COBE, there
have been a large number of experiments to measure smallGb&B anisotropies, and many
important results have come out in recent years. Thesedathe results from balloon-borne ex-
periments such as Boomerang (de Bernardis et al., 2000) arohid (Hanany et al., 2000), from
ground-based interferometers such as the Degree Angudde 8derferometer (DASI; Halver-
son et al., 2002) and the Cosmic Background Imager (CBI; Magaal., 2002), and from an
all-sky satellite experiment called the Wilkinson MicrowegAnisotropy Probe (WMAP; Bennett
et al., 2003; Hinshaw et al., 2007). These experiments hamaded us with extremely detailed
and accurate maps of the anisotropies in the CMB, such aslitgihed by WMAP shown in the
right panels of Fig. 2.41.

In order to quantify the observed temperature fluctuatianspmmon practice is to expand
the map in spherical harmonics,

AT T(S,¢)
—(

9.6) ——:ilzg%mwmm. (2.50)

T

The angular power spectrum, definedCas= (|a;m|2)¥/? (where(- - -) denotes averaging oven),
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Fig. 2.42. The angular power spectru@, of the CMB temperature fluctuations in the WMAP full-sky
map. This shows the relative brightness of the ‘spots’ in@h4B temperature map vs. the size of the
spots. The shape of this curve contains a wealth of infoomabout the geometry and matter content of
the Universe. The curve is the model prediction for the fiest€DM cosmology. [Adapted from Hinshaw
et al. (2007) by permission of AAS]

can be used to represent the amplitudes of temperaturedtiona on different angular scales.
Fig. 2.42 shows the temperature power spectrum obtainebdebYMMAP satellite. As one can
see, the observet as a function of shows complex features. These observational results are
extremely important for our understanding of the strucforenation in the Universe. First of
all, the observed high degree of isotropy in the CMB givesrgirsupport for the assumption of
the standard cosmology that the Universe is highly homogenand isotropic on large scales.
Second, the small temperature fluctuations observed inMi2 &e believed to be caused by the
density perturbations at the time when the Universe beceansparent to CMB photons. These
same density perturbations are thought to be responsibkaddformation of structures in the
Universe. So the temperature fluctuations in the CMB may bk tsinfer the properties of the
initial conditions for the formation of galaxies and oth&ustures in the Universe. Furthermore,
the observations of CMB temperature fluctuations can alsosee to constrain cosmological
parameters. As we will discuss in detail in Chap®ér the peaks and valleys in the angular
power spectrum are caused by acoustic waves present asthtecddtering surface of the CMB
photons. The heights (depths) and positions of these peaksy(s) depend not only on the den-
sity of baryonic matter, but also on the total mean densithefUniverse, Hubble’s constant and
other cosmological parameters. Modeling the angular pewectrum of the CMB temperature
fluctuations can therefore provide constraints on all o§¢heosmological parameters.
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2.10 The Homogeneous and Isotropic Universe

As we will see in Chapte??, the standard cosmological model is based on the ‘Cosnuabgi
Principle’ according to which the Universe is homogeneauskiaotropic on large scales. As we
have seen, observations of the CMB and of the large-scat@abgtribution of galaxies offer
strong support for this cosmological principle. Since adaw to Einstein’s General Relativity
the spacetime geometry of the Universe is determined by #itendistribution in the Universe,
this large-scale distribution of matter has important icgtions for the large-scale geometry of
spacetime.

For a homogeneous and isotropic universe, its global ptigsdsuch as density and pressure)
at any time must be the same as those in any small volume. Titigsaone to study the global
properties of the Universe by examining the properties ahallsvolume within which Newto-
nian physics is valid. Consider a (small) spherical regibfixed massM. Since the Universe
is homogeneous and isotropic, the radiusf the sphere should satisfy the following Newtonian
equationt

. GM

Note that, because of the homogeneity, there is no forcealpeessure gradients and that only
the mass within the sphere is relevant for the motioR.of his follows directly from Birkhoff's
theorem, according to which the gravitational acceleragivany radius in a spherically symmet-
ric system depends only on the mass within that radius. Forem@/, the above equation can
be integrated once to give

1. GM

R _—E

2 R ’
whereE is a constant, equal to the specific energy of the spheriedll $tor simplicity, we write
R = a(t)Ry, whereR, is independent df. It then follows that

(2.52)

& 8nGp Kc?

2 3~ 2 (2.53)
wherep is the mean density of the Universe afid= —2E /(cRy)2. UnlessE = 0, which corre-
sponds tK = 0, we can always choose the valueRafso that|K| = 1. So definedK is called
the curvature signature, and takes the vajde 0, or—1. With this normalization, the equation
for ais independent df1. As we will see in Chapte??, Eq. (2.53) is identical to the Friedmann
equation based on General Relativity. For a universe damirtay a non-relativistic fluid, this is
not surprising, as it follows directly from the assumptidtnomogeneity and isotropy. However,
as we will see in Chapte??, it turns out that Eqg. (2.53) also holds even if relativistiatter
and/or the energy density associated with the cosmologicetant are included.

The quantitya(t) introduced above is called the scale factor, and desctiteesttange of the
distance between any two points fixed in the cosmologicatdgpaxind. If the distance between
a pair of points id; at timet;, then their distance at some later titags related td, through
I, =lja(ty)/a(ty). It then follows that at any timethe velocity between any two (comoving)
points can be written as

| =[at)/am), (2.54)
wherel is the distance between the two points at titm€hus,a > 0 corresponds to an expanding

t Aswe will see in Chapte??, in General Relativity it is the combination of energy déngiand pressurg, p+3P/c?,
instead ofp, that acts as the source of gravitational acceleration.refbee, Eq. (2.51) is not formally valid, even
though Eg. (2.53), which derives from it, happens to be cbrre
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universe, whilea'< 0 corresponds to a shrinking universe; the Universe iscatatly whena'= 0.
The ratioa/a evaluated at the present ting, is called the Hubble constant,

Ho=4&p/ap, (2.55)

whereap = a(to), and the relation between velocity and distarice, Hol, is known as Hub-
ble’s expansion law. Another quantity that characteriresdxpansion of the Universe is the
deceleration parameter, defined as

Qo= 7% . (2.56)
This quantity describes whether the expansion rate of thiedise is acceleratingyg < 0) or
deceleratingdp > 0) at the present time.

Because of the expansion of the Universe, waves propagatiig Universe are stretched.
Thus, photons with a wavelengthemitted at an earlier timewill be observed at the present
timetp with a wavelength\gps= Aap/a(t). Sinceap > a(t) in an expanding univers@gps > A
and so the wavelength of the photons is redshifted. The ahwduedshiftz between time and
to is given by

=205 1= 1. (2.57)

Note thata(t) is a monotonically increasing function 6fin an expanding universe, and so
redshift is uniquely related to time through the above equat If an object has redshif,
i.e. its observed spectrum is shifted to the red relativéstodast-frame (intrinsic) spectrum by
AX = Agps— A = ZA, then the photons we observe today from the object were lactraitted
at a timet that is related to its redshiftby Eq. (2.57). Because of the constancy of the speed of
light, an object’s redshift can also be used to infer itsadise.

From Eqg. (2.53) one can see that the valu&a$ determined by the mean densgy at the
present timég and the value of Hubble’s constant. Indeed, if we define &atitensity

3H3
Perito = W(Oy (2.58)
and write the mean density in terms of the density parameter,
Qo =Po/Perit0; (2.59)

thenK = H2a3(Qo—1). SoK = —1, 0 and+1 corresponds t@q < 1,= 1 and> 1, respectively.
Before discussing the matter content of the Universe, itustrative to write the mean density
as a sum of several possible components:

(i) non-relativistic matter whose (rest-mass) energy dgehanges apm 0 a3,
(i) relativistic matter (such as photons) whose energysitgrthanges ag; 0 a~* (the num-
ber density changes as?® while energy is redshifted accordingao?),
(iii) vacuum energy, or the cosmological constAnwhose densityps = c2A/8nG is a con-
stant.

Thus,
Qo= Qmo+Qro+Qnp, (2.60)
and Eq. (2.53) can be written as
a

(—) i =HZE%(2), (2.61)

a
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where

1/2

E(2) = [Qao0+ (1-Q0)(1+2)%+ Qmo(1+2)3+ Qro(1+2)*] (2.62)

with z related toa(t) by Eq. (2.57). In order to solve fa(t), we must know the value dfly
and the energy (mass) contef¥:(o, Q 0, Qn o) at the present time. The deceleration parameter
defined in Eq. (2.56) is related to these parameters by

Q
Go= "5 +Qro— Qno- (2.63)

A particularly simple case is the Einstein-de Sitter modethichQmo=1,Q;0=Qa0=0
(and sogo = 1/2). It is then easy to show thaft) O t2/3. Another interesting case is a flat model
in which Qm o+ Qa0 =1 andQ; o = 0. In this casegp = 3Qmo/2— 1, so thatyy < O (i.e. the
expansion is accelerating at the present tim@ifo < 2/3.

2.10.1 The Determination of Cosmological Parameters

As shown above, the geometry of the Universe in the standad®his specified by a set of cos-
mological parameters. The values of these cosmologicahpeters can therefore be estimated
by measuring the geometrical properties of the Universee Sthrting point is to find two ob-
servables that are related to each other only through thegeizal properties of the Universe.
The most important example here is the redshift-distarletioa. As we will see in Chapte??,
two types of distances can be defined through observatiaraitijies. One is the luminosity
distancegd, , which relates the luminosity of an objett,to its flux, f, according td. = 4md?f.
The other is the angular-diameter distartg, which relates the physical size of an objéztto
its angular sized, viaD = da6. In general, the redshift-distance relation can formadlynlitten
as

cz
= o

whered stands either fod, or da, and by definition#y <« 1 for z<« 1. For redshifts much
smaller than 1, the redshift-distance relation reducelsddubble expansion laez = Hod, and

so the Hubble constaiity can be obtained by measuring the redshift and distance obj@ato
(ignoring, for the moment, that objects can have peculilmorges). Redshifts are relatively easy
to obtain from the spectra of objects, andh 1.3 we have seen how to measure the distances
of a few classes of astronomical objects. The best estinfdte diubble constant at the present
comes from Cepheids observed by the HST, and the result is

Ho = 10thkms *Mpc™t, with h=0.72+0.08 (2.65)

(Freedman et al., 2001).

In order to measure other cosmological parameters, on@ltktdrmine the non-linear terms
in the redshift-distance relation, which typically reqsobjects at > 1. For example, measur-
ing the light curves of Type la supernovae outte 1 has yielded the following constraints

0.8Qmo—0.6Qp0~ —-0.2+0.1 (2.66)

d(z) [l+ Fd(z Qm,O, Q/\,o, .- )] , (2.64)

(e.g., Perlmutter et al., 1999). Using Eq. (2.63) and neigle€, o because it is small, the above
relation givegjp ~ —0.33— 0.83Qnm 0. SinceQm > 0, we havayg < 0, i.e. the expansion of the
Universe is speeding up at the present time.

Important constraints on cosmological parameters carb@sitained from the angular spec-
trum of the CMB temperature fluctuations. As shown in Fig22thhe observed angular spectrum
C, contains peaks and valleys, which are believed to be pratiucacoustic waves in the baryon-
photon fluid at the time of photon-matter decoupling. As wk sé@e in§??, the heights/depths
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and positions of these peaks/valleys depend not only onehsity of baryonic matter in the
Universe, but also on the total mean density, Hubble’s eomstind other cosmological parame-
ters. In particular, the position of the first peak is sewsitb the total density paramet@g (or
the curvatur&). Based on the observational results shown in Fig. 2.42pbteins

Qo=102+002;  Qpoh?=0.14+0.02;
h=072+0.05;  Quoh?=0.024+0.001, (2.67)

whereQmo andQp o are the density parameters of total matter and of baryonttemaespec-
tively (Spergel et al., 2007). Note that this implies tha tniverse has an almost flat geometry,
that matter accounts for only about a quarter of its totatgyndensity, and that baryons account
for only ~ 17 percent of the matter.

2.10.2 The Mass and Energy Content of the Universe

There is a fundamental difficulty in directly observing thasa (or energy) densities in different
mass components: all that is gold does not glitter. Therewelexist matter components with
significant mass density which give off no detectable raaliat The only interaction which all
components are guaranteed to exhibit is gravity, and thagitgtional effects must be studied
if the census is to be complete. The global gravitationaatffs the curvature of spacetime
which we discussed above. Independent information on theuatrof gravitating mass can
only be derived from the study of the inhomogeneities in thé/erse, even though such studies
may never lead to an unambiguous determination of the tcatlemcontent. After all, one can
imagine adding a smooth and invisible component to any atrafimhomogeneously distributed
mass, which would produce no detectable effect on the inlgemeities.

The most intriguing result of such dynamical studies has llee demonstration that the total
mass in large-scale structures greatly exceeds the ambmaterial from which emission can be
detected. This unidentified ‘dark matter’ (or ‘invisible tt&’) is almost certainly the dominant
contribution to the total mass densi@m . Its nature and origin remain one of the greatest
mysteries of contemporary astronomy.

(a) Relativistic Components One of the best observed relativistic components of the &fae/
is the CMB radiation. From its blackbody spectrum and terapee, Tcms = 2.73K, it is easy
to estimate its energy density at the present time:

pyo~47x103*gem 3, or Q,0=25x10°h2. (2.68)

As we have seen in Fig. 2.2, the energy density of all othewknghoton backgrounds is much
smaller. The only other relativistic component which is asincertainly present, although not
yet directly detected, is a background of neutrinos. As wlésee in ChapteR?, the energy
density in this component can be calculated directly froenstandard model, and it is expected
to be 0.68 times that of the CMB radiation. Since the totatgyndensity of the Universe at the
present time is not much smaller than the critical densige (ast subsection), the contribution
from these relativistic components can safely be ignoréavatedshift.

(b) Baryonic Components Stars are made up of baryonic matter, and so a lower limit on
the mass density of baryonic matter can be obtained by etstignthe mass density of stars
in galaxies. The mean luminosity density of stars in gakx@n be obtained from the galaxy
luminosity function (se€2.4.1). In theB-band, the best-fit Schechter function parameters are
a~—12,¢ ~12x102h3Mpc—2 and.#* ~ —20.05+ 5logh (corresponding th* = 1.24 x
10%2L.,), so that

L ~2x10°hL, Mpc 3. (2.69)
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Dividing this into the critical density leads to a value fbetmass per unit observed luminosity
of galaxies required for the Universe to have the criticaisity. This critical mass-to-light ratio

IS
M - M.
(_) _ Perit  150m (—“) . (2.70)
L B, crit B Lo /B

Mass-to-light ratios for the visible parts of galaxies carelstimated by fitting their spectra with
appropriate models of stellar populations. The resultirggsrto-light ratios tend to be in the
range of 2to 10M/L). AdoptingM/L =5(Mg /L) as a reasonable mean value, the global
density contribution of stars is

Q,0~ 0001 (2.71)

Thus, the visible parts of galaxies provide less than oneguerof the critical density. In fact,
combined with the WMAP constraints dy, o and the Hubble constant, we find that stars only
account for less than 10 percent of all baryons.

So where are the other 90 percent of the baryons? At low ritgistie baryonic mass locked
up in cold gas (either atomic or molecular), and detectdteitia emission or absorption, only
accounts for a small fractio)¢olq ~ 0.0005h~1 (Fukugita et al., 1998). A larger contribution
is due to the hot intracluster gas observed in rich galaxgtels through their bremsstrahlung
emission at X-ray wavelength§.5.1). From the number density of X-ray clusters and their
typical gas mass, one can estimate that the total amount gélsan clusters is abo(@p; )¢ ~
0.0016n~%/2 (Fukugita et al., 1998). The total gas mass in groups of iedds uncertain. Based
on X-ray data, Fukugita et al. obtain€dj )group~ 0.003h~%/2. However, the plasma in groups
is expected to be colder than that in clusters, which makewit difficult to detect in X-ray
radiation. Therefore, the low X-ray emissivity from groupay also be due to low temperatures
rather than due to small amounts of plasma. Indeed, if wenasshat the gas/total mass ratio
in groups is comparable to that in clusters, then the totahgass in groups could be larger by a
factor of two to three. Even then, the total baryonic maseatet in stars, cold gas and hot gas
only accounts for less than 50 percent of the total baryomisminferred from the CMB.

The situation is very different at higher redshifts. As dissed irg2.8, the average density of
hydrogen inferred from quasar absorption systens~aB is roughly equal to the total baryon
density as inferred from the CMB data. Hence, although wenseehave detected the majority
of all baryons arz ~ 3, at low redshifts roughly half of the expected baryonic sriasinaccounted
for observationally. One possibility is that the gas hasdesated to temperatures in the range
10° — 10PK at which it is very difficult to detect. Indeed, recent ob&gions of OVI absorption
line systems seem to support the idea that a significantdracf the IGM at low redshift is part
of such a Warm-Hot Intergalactic Medium (WHIM), whose onighay be associated with the
formation of large-scale sheets and filaments in the maigéilalition (see Chaptét?).

An alternative explanation for the ‘missing baryons’ isttadarge fraction of the gas detected
atz ~ 3 has turned into ‘invisible’ compact objects, such as browarfs or black holes. The
problem, though, is that most of these objects are steltanamts, and their formation requires
a star formation rate between= 3 andz = 0 that is significantly higher than normally assumed.
Not only is this inconsistent with the observation of thelglbstar formation history of the
Universe (se¢2.6.8), but it would also result in an over-production of alet This scenario
thus seems unlikely. Nevertheless, some observationd¢eee, albeit controversial, does exist
for the presence of a population of compact objects in thie dalo of our Milky Way. In 1986
Bohdan Paczynski proposed to test for the presence of weasminpact halo objects (MACHOSs)
using gravitational lensing. Whenever a MACHO in our MilkyaWhalo moves across the line-
of-sight to a background star (for example, a star in the LMOWYill magnify the flux of the
background star, an effect called microlensing. Becausbeofelative motion of source, lens
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and observer, this magnification is time-dependent, givieg to a characteristic light curve
of the background source. In the early 1990s two collabonat{MACHO and EROS) started
campaigns to monitor millions of stars in the LMC for a peraddeveral years. This has resulted
in the detection of about 20 events in total. The analysihbyMACHO collaboration suggests
that about 20 percent of the mass of the halo of the Milky Wayl@aonsist of MACHOs with

a characteristic mass ef 0.5M, (Alcock et al., 2000). The nature of these objects, however,
is still unclear. Furthermore, these results are incoastsvith those obtained by the EROS
collaboration, which obtained an upper limit for the haloss&raction in MACHOSs of 8 percent,
and rule out MACHOs in the mass rangé& 10~'M., < M < 15M, as the primary occupants
of the Milky Way Halo (Tisserand et al., 2007).

(c) Non-Baryonic Dark Matter As is evident from the CMB constraints given by Eq. (2.67)
on Qmo andQyp, baryons can only account fer 15 — 20 percent of the total matter content
in the Universe. And this is supported by a wide range of olzgEms. As we will see in the
following chapters, constraints from a number of other mea®ents, such as cosmic shear, the
abundance of massive clusters, large-scale structurgharnukculiar velocity field of galaxies,
all agree thaQn g is of the order of B. At the same time, the total baryonic matter density
inferred from CMB observations is in excellent agreemerihvindependent constraints from
nucleosynthesis and the observed abundances of primetdrakents. The inference is that the
majority of the matter in the Universe (75 to 80 percent) nfagsin some non-baryonic form.

One of the most challenging tasks for modern cosmology igterchine the nature and origin
of this dark matter component. Particle physics in prireigllows for a variety of candidate
particles, but without a direct detection it is and will bdfidult to discriminate between the
various candidates. One thing that is clear from obsematie that the distribution of dark
matter is typically more extended than that of the luminoaster. As we have seen above, the
mass-to-light ratios increase frah/L ~ 30h(M/L)., at a radius of about 39 ‘kpc as inferred
from the extended rotation curves of spiral galaxied/h. ~ 10ch(M /L), at the scale of a few
hundred kpc, as inferred from the kinematics of galaxiesraupgs, toM/L ~ 350h(M /L) in
galaxy clusters, probing scales of the order of 1Mpc. Thigtavalue is comparable to that of
the Universe as a whole, which follows from multiplying théical mass-to-light ratio given by
Eq. (2.70) withQnm, and suggests that the content of clusters, which are tgedtwirialized
structures known, is representative of that of the entiréige.

All these observations support the idea that galaxies edgriéxtended halos of dark matter.
This in turn puts some constraints on the nature of the dattemaamely that it has to be rela-
tively cold (i.e., it needs to have initial peculiar veldes that are much smaller than the typical
velocity dispersion within an individual galaxy). This doless is required because otherwise the
dark matter would not be able to cluster on galactic scalésrto the dark halos around galaxies.
Without a better understanding of the nature of the darkenaite have to live with the vague
term, cold dark matter (or CDM), when talking about the maassmcomponent of the Universe.

(d) Dark Energy As we have seen above, the observed temperature fluctuatitims CMB
show that the Universe is nearly flat, implying that the menergy density of the Universe
must be close to the critical densify,;. However, studies of the kinematics of galaxies and of
large-scale structure in the Universe give a mean masstyehat is only about 1/4 to 1/3 of
the critical density, in good agreement with the constsaimtQy, o from the CMB itself. This
suggests that the dominant component of the mass/energgntaf the Universe must have a
homogenous distribution so that it affects the geometrheflniverse but does not follow the
structure in the baryonic and dark matter. An important @beut this dominant component
is provided by the observed redshift-distance relationighfredshift Type la supernovae. As
shown in§2.10.1, this relation implies that the expansion of the drae is speeding up at the
present time. Since all matter, both baryonic and non-bdcydecelerates the expansion of the
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Universe, the dominant component must be an energy compoitamust also be extremely
dark, because otherwise it would have been observed.

The nature of this dark energy component is a complete nyatehe present time. As far
as its effect on the expansion of the Universe is concerhegsimilar to the cosmological con-
stant introduced by Einstein in his theory of General Reilgtto achieve a stationary Universe
(Einstein, 1917). The cosmological constant can be cormsid@s an energy component whose
density does not change with time. As the Universe expahdqpears as if more and more
energy is created to fill the space. This strange propertuéstd its peculiar equation of state
that relates its pressur®, to its energy densityy. In general, we may writ® = wpc?, and so
w = 0 for a pressureless fluid amd= 1/3 for a radiation field (se§??). For a dark energy com-
ponent with constant energy density= —1, which means that the fluid actually gains internal
energy as it expands, and acts as a gravitational sourceawittgative effective mass density
(p+3P/c? = —2p < 0), causing the expansion of the Universe to acceleratedditian to the
cosmological constant, dark energy may also be relateddalardield (with—1 <w < —1/3).
Such a form of dark energy is called quintessence, whiclemifrom a cosmological constant
in that it is dynamic, meaning that its density and equatibstate can vary through both space
and time. It has also been proposed that dark energy has atiayaf state parameter< —1,
in which case it is called phantom energy. Clearly, a measen of the value o will allow
us to discriminate between these different models. Cuyethie value ofw is constrained by
a number of observations to be within a relatively narrongearound-1 (e.g. Spergel et al.,
2007), consistent with a cosmological constant, but algb Wwbth quintessence and phantom
energy. The next generation of galaxy redshift surveys ame Ta supernova searches aim to
constrain the value of to a few percent, in the hope of learning more about the natities
mysterious and dominant energy component of our Universe.
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